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Abstract 

This dissertation is the cronologic story of the PhD project. Starting with a short introduction 
and then presenting the main work done using Spectroscopy and finishing with a description 
of the work done and in progress using Asteroseismology and Interferometry. 

The first work presented is the derivation of stellar parameters, using a spectroscopic method, 
for a sample of metal rich stars. In this first work we already present some ideas on how 
to do this procedure in an automatic way. One important achievement in this PhD project 
was a direct consequence of this quest. We present a new code (ARES) that automatically 
measures equivalent widths of absorption lines in stellar spectra. This new code allows to 
increase dramatically the line lists used and give the possibility to analyse spectra for large 
numbers of stars in an efficient way. The latest spectroscopic work is then presented, where 
ARES was used to derive stellar parameters for 451 solar type stars of one of the HARPS 
GTO planet search samples. These parameters allowed to analyse the statistical properties 
for these stars and compare them to the properties of the few Neptunian planet hosts found. 

We also present a description of the work in progress with interferometry, where we are 
trying to derive direct measurements of the angular diameter for a few of these solar type 
stars. 

A small chapter is presented to explain one possible procedure to derive the radius of a star 
using its seismic properties. Using this procedure we show that it is feasible to achieve 
precisions better that 2-3% for solar-type stars. This is possible when the seismic properties 
of the star are very well determined, and because the radius is strongly correlated with the 
seismic properties almost independently of the physics of the star. 
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Resumo 

Esta disserteção é a história cronológica do projecto de doutoramento. Começando com uma 
pequena introdução seguida da descrição do trabalho desenvolvido em espectroscopia. Fi
nalmente descreve-se o trabalho realizado e em desenvolvimento usando Asteroseismologia 
e Interferometria. 

O primeiro trabalho apresentado é sobre a derivação de parâmetros estelares, usando um 
método espectroscópico, para uma amostra de estrelas ricas em metais. Neste trabalho já são 
apresentadas algumas ideias de como automatizar este processo. Um resultado importante 
obtido durante o Doutoramento foi uma consequência directa desta ideia. Apresenta-se 
um novo código (ARES) que mede larguras equivalentes para riscas de absorção estelares 
de maneira automática. Este novo código permite um aumento significativo do número 
de riscas usadas para a análise eficiente de um maior número de estrelas. No último tra
balho espectroscópico apresentado, usa-se o ARES para derivar parâmetros estelares para 
451 estrelas do tipo solar. Estas estrelas pertencem á amostra HARPS GTO que é usada 
para procura de planetas. Os parâmetros permitem uma analise estatística onde podemos 
comparar as propriedades destas estrelas com as propriedades das estrelas que hospedam 
planetas Neptunianos. 

Apresenta-se também uma descrição do trabalho em desenvolvimente usando interferome
tria, onde se tentar medir directamente o diâmetro angular para algumas das estrelas da 
amostra. 

Finalmente explica-se um possível procedimento para estimear raios de estrelas usando as 
suas propriedades sísmicas. Usando este procedimento mostra-se que é possível de alcançar 
precisões da ordem de 2-3%. Isto é possível quando temos acesso a propriedades sísmicas 
bem determinadas para as estrelas e porque o raio é fortemente correlacionado com estas 
propriedades sísmicas, além de ser quase independente da física da estrela. 
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Résumé 

Cette thèse retrace l'histoire chronologique du doctorat. Nous allons commencer par une 
courte introduction puis continuer sur le travail effectué en utilisant la spectroscopie. Fi-
nallement, nous allons décrire la travail en cours, en utilisant lastéroséismologie et lin-
terférométrie. 

Le premier travail présenté porte sur la dérivation des paramètres stellaires, en utilisant une 
méthode spectroscopique, pour un échantillon d'étoiles riches en métaux. La recherche dune 
méthode automatique pouvant dériver ces paramètres a été une part importante du travail de 
doctorat. Nous présentons un nouveau code, ARES, qui permet de mesurer automatique
ment les largeurs équivalentes des raies d'absorption de spectres stellaires. Ce code permet 
d'augmenter énormément le nombre de raies utilisées et donne la possibilité d'analyser les 
spectres d'un grand nombre d'étoiles de manière efficace. Le dernier travail portant sur 
la spectroscopie est ensuite présenté. Ce dernier consiste en la dérivation de paramètres 
stellaires de 451 étoiles de type solaire du programme HARPS GTO; programme visant la 
recherche dexoplanétes. Ces paramètres ont permis d'analyser les propriétés statistiques de 
ces étoiles et de les comparer avec les quelques étoiles hébergeant des planètes de masse 
neptunienne. 

Nous présentons également le travail en cours, en interférométrie, où nous essayons de 
dériver directement le diamètre angulaire de quelques étoiles de type solaire. 

Un petit chapitre présente une procédure capable d'obtenir le rayon d'une étoile en util
isant ses propriétés sismiques. L'utilisation de cette procédure montre qu'il est possible 
d'atteindre une précision meilleure que 2 à 3% pour des étoiles de type solaire. Cela est 
possible uniquement quand les propriétés sismiques de l'étoile sont très bien déterminées, 
car le rayon est presque indépendant des autres propriétés physiques. 
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Chapter 1 

Introduction 

Astronomy, described by many as the oldest science in the world, inspires and captivates 
the imagination of many people in general. Today, Astronomy stands out as one of the 
most modern and dynamic sciences, using some of the most advanced technologies and 
sophisticated techniques available. We are in an exciting time where technology allows to 
study astronomic objects at the far edge of the Universe and enables the detection of planets 
around other stars. We can begin to answer a fundamental question that fascinates every one 
of us: are we alone in the Universe? 

There is still a lot to be done in order to answer this question. The next step is to find similar 
planets to our own. To achieve this goal we have a long road to cover. We are on a time that 
the detection of planets are mostly done through indirect methods, and it is achieved through 
the observation of their host stars. Therefore we must understand very well the behaviour 
of all types of stars, i.e. we are required to truly know the stars and understand their 
characteristics: are they active with stellar spots; do they have any faint stellar companion; 
etc... All this knowledge is necessary in order to first confirm the detection of planets, and 
also to retrieve information about the local environment of the discovered planet. 

The motivation for the study of stars is a lot more than their connection to the hosted 
planets. Knowing the stars is knowing ourselves, and everything that surround us. This 
applies to the little things in our backyard, to our entire planet, our galaxy and the rest of 
the known Universe. Everything we see is composed by material that had its origins inside 
stars. Moreover, we must always remember that we are still dependent on a star to live, our 
own Sun. Everything that can affect or evolve in our star, will affect our lives directly. 

Deeply knowing the stars is not an easy task. Apart from the Sun, the other stars still have 
many secrets that are kept basically due to their large distances. To understand the formation 
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and evolution of stars we need to use several techniques to acquire some knowledge about 
their "day by day" life. 

Astronomy is not a science where scientists can easily test their ideas in their institute's 
laboratories. Instead, most, if not all, of these ideas have to be confronted to observations 
done on the night sky. Since its beginning, Astronomy is dependent on the light that comes 
from objects far away in the sky and that arrive to us after travelling trough space. Therefore, 
light is our source of astronomical knowledge. It gives us information not only about the 
respective emitting object, but also about the space where the light has travelled. 

For a complete description of a star, a number of important parameters are defined, such as 
mass, luminosity, radius, age, pulsation period or oscillation frequencies, chemical composi
tion, angular momentum, magnetic field, mass-loss rate, and the circumstellar environment. 
The observational determination of several of these parameters requires powerful and state-
of-the art observational techniques such as high resolution spectroscopy. 

The objective of this thesis project is to address the study of solar-type stars using three ma
jor techniques for the determination of precision stellar parameters: effective temperature, 
stellar radius, surface gravities and also element abundances on their atmospheres. We need 
to characterise the stars as best as possible using the stellar parameters since this is the best 
way to compare observations with stellar theory. We need to know these parameters with 
very high accuracy in order to restrict and chose the best theoretical models and look in this 
way for the true physics of stars. 

1.1 Planet-host stars 

The discovery of extrasolar planets on solar-type stars was one of the major achievements 
in astronomy of the past decade. Since the first discovery by Mayor & Queloz (1995) of a 
planet orbiting the solar analog 51 Peg, followed soon thereafter by the detection of planets 
around 47 UMa (Butler & Marcy, 1996) and 70 Vir (Marcy & Butler, 1996), the search for 
extrasolar planets has evolved into a mature field in astrophysics. 

The most successful method for the detection of extrasolar planets is the radial velocity 
method. This is done through the use of spectroscopy, using the Doppler effect on the 
observed spectrum, allowing planet hunters to see minor shifts that corresponds to small 
changes of the radial velocity of the stellar atmosphere. 

The work developed and presented in this thesis is strongly connected with extrasolar planets 
research. The reason for this is that planets are preferentially searched on solar type stars 
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like our own Sun. Therefore there is a vast amount of data available to be analysed. As time 
goes by, every day, somewhere, there is data being collected from stars in order to observe 
the effects produced by a possible orbiting planet. 

Planets are formed as an outcome of the process of stellar formation, therefore, their exis
tence is closely related with their host star. In the study of planet host stars we can thus 
expect to find important clues about the formation of planetary systems. Following this 
idea, several people started to look for correlations between the presence of planets and 
different stellar properties. To check this it is required the derivation of stellar parameters 
and characteristics such as the stellar chemical composition, mass, age, activity, and rotation. 
The existence or not of these correlations can provide evidences about the requirements for 
planet formation or, by other hand, be a result for some kind of planet interaction with their 
host star. In this section we expose some important results found in the study of planet host 
stars. 

1.1.1 Metallicity of stars with Giant Planets 

Soon after the first discoveries of exoplanets it was noted that the stars hosting giant planets 
were systematically metal-rich (e.g. Gonzalez, 1997, 1998; Fuhrmann et al., 1997). With 
the increasing number of planet discoveries, several studies emerged with the same result 
(e.g. Santos et al., 2000, 2001, 2004c; Gonzalez et al., 2001; Sadakane et al., 2002; Heiter 
& Luck, 2003; Laws et al., 2003; Fischer & Valenti, 2005; Santos et al., 2005). The first 
detailed spectroscopic and uniform studies, comparing stellar metallicities for planet hosts 
with those found for large comparison samples of field dwarfs stars (Santos et al., 2001, 
2004c; Fischer & Valenti, 2005; Bond et al., 2006), completely confirmed the validity of the 
planet-metallicity correlation for the observed sample of extrasolar planets (See Figure 1.1). 

This correlation has been confirmed using different techniques to derive stellar metallicities, 
either using Spectroscopy (e.g. Laws et al., 2003; Santos et al., 2004c; Fischer & Valenti, 
2005) or Photometry (e.g. Giménez, 2000; Martell & Laughlin, 2002; Reid, 2002). These 
works revealed that the observed metallicity excess does not come from any observational 
bias. In addition, the same result was also achieved even when excluding the planet hosts 
stars whose planets were discovered in the context of metallicity-biased planet-search pro
grams (e.g. da Silva et al., 2006; Sato et al, 2005). 

There are two main hypotheses that have been discussed in order to explain the observed 
metallicity excess. One is that the high metal content of the planet-host stars may have an 
external origin, i.e. it results from an addition of metal-rich material into the star. This 
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[Fe/H] 

Figure 1.1: [Fe/H] distributions for planet host stars (hashed histogram) and for a volume-
limited comparison sample of stars (open bars). The average difference between the [Fe/H] 
of the two samples is -0.25 dex. A Kolgomorov-Smirnov test shows that the probability 
that the two samples are part of the same population is of the order of 10"9 (Santos et al., 
2004c). 

idea, often referred as pollution, could be induced by the planetary formation process itself 
(Laughlin & Adams, 1997; Gonzalez, 1998; Laughlin, 2000; Gonzalez et al., 2001; Smith 
et al., 2001; Murray & Chaboyer, 2002). There are a few works suggesting the evidence of 
this idea for a few planet host stars (e.g. Cochran et al, 1997; Gonzalez, 1998; Israelian et al., 
2001, 2003; Laws & Gonzalez, 2001; Reddy et al., 2002; Zucker et al., 2002). However, 
pollution may not be sufficient to a considerable change in the overall metal content of a 
star (e.g Sandquist et al., 1998,2002; Pinsonneault et al., 2001; Montalbán & Rebolo, 2002; 
Santos et ai., 2003). These works supports the other idea that is most generally accepted 
for the explanation of the observed metallicity excess. In this case, researchers claim that 
the metallicity excess has an interstellar origin (Pinsonneault et al., 2001; Sadakane et al., 
2002; Santos et al., 2003; Fischer & Valenti, 2005). In other words, the bulk metallicity 
enrichment observed most probably reflects the metal content of the cloud of gas and dust 
that gave origin to the star and the planetary system. 

Despite these results, the subject is not yet resolved (e.g. Vauclair, 2004; Pasquini et al., 
2007), and we can think that in some cases the pollution scenery may have a significant act 
on the metal enrichment of planet hosts. Recent asteroseismological observations also keep 
open the possibility that metallicity gradients (induced by stellar pollution) may exist in one 
metal-rich planet-host star (Bazot et al., 2005). More observations and measurements are 
needed in order to completely settle this question. 
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1.1.2 Implications for models of planetary formation 

Metallicity seems to have a very important role in the formation and evolution of planets, at 
least for the typical discovered giant planets. There are two main models for the formation 
of giant planets. The traditional core accretion scenario (e.g. Mizuno, 1980; Pollack et al., 
1996; Rice & Armitage, 2003; Alibert et al., 2004) where it is shown that giant planets are 
formed by a runaway accretion of gas around a previously formed rocky and/or icy core with 
about 10-15 times the Earth's mass. The other idea proposes that giant planets may form 
by a direct disk instability process (e.g. Boss, 1997, 2006; Mayer et al., 2002). The main 
advantage of this idea is the shorter timescale needed to form planets. Although not clear, in 
the core-accretion model, the formation of a giant planet may take longer than the currently 
estimated lifetimes of T Tauri disks (Pollack et al., 1996; Haisch et al., 2001). This problem 
may have an explanation when migration and disk evolution is included in the models of 
planet formation (Rice & Armitage, 2003; Alibert et al., 2004; Nelson & Papaloizou, 2004). 

Moreover, in the instability model the observed metallicity correlation with the giant planets 
formation is not foreseen (Boss, 2002). On the other hand, this correlation between the 
presence of planets and the star's metallicity is expected from the traditional core-accretion 
scenario (e.g. Ida & Lin, 2004; Alibert et al., 2004), because when the grain content of the 
disk is higher it is easier to build the metal cores that will later-on accrete gas, before the gas 
disk dissipates. Therefore the observed correlation supports the idea that the core-accretion 
model is the main mechanism responsible for the formation of giant planets. 

1.1.3 Other elements in planet hosts 

Iron is normally used as a metallicity proxy, but recently several works were done regarding 
a variety of several other elemental abundances. Abundances from the light elements lithium 
(Li) and beryllium (Be) (e.g. Garcia Lopez & Perez de Taoro, 1998; Deliyannis et al., 2000; 
Gonzalez & Laws, 2000; Ryan, 2000; Gonzalez et al., 2001; Santos et al., 2002a, 2004b; 
Israelian et al., 2004; Chen & Zhao, 2006; Luck et al., 2006), up to alpha and iron-group 
elements (e.g. Sadakane et al., 1999, 2002; Santos et al., 2000; Gonzalez et al., 2001; Smith 
et al., 2001; Takeda et al., 2001; Zhao et al., 2002; Bodaghee et al., 2003; Ecuvillon et al., 
2004a,b, 2006b; Beirão et al., 2005; Fischer & Valenti, 2005; Takeda & Honda, 2005; Bond 
et al., 2006; Gilli et al., 2006; Luck et al., 2006; Santos et al., 2006a) have been derived, 
and have unveiled a few interesting trends (especially for lithium - Israelian et al., 2004; 
Chen & Zhao, 2006). However, the idea from these studies suggests that stars hosting giant 
planets are only the metal-rich extension of the galactic disk stellar population. 
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In fact, Israelian et al. (2004) reported that solar-type stars hosting giant planets are more 
lithium-depleted than stars without detected planets. This result has been confirmed by 
Chen & Zhao (2006) and Gonzalez (2008). The over depletion of Lithium in exoplanet hosts 
appears to be a generic characteristic over a restricted range of effective temperature between 
5800 and 5950 K, independent of the system's orbital properties. The early accretion 
of planetesimals and/or metallicity effects have been ruled out as the origin of the over-
depletion of lithium in planet hosts (Castro et al., 2008). As an alternative to this scenario, 
it has been proposed that enhanced lithium burning could originate from the tidal effect 
of the giant planet on the star, as it induces rotationally-driven mixing in the interior of 
the star (Israelian et al., 2004). However, the mass of giant exoplanets is much lower 
than the mass of the convective envelope for solar-type stars (> 0.02MQ). In addition, 
the enhanced lithium depletion is seen for stars with giant planets with significant large 
semi-major axes, up to about 2 AU. Instead, Rotationally-driven mixing may be related to 
the rotational history of the star (Takeda et al., 2007; Gonzalez, 2008). Recently, Bouvier 
(2008) concluded that "lithium-depleted exoplanet host stars were slow rotators on the zero-
age main sequence (ZAMS) and argue that slow rotation results from a long lasting star-disk 
interaction during the PMS. Altogether, this suggests that long-lived disks (5 Myr) may be 
a necessary condition for massive planet formation/migration." 

These studies can be very important to answer questions such as whether pollution of the 
stellar atmosphere is common among planet-host stars (or any field or cluster star, e.g. 
Murray et al., 2001; Quillen, 2002; Wilden et al, 2002; Laws & Gonzalez, 2003; Paulson 
et al., 2003; Dotter & Chaboyer, 2003; Desidera et al., 2006; Randich et al., 2006). If this is 
true, we would expect to find these stars to be more enriched in refractory elements, because 
volatiles could evaporate from Mailing bodies before being accreted (e.g. Gonzalez, 1998; 
Smith et al., 2001; Ecuvillon et al., 2006a). In case of accretion, we may expect to find a 
larger concentration of elements that are not supposed to exist in great quantities in the star, 
but that are abundant in planets and planetary material. An example of this is the 6Li, that 
was detected in the planet-host star HD 82943 (e.g. Israelian et al., 2003). 

A recent study on the derivation of abundances for several elements was performed by 
Neves et al. (2008) on a large sample of solar-type stars. In this work it was confirmed 
that an overabundance for giant planet host stars is clear for all the studied elements. This 
may confirm the previous suggestions that the efficiency of planetary formation correlates 
strongly with the metal content of the host star. Moreover it was not found any evidence 
of differences between stars with and without planets for the same metallicity regime. This 
is in general agreement with previous studies. The stars that harbour planetary companions 
simply seem to be in the high metallicity tail of the distribution, following the same trends 



1.1. PLANET-HOST STARS 33 

as the stars without planets. This result favours the primordial origin as the preferred cause 
for the observed high metallicities in planet host stars. 

1.1.4 Stellar mass and planet frequency 

Most doppler planet searches are performed around "real" solar-type stars. There has been, 
however, an effort in order to search planets around intermediate-mass (>= 1.6M0). Mas
sive stars on the main sequence (early type stars) are inappropriate for precise radial velocity 
measurements due to a small number of absorption lines in their spectra, which are normally 
broadened do to rotation. Therefore, the major teams have been using cool and slowly 
rotating G and K giants and subgiants, that are, massive stars in evolved stages (Setiawan 
et al., 2005; Sato et al., 2003, 2007; Hatzes et al., 2005; Johnson, 2007; Lovis & Mayor, 
2007; Niedzielski et al., 2007). These teams have already discovered a few substellar 
companions so far around stars with masses of 1.6 - 3.9M0 including clump giants and 
subgiants; about an half of these host stars have masses greater than 2MG. 

Despite the still small number of planets, they begin to show different properties from those 
around low-mass stars: high frequency of massive planets (Lovis & Mayor, 2007), lack 
of inner planets (Johnson, 2007), and low metallicity of host stars (Pasquini et al., 2007), 
though this latter trend is more debatable (Heldcer & Meléndez, 2007). These properties 
must reflect the history of the formation and evolution of planetary systems, which is not 
necessarily the same as the one for solar-type stars. 

There has also been an effort to extend the planet search for lower stellar masses stars. 
Over the past years our knowledge about the frequency of extrasolar planets for low mass 
stars has increased significantly. An increasing number of M dwarfs is being observed 
sistematically by various radial velocities searches with high precision. This has led to 
several detections of planets orbiting M dwarf that cover an enormous and surprising range 
in mass, almost comparable to the masses observed for the planets in our solar system. 
Jovian planets were discover around GJ 876 (Delfosse et al., 1998; Marcy et al., 1998), GJ 
849 (Butler et al., 2006), and GJ 317 (Johnson et al., 2007), and neptunian planets around 
GJ 436 (Butler et al., 2004), GJ 581 (Bonfils et al., 2005b), and GJ 674 (Bonfils et al., 2007). 
The low masses of M dwarfs combined with high RV precision even allowed the detection 
of planets with minimum masses below 10 earth masses (so-called super-Earths) in GJ 876 
(Rivera et al., 2005) and GJ 581 (Udry et al., 2007). These new discoveries favour some 
theoretical work about how the planet formation depends on stellar mass. Considering the 
"core accretion" idea, Laughlin et al. (2004) and Ida & Lin (2005) predicted that giant planet 
are more unlikely to form around very low-mass stars, while Neptune-mass planets should 
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Figure 1.2: Histogram illustrating the increasing percentage of stars with planets as a 
function of stellar mass. After correcting the measured percentages for the effects of stellar 
metallicity in each bin, the increasing trend is smaller (circles). Figure from Johnson et al. 
(2007). 

be common for these stars (Bonfils et al., 2007). 

Figure 1.2 shows the rising percentage of stars with detectable planets as a function of 
stellar mass. Johnson et al. (2007) used this figure to show that the correlation between 
Jovian planet occurrence and stellar mass exists even after correcting for the effects of stellar 
metallicity. 

1.1.5 Transiting Planets 

The doppler radial velocity technique is still the one that is unveiling most of the detected 
planets. The second most promessing technique is the one of planetary transits. This 
technique has the advantage of determining the inclination of the orbit of the planetary 
system. With this extra information we can derive important parameters directly, such as 
the planet true mass, radii, and mean density instead of what happens when we only have 
access to the radial velocity method. In these cases we can only obtain orbital parameters of 
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Figure 1.3: Mass radius diagram for the known transiting planets with an error bar on the 
mass and radius smaller than 10% (except GJ 436b). While most of them (open circles) 
have a density comparable to or lower than the one of Jupiter, the three massive planets 
HD17156b, HD 147506b and XO3b are much denser, as predicted by theory, while CoRoT

Exo2b appears to be anomalously large. The 1sigma error bars are represented only for 
the 4 massive planets for clarity. Figure from Gillon et al. (2008). 

the planet and their minimum mass. 

There are already a few cases where it had been possible to measure the small dimming 
of the stellar light as the planet crosses the stellar disk. Fortunately, some major planet

search programs using the photometric transit technique start now to deliver interesting 
results, giving a new breath to the study of exoplanets. Several exoplanets were confirmed 
by a followup radialvelocity measurements (e.g. Charbonneau et al., 2000; Sato et al., 
2005; Bouchy et al., 2005; Konacki et al., 2003; Pont et al., 2004). The known transiting 
extrasolar giant planets are finally giving us information about the physical properties of 
planets orbiting other stars, and allowing the possibility to compare the observed properties 
with those predicted by theoretical models (Baraft'e et al., 2005; Guillot, 2005). Figure 1.3 
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shows a mass-radius diagram for the known transiting planets (Gillon et al., 2008) that may 
be used to compare the observable planet characteristics to the ones derived by models of 
planet formation. 

It is expected a rapid increase on the number of planets detected in this way. The space 
mission CoRoT (Baglin et al., 2006) is already given the first discoveries and the Nasa's 
Kepler mission to be lunch in 2009 (Basri et al., 2008) will certainly help increasing the 
number of planets detected through transits. Kepler's primary goal is to detect Earth-size 
and smaller planets in the habitable zone of solar-like stars. This mission will monitor more 
than 100,000 stars for transits with a differential photometric precision of 20 ppm at V=12 
for a 6.5 hour transit. Moreover this mission will also provide asteroseismic results on 
several thousand dwarf stars. It is designed to observe continuously a single field of view 
of greater than 100 square degrees for 3.5 or more years. For missions as these ones is of 
extreme importance to know the accurate parameters of the transited star in order to infer 
the true characteristics of each planet discovered. 

1.2 Three astrophysical techniques to study solar-type stars 

1.2.1 Spectroscopy 

Spectroscopy was born with the study of the interaction between matter and light. The 
way to see this is to use the visible light dispersed according to its wavelength (e.g. by 
a prism - see Figure 1.4). The first insight of the Sun using this technique was done in 
1814 by the German optician Joseph Fraunhofer who catalogued 475 dark lines in the solar 
spectrum (Fraunhofer lines). The existence of these dark lines were already knew at the 
time. However, Fraunhofer was able for the first time to associate one of the dark lines with 
an "earth element". At this time it was already verified that the same dark line appears when 
salt is sprinkled in a flame. The presence of Sodium in the Sun was detected using this new 
science: Spectroscopy. A method was born to actually infer the presence of elements on 
distant objects through their emitting light. 

With this technique we can not only see the signatures of the elements present in the 
stellar atmosphere but we can also quantify their amount. To do this we are dependent 
on theoretical models of stellar atmospheres, that are used for the comparation with the 
observed spectrum. In this way we can derive several important stellar parameters, such 
as the effective temperature, surface gravity and, as discussed, the elemental abundances 
(metallicity). 
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Figure 1.4: Illustration of the spectroscopy technique. On top is illustrated the dispersion of 
a white light. The bottom illustrations shows how the emission and absorptions lines appears 
on the spectrum respectively. Picture taken from http://www.amateurspectroscopy.com. 

There is a wide variation of information that one could extract from spectra. Using different 
observing strategies and/or analysis processes, one can use them to extract information for 
time series to study stellar oscillations, measure activity of the stars, estimate their age, see 
evidence of accretion, winds, jets, etc... 

1.2.2 Asteroseismology 

Asteroseismology is the science that studies the internal structure of oscillating stars by the 
interpretation of their frequency spectra. Today we know that most stars oscillate in different 
ways. The number of oscillation frequencies vary from a few to many and their amplitude 
varies accordingly to the type of star. Different oscillation modes penetrate to different 
depths inside the star, providing information about the otherwise unobservable interiors of 
stars in a manner similar to how seismologists study the interior of Earth through the use of 
waves generated by earthquake. Asteroseismology enables us to study the internal structure 
of stars. The pulsation frequencies hold the potential to give information about the density 
profile of the region where the waves originate and travel. 

http://www.amateurspectroscopy.com
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Figure 1.5: In this sketch we can see the oscillations present in a solar-type stars. These 
oscillations are not only present at the stellar surface, but also propagate in the interior of 
the star. Picture taken from www.ifa.hawaii.edu. 

The first oscillations studied by asteroseismologists in distant stars are driven by thermal 
energy converted into kinetic energy of pulsation. This process is similar to what goes 
on with any heat engine, in which heat is absorbed in the high temperature phase of the 
oscillation and emitted when the temperature is decreasing as the gas expands. The classical 
pulsating stars were the first ones to be studied due to their intrinsic large amplitudes easily 
detected. The pulsations in these kind of stars are driven by the so called k-mechanism, 
where radiation is trapped due to the increase of opacity in some regions of the star. 

Helioseismology is the precedent field of Asteroseismology, but in this case it is only 
focused on the Sun. Recently it has been detected solar-type oscillations in other stars. 
Here, the oscillations observed are stochastically excited by the effects of convection in near 
surface regions. The resulting oscillations are usually studied assuming that they are small, 
and that the star is isolated. Observing solar-like oscillations in other stars is a new and 
expanding area of asteroseismology. 

Stars are not simple objects, and in particular they may have a very complex atmosphere. We 

http://www.ifa.hawaii.edu
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need to study its structure and behaviour in order to understand their pulsation, granulation, 
turbulence, activity, etc... This knowledge is also important to be used in planet searches to 
cancel out the effect of this "noise" in the detection of lower mass planets. 

Spectroscopy also plays a special role in asteroseismology since it is the best way to extract 
a time series (and then the frequency spectrum) and use it to explore the pulsations in a 
star. We could have a similar time series using photometry, but we note that the frequency 
spectrum background is dramatically lower for the velocity signal from spectroscopy com
pared with the intensity signal from photometry, as already noted by Harvey (1988). This 
demonstrates that velocity observations will be most efficient in detecting oscillations in 
solar-type stars. 

Observational asteroseismology deals with the detection of the pulsations present on the 
stars (see Fig. 1.5). We can observe a star to either get its radial velocity or intensity with 
an adequate (fast and continuous) sampling in the time domain. Having a good time series 
allows to use techniques to extract the period and amplitude of the oscillation modes present 
on the data. These periods are then made available for the theoreticians in order to compare 
with their stellar interior models. Using this process we are now able to extract very precise 
information about the mean density of stars, estimate better their ages, check the size of 
convective cores, etc... This are only a few examples of information about the interior of 
stars that can be obtained using asteroseismology. 

This technique has been proved to be very important also for the field of extrasolar planets. 
With the new missions, such as CoRoT and Kepler, aimming the detection of planets through 
transits. The important role of this technique in Kepler, is that using it, people will be able 
to derive the radius and the mass of the stars with a good precision. This way it is possible 
to better estimate planetary radii and consequently all the other planet properties. 

Interestingly, asteroseismology needs planet hunters as much as they need asteroseismology. 
This is true considering that asteroseismology makes use of the new generation instruments 
driven by the planet hunters, and these by their side need asteroseismology in order to help 
to characterise their planets through the knowledge of their host stars. 

1.2.3 Interferometry 

Interferometry is one of the best ways to determine precisely the radius of a star, since 
it is the most direct way to derive it. One of the first interferometers for astronomical 
propuses was built on the Mount Wilson Observatory's reflector telescope in 1920 in order 
to measure the diameter of stars. Betelgeuse, a red giant star, was among the first to have 
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Figure 1.6: Basics of the Interferometry technique. Interfering the light of two separated 
telescopes we can reach a resolution equivalent of one telescope with the diameter of the 
separation. Figure from Haniif (2007a) 

its diameter determined using this technique. This method was extended to measurements 
using separated telescopes by Johnson et al. (1974) in the infrared and by Labeyrie (1975) in 
the optical. The improvements in computer processing in the late 1970's allowed the use of 
the first "fringe-tracking" interferometer, which operated fast enough to follow the blurring 
effects of astronomical seeing. This lead to the Mark I, II and III series of interferometers. 
Similar techniques have been applied at other astronomical telescopes, including the Keck 
Interferometer and the Palomar Testbed Interferometer. 

The aperture synthesis interferometric imaging technique was extended to visible light and 
infrared astronomy, in the 1980s, by the Cavendish Astrophysics Group, providing the 
first very high resolution images of nearby stars. For the first time, in 1995, this imaging 
technique was demonstrated on an array of separate optical telescopes, allowing a further 
improvement in resolution, and allowing even higher resolution imaging of stellar surfaces. 
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The same imaging technique was being applied at the Navy Prototype Optical Interferometer 
and the IOTA array. In the near future other arrays are expected to release their first interfer-
ometric images, including the ISI, VLTI, the CHARA array and the MRO interferometers. 

Interferometers are mostly seen as very specialised instruments, capable of a very limited 
range of observations. It is often said that an interferometer achieves the effect of a telescope 
the size of the distance between the apertures; this is only true when we are talking about 
a limited sense of angular resolution. The combined effects of atmospheric turbulence and 
limited aperture area generally limit interferometers to observations of comparatively bright 
stars and active galactic nuclei. Nevertheless, they have proven very useful for making 
high precision measurements of fundamental stellar parameters such as size and position 
(astrometry) and even for imaging the nearest giant stars. 

There are also plans to detect exoplanets using interferometry. ESO's PRIMA (Phase-
Referenced Imaging and Micro-arcsecond Astrometry) facility at the VLT Interferometer 
on Cerro Paranal in Chile is expected to be soon fully operational. With this new instrument 
it will then be possible to perform relative astrometry with an accuracy of the order of 
10 fias over angles of about 10". The main science driver for this astrometric capability 
is the detection and characterisation of extrasolar planets, including the observation of 
known planets and planetary systems to fully constrain their orbital geometry and accurately 
determine the mass of the planets. Also, it will allow to search for extrasolar planets around 
stars which are not suitable for the radial velocity method (for example young and active 
stars as well as early type stars), and systematic searches around nearby stars to detect low 
mass planets with Uranus or Neptune masses. 

One final but crucial application of this technique is that once we have a precise determina
tion of the stellar radius, one could use it to restrict the space of parameters in stellar models 
and have a very good estimation for the stellar mass. 

1.3 This Work 

In order to find a answer for the fundamental question discussed on the very beginning of 
this introduction we need to study the stars in very high detail. We need to characterise them 
with high accuracy in order to see their differences and find evidences for the true physical 
processes on their formation and evolution. In this thesis we try to do this by using the three 
major astrophysical techniques described before. Particular attention will be given to stars 
hosting planets. 
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The layout of the rest of the dissertation is the following: In Chapter 2 we discuss some of 
the physical properties used in order to analyse stellar spectra. Chapter 3 shows the results 
for the derivation of spectroscopic stellar parameters in a sample of metal rich stars. We also 
present a more technical description of the spectroscopic analysis. We present in Chapter 
4 the ARES code, a code that was developed to automatically measure equivalent widths 
of absorption lines in stellar spectra. Moreover we also describe a series of test done to the 
code. The code was then used on Chapter 5, where we determined stellar parameters for 451 
stars belonging to the the HARPS Guaranteed Time Observations (GTO) "high precision" 
sample. Chapter 6 shows a small introduction to the basic principals of interferometry 
that allows us to derive angular diameter for a few solar type stars. Chapter 7 describes a 
procedure to use asteroseismology in order to derive the radius for solar type stars. Finally, 
in Chapter 8 we summarise the results achieved in this PhD project and enumerate some of 
the work to be executed in the near future. 



Chapter 2 

Spectroscopic Stellar parameters 

In this Chapter we will overview the procedure to analyse stellar spectra and determine 
spectroscopic stellar parameters such as effective temperature (Te/f), surface gravity (logg), 
microturbulence (£) and metallicity ([Fe/H]). For this propose a few quantities will be 
defined. We will then explain a simple method to derive the stellar parameters through 
the analysis of weak spectral lines present in solar type stars. 

The study of stellar spectra is required to understand the nature of the stellar atmospheres. 
The behaviour of the atmosphere is controlled by the density of their gases and the energy 
that is passing through it. The latter depends on the mass and age of the star and also on 
the chemical composition and angular momentum. The atmosphere is connected in this 
way to the rest of the star, therefore its observation gives us insights for the rest of stellar 
astrophysics. 

When observing regular stellar spectra one can easily note the presence of many absorption 
lines. These absorption lines correspond to electronic transitions among the different levels 
of atoms and molecules (bound-bound transitions). This is correct when we are dealing 
with stars with spectral types FGKM where many species of atoms and molecules are not 
fully ionised. The stars are basically composed by Hydrogen and Helium, and the rest of 
the heavier elements (refereed as 'metals') contribute very little for the total abundance. 
Nevertheless, the majority of the absorption lines observed in solar-type stellar spectra are 
due to these metal elements. 

One of the most useful metals present in the stellar atmosphere is iron. In solar-type stars 
this element produces a large number of absorption lines than can be analysed to derive 
spectroscopic stellar parameters. Iron is thus usually considered as a metallicity proxy. 
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2.1 Local Thermodynamic Equilibrium - LTE 

A good and easy approximation for the stellar atmospheres theory can be taken for the 
case of solar type stars, considering that collisions dominate the excitation of the atoms 
present in the gas. In this case it is possible to apply local thermodynamic equilibrium 
(LTE) conditions. In this case, the Boltzmann equation can be used to represent the ratio 
between the number of atoms in a n level (NH) and the total number of atoms of the same 
element (N): 

!ïl = J^L-io^)*» (2.1) 
N u(T) 

here, gn is the degeneracy of level n, Xn is the excitation energy of the same level, 9(T) = 
5040/T and u(T) = 'Zgie>(i"cT is the partition function, k is Boltzmann's constant, and T is 
the temperature. 

In the same way, Saha's Equation can be used to deal with the ionisation of the elements for 
a collision dominated gas: 

NM = 1 (nmey/2(2kT)5'2 uM c_E[/kT 2 ) 

TV/ Pe h3 Ui 

where, NM /Nf is the ratio between the number of ions in a given ionisation, uM /uj is the 
ratio of respectives partition functions, me is the electron mass, h is the Plank's constant, Pe 

is the electron pressure, and £7 is the ionisation potential. 

Thermodynamic equilibrium is achieved when the temperature, pressure and chemical po
tential of a system are constant. LTE is assumed when these parameters are varying slowly 
enough in space and time. In these conditions each point emits like a black body with a 
given temperature T This approximation is acceptable for the atmospheres of solar-type 
stars, since there are more transitions due to collisions than radiation induced. Note that on 
the outer layers of the atmosphere this is no longer valid due to the large energy loss on the 
surface of the star, where the photons can escape without any interference. 

2.2 The Equivalent Width 

The most basic quantity we can measure in a spectral line is its profile or shape. If we denote 
by Fc the continuum flux and Fv the flux in the line as they exist in a real spectrum before 
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any instrumental distortion, then the true line profile is: 

*„ = ^ (2.3) 

The equivalent width, EW, is a measurement of the total absorption in a line, and is defined 
as: 

EW -f 
Jo 

Fc-F, 
Fc 

v-dv (2.4) 

EW is thus the width of a perfectly rectangular absorption line having the same total ab
sorption as the real line. In this work we measure the EW in wavelength units, mainly 
milliangstroms, rarely angstroms. In other fields of work other units are used, like velocity 
units for the EW, typically km/s. 

Continuum Intensity level 

Spectral line 
profile area, A 

Equivalent 
width 

wavelength 

Figure 2.1 : The relation between a spectral profile and the respective Equivalent Width. 
From: http://astronomy.edu.au. 

The strength or equivalent width of a spectral line depends on the absorption coefficient 
(the fraction of incident radiant energy absorbed per unit mass or thickness of an absorber) 
and on the number of absorbers, derived from the Boltzmann and Saha equations (2.1-2.2). 
This further implies that the line strength depends on temperature, electron pressure and 
the atomic constants. This is valid only as a good approximation for weak lines (lines with 
typical EW ~ 200 mÂ). Stronger lines may depend on other factors, like the effects from 
the chromosphere and corona of the stars. In these cases the knowledge of the dependence 
of EW implies to consider Non LTE effects. 

Following the description presented on Gray ( 1992) we will see what can we expect from the 
dependence of the line strength on factors like the temperature, pressure, microturbulence 
and abundance of the elements in the gas. 

http://astronomy.edu.au
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2.2.1 The Temperature dependence 

Temperature strongly controls the line strength. This can be seen by looking at the expo

nential contributions of the temperature on equations 2.1 and 2.2. Figure 2.2 illustrates how 
weak metal line strengths vary with the temperature for the cases of an element in the neutral 
and ionized state. There are four distint cases present in this Figure: 

• Case 1 : neutral species with the element mostly neutral; 

• Case 2: neutral species with the element mostly ionised; 

• Case 3: ionised species with the element mostly neutral; 

• Case 4: ionised species with the element mostly ionised; 

One could naively expect the increase of the line strength with temperature. That in fact 
happens as expected for the cases 1 and 3 presented in the Fig. 2.2. However, for solar type 
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Figure 2.2: Typical metal lines show a maximum in strength as a function of temperature. 
The 4 cases discussed in the text are pointed in this figure. From Gray (1992). 



2.2. THE EQUIVALENT WIDTH 47 

stars (Case 2), as temperature increases the neutral element start to become more rare due 
to ionisation, therefore case 2 shows the drop on their strength. 

Following the same reasoning, as temperature rises, the ionised element decreases in quan

tity because it goes to a higher state of ionisation. This will lead to the decrease of the line 
strength of the Ion lines for higher temperatures as seen for the case 4. 

For the case of solar type stars, where we find most of the elements already ionised, cases 
2 and 4 are predominant. Solar lines of neutral species almost always decrease in strength 
with the effective temperature, but ionised species have opposite behaviour. 

The effective temperature is determined assuming that it is independent of the excitation 
potential of the lines. Therefore the effective temperature of a source is found when the 
computed abundance is the same for each absorption line with different excitation potential 
of the same element, normally iron. 
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Figure 2.3: Calculated profiles of iron II (4508Â) are shown for several values of surface 
gravity (cm/s2). The inset graph show the change in equivalent width. Picture from Gray 
(1992). 
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2.2.2 Pressure Dependence 

There are three ways to observe pressure effects on the line strength. The first is due to 
a change in the ratio of line absorbers to the continuum opacity (ionisation equilibrium -
equation 2.2), the second is due to the pressure sensivity of strong lines, and the third is 
the pressure dependence on the linear Stark broadening in hydrogen. For cool stars, the 
gas pressure and electron pressure are related approximately by Pg ~ CP\, where C is a 
constant. The pressure is controlled by the surface gravity g and given approximately by 
Pg ~ Cig5 and Pe ~ C2gK where C\ and C2 are constants. This means that pressure 
dependences can be translated into approximate gravity dependences where this relations 
hold, e.g. for solar type stars. Figure 2.3 shows the line strength dependence on the surface 
gravity induced by the pressure in the case of a weak line Fe II line. 

As mentioned above, the pressure dependences can be estimated by considering the ratio of 
line to continuous absorption coefficients. Considering the cases for cool stars, three rules 
can be derived: 

• Weak lines formed by any ion or atom where most of the element is in the next higher 
ionisation stage are insensitive to pressure changes 

• Weak lines formed by any ion or atom where most of the element is in that same 
ionisation stage are pressure sensitive. Lower pressure causes greater line strength 

• Weak lines formed by any ion or atom where most of the element is in the next lower 
ionisation stage are very pressure sensitive. Lower pressure enhances the lines. 

For solar type stars, where most of the metal elements are ionised the two first rules are 
more important. The pressure effects on the spectral profiles are much weaker than the 
temperature effects. In fact, to create the same changes on a specific spectral profile, it is 
required to apply a change in pressure 100-1000 times greater that the one necessary in 
temperature. 

Nevertheless, the ionisation balance is a strong constraint for obtaining the surface grav
ity. The way to obtain the pressure or more commonly the surface gravity is by forcing 
the neutral and ion solutions to give the same abundance (spectroscopic surface gravity), 
changing the parameters (including the logg) in the stellar atmosphere model. This works 
well because the equivalent widths of ion lines are pressure dependent while the neutral 
solution is independent of pressure. 
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2.2.3 Abundance Dependence 

The abundance is the most important factor for the line strength and as expected the line 
strength increases with increasing abundance. However the relation between equivalent 
and abundance is not linear. Figure 2.4 shows a typical curve of growth for this relation. 
There are three well denned regimes. The first part of the curve of growth is a linear one 
where the EW is proportional to the abundance; this is called the weak line regime. The 
second regimes happens when the central depth approaches the maximum value and the line 
saturates and grows asymptotically towards a constant value. Finally, the third regime starts 
as the optical depth of the line wings becomes significant compared to the absorption of the 
continuum. In our spectral analysis we use week lines, therefore only the first regime is 
important. 
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Figure 2.4: Both the equivalent width (top) and the profile (bottom) change with chemical 
abundance of the absorption species. The circles on the curve of growth corresponds to the 
profiles below. Picture from Gray (1992). 
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2.2.4 Microturbulance 

Microturbulence is usually incorporated in the analysis of the curve-of-growth to explain 
the observed fact that the EWs of saturated lines are greater than predicted by models based 
on thermal and damping broadening alone. Microturbulence delays saturation by stretching 
the absorption over a larger spectral band. Figure 2.5 shows the dependence of the curve-of-
growth with the microturbulence, where it is possible to see a retardation of the saturation 
for increasing values of the microturbulence. The microturbulence is taken to be isotropic 
with a Gaussian velocity distribution of dispersion & (km/s). In all cases, £t is determined 
as an ad hoc free parameter in the abundance analysis. This is done by simply fitting the 
equivalent widths of the weakest lines, where the equivalent widths show no difference with 
the microturbulence, and adopting the theoretical curve of growth having the best fit to the 
data in the saturation portion. The curve's £ value is taken as the star's microturbulence. In 
some spectral analysis where there is no explicit comparisons between curve-of-growths, £ 
is established by a trial-and-error procedure. 

-12 - I l - ' 0 - 9 ~ 8 ~7 
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Figure 2.5: Dependence of the curve-of-growth with the microturbulence, where it is 
possible to see a retardation of the saturation for increasing values of the microturbulence. 
Values of velocity dispersion, e, for an assumed Gaussian velocity dispersion are in 
kilometers per second. Picture from Gray (1992). 
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2.3 Measuring Equivalent widths 

The normal procedure for measuring equivalent widths is to use interactive routines such as 
splotinlRAF1. 

2.3.1 Using splot in IRAF 

To execute the splot routine one just needs to type splot file.fits, where file.fits is the fits 
file name of the spectrum. Figure 2.6 shows a region of the spectrum plotted by the splot 
routine. 

To zoom in around the line to measure the equivalent width, one should use the key a. To 
measure an isolated line one can use the key k to make a gaussian fit. The procedure is to 
put the cursor on the blue side of the line at the position of the continuum level and only 
then press for the first time the k key. Then the same is done for the red side of the line, 
marking again the position of the continuum level, and pressing for the second time the k 
key. A gaussian fit for the line is computed and the EW returned (see Figure 2.7). 

'IRAF is distributed by National Optical Astronomy Observatories, operated by the Association of 
Universities for Research in Astronomy, Inc., under contract with the National Science Foundation, U.S.A. 

Figure 2.6: Spectral region for the one dimensional reduced HARPS spectrum. 



52 CHAPTER 2. SPECTROSCOPIC STELLAR PARAMETERS 

Figure 2.7: Example of the use of the task splot from IRAF. 
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Figure 2.8: Alternative option to use in splot when dealing with blended lines. 

In case of blended lines, one can use the "deblending" option of splot. The procedure is 
similar to the one described before, being necessary to mark the continuum position on the 
spectrum. In addition, in this case it is required to also give the position of the blended lines. 
This is done using the g key (for the case of a gaussian fitting that is normally used for weak 
lines). In Fig. 2.8 we present a plot with two blended lines, and the determination of the 
position of the blended lines for the "deblending" option of splot. 

This is the normal procedure that people use to measure equivalent widths for several lines 
in spectra. As we can imagine, this is a procedure that can be very time consuming if many 
line-EWs are to be measured. 

2.4 Line list 

What lines should be analysed to obtain good stellar parameters? This is a tricky question. 
The best answer is as many as possible! However, taking into consideration the time 
consuming procedure described in the latter section, the ideal situation is to have a very 
well constrained line list composed of isolated lines in the spectrum of the stars. 

The line list can be compiled considering the dependences of the line strength in the stellar 
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parameters, that was described in previous sections, we can define a line list in an effi
cient way to better derive the spectroscopic parameters. Therefore to derive the effective 
temperature the lines should represent a wide interval for the excitation potential. For the 
derivation of the microturbulence it is necessary to have lines that cover a wide range for 
the respective line strengths, or in other words, a wide interval of EWs. Finally to derive the 
surface gravity, that is directly connected with the pression, the line list should contain both 
neutral lines (insensitive to pression) and ion lines (sensitive to pression). 

2.5 MOOG - An LTE stellar line analysis program 

MOOG2 is a code that performs a variety of LTE line analysis and spectrum synthesis tasks. 
The typical use of MOOG is to assist in the determination of the chemical composition of 
a star. The basic equations (used in MOOG) of LTE stellar line analysis are followed, in 
particular using the formulation of Edmonds (1969). 

The code is written in several subroutines that are called from a few driver routines; these 
routines are written in standard FORTRAN 77. One of the chief assets of MOOG is its 
ability to do online graphics. MOOG uses the graphics package Super Mongo, chosed 
for its easy implementation in FORTRAN codes. Plotting calls are concentrated in a few 
routines, and it should be possible for users of other graphics packages to substitute with 
other appropriate FORTRAN commands. 

In our spectral analysis we basically make use of the abfind driver for MOOG that is used 
for force-fitting abundances to match single-line equivalent widths. In order to use MOOG 
we need to include a stellar model. The ones used in our analysis are obtained from a grid 
of Kurucz Atlas 9 plane-parallel model atmospheres (Kurucz, 1993). 

2.6 Differential Analysis relative to the Sun 

The differential analysis came to scene because the atomic parameters for the lines are not 
very well determined. These values may be computed in laboratory but can have large 
uncertainties of the order of 10-20%. 

To correct for this uncertainties the comparison between a reference star and a star of 
unknown parameters is usually done. In our case the reference star is the Sun, and this 

2The source code of MOOG2002 can be downloaded at http://verdi.as.utexas.edu/moog.html 

http://verdi.as.utexas.edu/moog.html
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procedure only works well for solar type stars. 

Since the physics is assumed to be the same in time and space, the atomic line parameters 
should be also the same for every star. Only the EW will change due to the different 
characteristics of the stellar atmosphere. The trick on this analysis is to use the astrophys-
ical oscillator strength values derived by ourselves, instead of using the ones obtained in 
laboratory measurements. These values are obtained via an inverse analysis. Assuming 
stellar parameters for our Sun (having Tcff = 5777AT, logg = 4.44 dex, £, = 1.00 kms~x, and 
log(Fe) = 7.47), we measure the EW for all the lines of the list using a solar spectrum. These 
equivalent widths should be measured in high quality spectra or instead it is preferably to 
take a model that can be consider to be the right one. The values for each oscillator strength 
line (expressed as loggf, where g is the degeneracy and / is the oscillator strength of the 
electronic transition), are then changed until we derive the "correct" EW for the Sun (or 
reference star). This process can be carried out using MOOG with the ewfind driver in an 
iterative way for each line in the list. 

As a consequence, all abundances are usually derived considering the ones present in the 
Sun. When talking about element abundances, people use a standard mathematical relation 
that is relative to the abundance in the Sun. The notation used is [X/H] = log(Nx/NH)star -
log(Nx/NH)sun> where Nx is the number of atoms of the X element and A^ is the number of 
atoms of hydrogen. 

Using a spectroscopic differential analysis relative to the Sun, it is possible to eliminate 
both the errors on the atomic parameters and also part of the measurement errors on the 
equivalent widths. When we measure the lines in the reference star we are also including 
errors given by the spectrum itself. An example being the existence of small blends, or the 
bad position of the continuum in that region of the spectrum. When computing the loggf 
for these lines we are including these errors, and this will in principle compensate the errors 
of the EW for the same line in the star being analysed. 

Note that this is only valid for solar type stars. As we try to use these values for stars further 
away in spectral type we can expect that the errors will not cancel out. 

The spectral analysis procedure that we use for the determination of spectroscopic parame
ters is described in detail in the next chapter (see Section 3.2). There, we expose the process 
used to compute the abundances from the measured EWs and that are consequently used to 
constrain the spectroscopic parameters for each star. 
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Chapter 3 

The Metal Rich Sample 

This chapter describes the work done for the derivation of spectroscopic stellar parame
ters for a sample of metal-rich stars (Sousa et al., 2006). At the time of this work the 
metallicity correlation was well established for giant planets. But the existence of other 
connections between planetary properties and the metal content of the host stars had been 
suggested. These included a possible period-metallicity correlation (Sozzetti, 2004; Santos 
et al., 2006b) and the correlation between the heavy-element content of transiting planets 
and the stellar metallicity (Guillot et al., 2006). The cause for the excess metallicity of 
planet host stars was also being discussed. Could the planet host stars be more metallic due 
to pollution caused by planets falling into these stars? 

This work could give hints to solve this question, since the analysed sample of stars was 
compiled in a way to have a similar metallicity distribution to that observed for the planet 
hosts. For example, if different abundance ratios for some elements are revealed for the 
stars in this sample when comparing to the ones found in planet host stars, then the idea of 
pollution could be a good answer for the metallicity correlation observed. To understand 
how much "pollution" phenomena might have been able to change the metal content of 
the stellar atmospheres, it is necessary to continue following the chemical abundances for 
several elements on planet-host stars as new planets are found, as well as for stars with no 
planets found, to see if there are any significant differences. 

The goal of this work was to use a well defined sample of 64 high metal-content stars not 
known to harbour any planet to date. To perform the comparison between this sample and 
the one of planet host stars we need to the derive additional elemental abundances. The final 
goal was to extend previous works in this field (Bodaghee et al., 2003; Beirão et al., 2005; 
Ecuvillon et al., 2004a,b, 2006b; Gilli et al., 2006). This high metal-content sample allows 

57 
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to search for new possible correlations between planet-host and "single" stars by comparing 
abundances for several other elements in the high [Fe/H] regime. 

The study of element abundances may shed some new light on the process of planetary 
formation. Robinson et al. (2006) found some statistical evidence of silicon and nickel 
enrichment in planet-host stars. This putative enhancement, not observed however by other 
authors (cf. Gilli et al, 2006), may have to do with the influence that different types of ele
ments may have on the process of planetary formation. Such scenarios have been proposed 
by e.g. Gaidos (2000). 

We also present stellar parameters for some discovered planet-host stars. The purpose was 
to update the series of papers Santos et al. (2000, 2001, 2003, 2004c, 2005, Papers I, II, 
III, IV, V, respectively) that, together with this work (Sousa et al., 2006), would present the 
largest set of the stellar parameters available to date for planet-host stars while using the 
same uniform analysis. 

Finally, in the development of this work there was a first attempt to include a code for the 
automatic measurement of EWs. A comparison between measurements of line EW obtained 
in the regular way with the ones obtained by a new automatic code named DAOSPEC 
(Stetson & Pancino, 2008) is also presented and the impact of its use on the derived stellar 
parameters is discussed. 

3.1 Sample and observations 

The stars in this sample belong to the CORALIE southern planet search program (Udry 
et al., 2000), have spectral types between F and K, and were not announced as harbouring 
any planetary companion. From these stars we selected the ones with at least 3 mea
surements of radial velocity spanning at least one year, and those that did not present 
any significant variation that could correspond to the RV signal induced by a low-mass 
companion. The majority of the stars have a typical rms on the radial velocity lower than 
10 m/s, and for a few of them this value is between 10 m/s and 20 m/s. Moreover, we chose 
only stars that have [Fe/H] > 0.1 determined using the CORALIE cross-correlation function 
as presented in the work of Santos et al. (2002b). 

The majority of the spectra were collected with the FEROS spectrograph (2.2m ESO/MPI 
telescope, La Silla, Chile) on October 2004 (program 074.C-0135). Data reduction was 
done using the FEROS pipeline, and the wavelength calibration used the spectrum of a Th-
Ar lamp. The final spectra have a resolution R = AÀ/À = 48 000 and S/N between -200 and 
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400. More spectra were obtained with a resolution of 57 000 using the SARG spectrograph 
at the TNG telescope (La Palma Observatory, Spain). For these the data was reduced using 
IRAF ' tools in the échel le package. 

Some planet-host stars not previously studied by our team were also observed. The spectra 
for these were collected using 4 different instruments: FEROS, SARG, the CORALIE 
spectrograph (R = 50000) at the 1.2-m Swiss telescope (La Silla, Chile) and the HARPS 
spectrograph (R = 110 000) at the 3.6-m ESO (La Silla, Chile). 

3.2 Spectroscopic analysis and stellar parameters 

Stellar atmospheric parameters are computed using a standard technique based on the Fe 
ionisation balance. We adopt initial guesses to the stellar effective temperature, surface 
gravity, Ç, and [FeH]. Then, using a set of Fei and Fen lines (see Table 3.1), we iterated 
until the correlation coefficients between the abundance of Fe i with the excitation potential 
and the reduced equivalent width were zero (Fig. 3.1). The abundances derived from the Fe n 
lines were forced to be equal to those obtained from Fe i. The final atmospheric parameters, 
as well as the resulting iron abundances were found in this way. They were determined using 
an Downhill simplex method (Press et al., 1992) to find the best solution for the measured 
EWs. An example of the result of such process can be seen in Fig. 3.1. This is the result for 
the star HD10002 that was observed with the FEROS spectrograph in the ESO - La Silla. 

All abundances were computed in LTE using the 2002 version of the code MOOG2 (Sneden, 
1973) and a grid of Kurucz Atlas plane-parallel model atmospheres (Kurucz, 1993). The 
EWs for the spectral lines were measured using IRAF "splot" and "bplot" routines within 
the échel le package. The results of this analysis are presented in Tables 3.2 and 3.3. 

The results for the planet-host stars are presented in Table 3.4, but some of the parameters for 
these stars have already been presented elsewhere. In Table 3.4 we also present metallicities 
for HD34445 and HD 196885, although these stars were still to be confirmed as planet-host 
stars, since no announcement paper had been published. The reason they appear in this table 
is that they were presented as planet-hosts in the extra-solar planets encyclopedia3. 

The uncertainties in the atmospheric parameters were estimated in the same way as Neuforge-

'IRAF is distributed by National Optical Astronomy Observatories, operated by the Association of 
Universities for Research in Astronomy, Inc., under contract with the National Science Foundation, U.S.A. 

2The source code of MOOG2002 can be downloaded at http://verdi.as.utexas.edu/moog.html  
3http://www.exoplanets.eu 

http://verdi.as.utexas.edu/moog.html
http://www.exoplanets.eu
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Figure 3.1 : Result for the star HD10002. This result was acchived using a stellar atmosphere 
of Kurucz having Teff = 5354^, logg = 4.43 dex, £, = 0.96 kms'K The iron abundance for 
this star was found to be of [Fe/H] = 0.26 

Verheecke & Magain (1997): the uncertainty in Ç, was determined from the standard devi

ation in the slope of the leastsquares fit of abundance versus reduced equivalent width, the 
uncertainty in Teff was determined from the uncertainty in the slope of the leastsquares 
fit of abundance versus low excitation potential in addition to the uncertainty in the slope 
due to the uncertainty in &. The uncertainty in the iron abundance is a combination of the 
uncertainties in Teff, £, and the scatter of the individual Fe I abundances (standard deviation 
of the mean), all added in quadrature. However, in calculating the uncertainty in logg, we 
include the contribution from the uncertainty in Tcff in addition to the scatter in the Fe II 
line abundances; NeuforgeVerheecke & Magain (1997) only included the second source 
in their estimation of the uncertainty in logg. The errors in Teff, logg, £„ and [Fe/H] are 
also presented in the tables. For the error on logg we divided the dispersion of the Fen 
lines by the square root of the number of lines used. The values are typically on the order 
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Table 3.1: Atomic parameters and measured solar equivalent widths for the lines used for 
the spectroscopic analysis. 

A (A) Xl logg/ E W Q (mÂ) A (A) Xl 
4.59 

l°gg/ 
-1.98 

EW0 (mÂ) 
Fei 6591.32 

Xl 
4.59 

l°gg/ 
-1.98 10.6 

5044.22 2.85 -2.04 73.4 6646.94 2.61 -3.94 9.9 
5247.06 0.09 -4.93 66.8 6653.86 4.15 -2.41 10.5 
5322.05 2.28 -2.90 60.4 6703.57 2.76 -3.02 36.9 
5806.73 4.61 -0.89 53.7 6710.32 1.48 -4.82 16.0 
5852.22 4.55 -1.19 40.6 6725.36 4.10 -2.20 17.2 
5855.08 4.61 -1.53 22.4 6726.67 4.61 -1.05 46.9 
5856.09 4.29 -1.56 33.8 6733.16 4.64 -1.43 26.8 
6027.06 4.08 -1.18 64.3 6750.16 2.42 -2.61 74.1 
6056.01 4.73 -0.50 72.4 6752.71 4.64 -1.23 35.9 
6079.01 4.65 -1.01 45.7 6786.86 4.19 -1.90 25.2 
6089.57 5.02 -0.88 35.0 
6151.62 2.18 -3.30 49.8 Fe ii 
6157.73 4.07 -1.24 61.9 5234.63 3.22 -2.23 83.7 
6159.38 4.61 -1.86 12.4 5325.55 3.22 -3.12 41.5 
6165.36 4.14 -1.50 44.6 5414.07 3.22 -3.54 26.6 
6180.21 2.73 -2.64 55.8 5425.25 3.19 -3.16 41.8 
6188.00 3.94 -1.63 47.7 5991.38 3.15 -3.53 31.5 
6200.32 2.61 -2.40 73.3 6084.11 3.20 -3.78 20.8 
6226.74 3.88 -2.07 29.3 6149.25 3.89 -2.72 36.2 
6229.24 2.84 -2.89 37.9 6247.56 3.89 -2.35 52.2 
6240.65 2.22 -3.29 48.3 6369.46 2.89 -4.13 19.2 
6265.14 2.18 -2.56 86.0 6416.93 3.89 -2.64 40.1 
6270.23 2.86 -2.58 52.3 6432.69 2.89 -3.56 41.5 
6380.75 4.19 -1.32 52.2 6446.40 6.22 -1.91 4.2 
6392.54 2.28 -3.93 18.1 6456.38 3.90 -2.10 62.9 
6498.94 0.96 -4.63 45.9 7479.70 3.89 -3.59 10.0 
6608.03 2.28 -3.96 17.7 7515.84 3.90 -3.43 13.4 
6627.55 4.55 -1.48 28.0 7711.73 3.90 -2.55 46.0 

of 50 K, 0.1 dex, 0.1 km s \ and 0.05 dex, respectively. Higher uncertainties are found for 
lower temperature stars. 

The masses presented in the tables were determined from an interpolation of the theoretical 
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Table 3.2: Stellar parameters for our sample (HP numbers between 1 and 60000). 
HD Teff log gspec ft [Fe/H] N(Fei,Fen) tr(Fe i,Fe 11) Instr.f Mass log ghlpp 
number [K] [cms-2] [kms -1] [MQ] [cm s~2] 

HD7199 5426 ± 52 4.41 ±0.07 1.01 ±0.07 0.39 ± 0.06 36,13 0.06, 0.09 [1] 0.94 4.44 

HD7570 6140 ±41 4.39 ±0.16 1.50 ±0.08 0.18 ±0.05 35,6 0.04, 0.05 [3] 1.20 4.36 

HD7570 6198 ±39 4.49 ± 0.02 1.40 ± 0.07 0.24 ± 0.05 38,15 0.04,0.06 [1] 1.25 4.39 

HD7570 6169 4.44 1.45 0.21 avg. 1.23 4.38 

HD7727 6131 ±41 4.34 ± 0.02 1.18 ±0.07 0.16 ±0.05 38,15 0.05, 0.07 tl] 1.19 4.38 

HD8326 4914 ± 63 4.30 ±0.11 0.90 ± 0.09 0.10 ±0.07 36,12 0.06,0.13 [1] 0.68 4.49 

HD8389A 5378 ± 84 4.50 ±0.12 1.09 ± 0.09 0.47 ± 0.08 36,13 0.07,0.12 tl] 0.96 4.48 

HD9562 5937 ± 36 4.13 ±0.02 1.34 ±0.05 0.26 ± 0.05 37,16 0.04, 0.07 [1] 1.28 4.03 

HD9782 6023 ± 36 4.40 ± 0.02 1.11 ±0.06 0.15 ±0.05 39,16 0.04, 0.06 [1] 1.14 4.40 

HD 10002 5354 ± 54 4.43 ± 0.07 0.96 ± 0.07 0.26 ± 0.06 37,13 0.05, 0.08 [1] 0.91 4.51 

HD10180 5912 ± 24 4.33 ±0.01 1.10 ±0.03 0.13 ±0.04 37,16 0.03,0.06 [1] 1.07 4.34 

HD 10226 6039 ± 28 4.48 ± 0.02 1.16 ±0.04 0.22 ± 0.04 38,15 0.03,0.05 [1] 1.19 4.47 

HD 11226 6099 ± 32 4.31 ±0.01 1.30 ±0.06 0.09 ± 0.04 38,15 0.04, 0.04 [1] 1.18 4.26 

HD12058 4804 ±111 4.39 ± 0.23 1.18 ± 0.17 0.10 ±0.12 36,9 0.11,0.41 [1] 0.82 4.84 

HD 13043 A 5934 ± 21 4.33 ± 0.01 1.22 ±0.03 0.14 ±0.03 38,15 0.03,0.05 [1] 1.15 4.25 

HD13386 5226 ± 56 4.28 ± 0.09 0.88 ± 0.07 0.26 ± 0.06 36,14 0.06,0.11 [1] 0.84 4.46 

HD 16270 4891 ± 120 4.43 ± 0.22 1.19 ± 0.17 0.16 ±0.12 36,9 0.11,0.17 [1] 0.84 4.73 

HD16417 5876 ± 22 4.22 ± 0.01 1.24 ±0.03 0.20 ± 0.03 37,15 0.03,0.04 [1] 1.23 4.14 

HD20201 6064 ± 34 4.43 ± 0.02 1.17 ±0.05 0.19 ±0.05 38,15 0.04, 0.06 [1] 1.19 4.45 

HD21197 4894 ± 202 4.63 ± 0.40 1.35 ±0.31 0.18 ± 0.17 38,9 0.16,0.51 [1] 0.87 4.85 

HD26151 5388 ± 56 4.31 ±0.08 1.02 ±0.07 0.28 ± 0.07 39,13 0.06, 0.06 [1] 0.88 4.37 

HD30306 5580 ± 33 4.34 ± 0.04 0.93 ± 0.04 0.26 ± 0.04 38,15 0.04,0.05 [1] 0.96 4.36 

HD30562 5970 ± 37 4.20 ± 0.02 1.20 ±0.05 0.32 ± 0.05 38,13 0.04,0.05 [1] 1.29 4.15 

HD32147 4705 ±51 4.44 ±0.31 0.60 ±0.17 0.30 ± 0.08 35,4 0.07,0.15 [3] - -
HD32147 4937 ± 136 4.33 ± 0.26 1.02 ±0.17 0.27 ±0.12 37,11 0.10,0.26 [1] 0.87 4.67 

HD32147 4821 4.38 0.81 0.29 avg. - -
HD33214 5180 ±74 4.40 ±0.11 1.10 ± 0.10 0.17 ±0.08 39,14 0.08,0.13 [1] 0.90 4.62 

HD36152 5790 ± 25 4.46 ± 0.02 1.02 ±0.04 0.11 ±0.04 39,16 0.03, 0.07 [1] 1.07 4.52 

HD36553 6103 ± 46 3.85 ± 0.03 1.61 ±0.07 0.41 ± 0.06 37,15 0.05, 0.09 tl] 1.71 3.75 

HD37986 5586 ± 42 4.38 ± 0.05 1.04 ±0.05 0.35 ± 0.05 38,14 0.05, 0.05 Í1] 1.01 4.49 

HD39833 5901 ± 34 4.48 ± 0.02 1.15 ±0.05 0.20 ± 0.05 39,15 0.04,0.04 [1] 1.09 4.32 

HD43745 6086 ± 28 3.98 ±0.01 1.42 ±0.05 0.14 ±0.04 38,15 0.03, 0.05 [1] 1.42 4.00 

HD47186 5696 ± 29 4.39 ± 0.03 1.04 ±0.04 0.27 ± 0.04 38,14 0.04,0.03 [1] 1.01 4.38 

HD55693 5951 ±34 4.41 ± 0.02 1.22 ±0.04 0.32 ± 0.04 37,16 0.04, 0.04 [1] 1.15 4.36 

HD58895 5844 ± 40 4.01 ± 0.03 1.39 ±0.04 0.37 ± 0.05 39,16 0.05, 0.05 [1] 1.45 3.95 

t The instruments used to obtain the spectra were: [1] 2.2-m ESO/FEROS, [2] TNG/SARG, 
[3] 1.2-m Swiss Telescope/CORALIE. Parameters from CORALIE for HD7570 and HD32147 
belong to Paper IV and V, respectively. 

isochrones of Schaller et al. (1992) and Schaerer et al. (1993a,b), using Mv obtained through 
the Hipparcos parallaxes (ESA, 1997), a bolometric correction (BC) from Flower (1996) 
and Teff obtained from the spectroscopy. We adopted a typical uncertainty of 0.05 M© 
for the masses. In some cases, no mass estimates are presented, since these involve large 
extrapolations of the isochrones. 

We also derived the "trigonometric" surface gravities for our stars from the estimated masses, 
the spectroscopic temperature, and BC, using the same basic formula as was presented in 
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Table 3.3: Stellar parameters for our sample (HP numbers from 60000 on). 
HD Teff !°g Sspec fi [Fe/H] N(FCI,FCII) tr(Fci,Fen) Instr.t Mass l°gg/»>/> 
number [K] [cm s~2] [kms-1] [Mo] [cms -2] 
HD66221 5655 ± 33 4.39 ± 0.03 1.05 ±0.04 0.21 ±0.05 39,15 0.04, 0.04 [1] 0.98 4.42 
HD67556 6281 ±53 4.29 ± 0.02 1.23 ±0.09 0.32 ± 0.06 37,15 0.05, 0.09 [1] 1.31 4.37 
HD73121 6092 ± 39 4.25 ± 0.02 1.32 ±0.07 0.14 ±0.05 38,16 0.04,0.05 [1] 1.25 4.18 
HD73524 6012 ± 50 4.40 ± 0.03 1.11 ±0.07 0.23 ± 0.06 39,15 0.05, 0.08 [1] 1.15 4.39 
HD74868 6239 ± 54 4.27 ± 0.02 1.41 ±0.10 0.35 ± 0.07 36,16 0.06, 0.07 [1] 1.30 4.29 
HD78429 5786 ±31 4.34 ± 0.02 1.14 ±0.04 0.11 ±0.05 39,16 0.04,0.04 [1] 1.01 4.30 
HD81110A 5818 ±38 4.50 ± 0.03 1.14 ±0.05 0.31 ±0.05 39,15 0.05,0.03 [1] 1.17 4.56 
HD85380 6108 ±32 4.13 ±0.01 1.46 ± 0.05 0.16 ±0.04 38,15 0.04,0.05 [1] 1.38 4.05 
HD124553 6125 ± 52 4.22 ± 0.02 1.30 ±0.08 0.28 ± 0.06 33,16 0.05, 0.05 [2] 1.39 4.08 
HD125184 5714 ±22 4.18 ±0.02 1.12 ±0.03 0.32 ± 0.03 34,15 0.03, 0.06 [2] 1.22 4.12 
HD144585 5908 ± 27 4.36 ± 0.02 1.17 ±0.03 0.34 ± 0.04 36,16 0.03,0.04 [2] 1.21 4.24 
HD 154962 5827 ± 28 4.15 ±0.02 1.25 ±0.03 0.34 ± 0.04 35,16 0.03,0.06 [2] 1.28 4.07 
HD156365 5870 ± 32 4.11 ±0.02 1.27 ±0.04 0.30 ± 0.05 36,16 0.04, 0.07 [2] 1.41 3.98 
HD163153 5654 ± 37 4.14 ±0.04 1.21 ±0.04 0.40 ± 0.05 36,14 0.04, 0.05 [2] 1.31 4.03 
HD 163272 6096 ± 19 4.44 ± 0.01 1.27 ±0.03 0.32 ± 0.02 36,16 0.02, 0.07 [2] 1.22 4.31 
HD165920 5346 ± 48 4.36 ± 0.07 0.82 ± 0.06 0.31 ±0.05 34,12 0.04, 0.09 [2] 0.88 4.43 
HD183658 5833 ± 19 4.42 ± 0.01 1.09 ±0.03 0.08 ± 0.03 38,14 0.02,0.02 [1] 1.02 4.38 
HD189625 5882 ± 29 4.46 ± 0.02 1.07 ±0.04 0.24 ± 0.04 35,16 0.03, 0.06 [2] 1.11 4.46 
HD 190248 5614 ± 34 4.29 ± 0.07 1.10 ±0.04 0.36 ± 0.04 38,8 0.04, 0.04 [3] 1.02 4.31 
HD 190248 5638 ± 40 4.33 ± 0.04 1.08 ±0.05 0.39 ± 0.05 38,15 0.05,0.04 [1] 1.02 4.30 
HD 190248 5626 4.31 1.09 0.38 avg. 1.02 4.31 
HD192310 5069 ± 49 4.38 ±0.19 0.79 ± 0.07 -0.01 ± 0.05 36,6 0.05,0.09 [3] 0.72 4.47 
HD192310 5166 ±52 4.39 ± 0.08 0.93 ± 0.07 0.04 ± 0.06 38,13 0.05,0.11 [1] 0.83 4.58 
HD192310 5118 4.39 0.86 0.02 avg. 0.78 4.53 
HD199190 5946 ± 25 4.25 ± 0.01 1.22 ±0.03 0.20 ± 0.04 38,15 0.03,0.05 [1] 1.17 4.25 
HD 199960 5999 ±31 4.35 ± 0.02 1.21 ±0.04 0.33 ± 0.04 38,14 0.04,0.03 [1] 1.20 4.30 
HD203384 5546 ± 38 4.29 ± 0.04 0.97 ± 0.05 0.25 ± 0.05 33,12 0.04,0.10 [2] 0.94 4.41 
HD204385 6022 ± 24 4.31 ±0.01 1.22 ±0.04 0.09 ± 0.04 38,15 0.03, 0.04 [1] 1.13 4.33 
HD205905 5979 ±31 4.52 ± 0.02 1.12 ±0.06 0.15 ±0.04 34,12 0.03, 0.04 [2] 1.18 4.55 
HD212708 5722 ± 37 4.33 ± 0.03 1.13 ±0.04 0.32 ± 0.05 39,16 0.04,0.05 fl] 1.03 4.38 
HD214759 5459 ± 42 4.35 ±0.05 0.97 ± 0.05 0.23 ± 0.05 39,14 0.05, 0.06 [1] 0.92 4.46 
HD216402 6400 ± 50 4.57 ± 0.02 1.65 ±0.12 0.24 ± 0.06 32,14 0.05,0.07 [2] 1.33 4.36 
HD221146 5969 ±31 4.40 ± 0.02 1.23 ±0.05 0.16 ±0.04 34,15 0.03, 0.04 [2] 1.18 4.22 
HD221420 5864 ± 43 4.06 ± 0.03 1.35 ±0.05 0.37 ± 0.06 38,15 0.05, 0.05 [1] 1.40 4.00 
HD222480 5848 ± 24 4.20 ±0.01 1.23 ±0.03 0.21 ±0.04 37,14 0.03,0.03 [1] 1.21 4.16 
HD223171 5828 ± 28 4.11 ±0.02 1.20 ±0.04 0.14 ±0.04 39,14 0.03, 0.05 [1] 1.20 4.14 
HD224022 6134 ±46 4.30 ± 0.02 1.52 ±0.09 0.15 ±0.06 38,16 0.05, 0.07 [1] 1.22 4.25 

t The instruments used to obtain the spectra were: [1] 2.2-m ESO/FEROS, [2] TNG/SARG, 
[3] 1.2-m Swiss Telescope/CORALIE. Parameters from CORALIE spectra for HD 192310 and 
HD 190248 were derived in Paper IV and V, respectively. 

Santos et al. (2004c). As seen in previous works we also found that the two surface-gravity 
estimates are well correlated (see Fig. 3.2). 

The final [Fe/H] distribution of the sample can be seen in Fig. 3.3. 

Figure 3.4 shows a comparison between the metallicity obtained through the cross-correlation 
function and the spectroscopic metallicity obtained in this work. From this figure we see 
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Table 3.4: Stellar parameters for some planet-host stars 
HD Tcff \oggspec ft [Fe/H] N(Fei,Fen) <r(Fei,Fen) Ref.t Mass \ogghipp 

number [K] [cms"2] [km s"1] [M0] [cm s"2] 

HD4308 5685 ± 13 4.49 ±0.01 1.08 ±0.03 -0.31 ±0.01 35,8 0.01,0.02 [a][4] 0.83 4.34 

HD11964A 5372 ± 35 3.99 ± 0.04 1.09 ±0.04 0.14 ±0.05 38,15 0.04,0.05 [1] 0.91 3.82 

HD 11977 5020 ± 30 2.86 ± 0.04 1.46 ± 0.03 -0.09 ± 0.06 36,11 0.05,0.05 [3] 2.31 2.78 

HD13189 4337 ± 133 1.83 ±0.31 1.99 ±0.12 -0.39 ±0.19 34,10 0.18,0.16 [2] 4.97 0.95 

HD28185 5656 ± 44 4.45 ± 0.08 1.01 ±0.06 0.22 ± 0.05 38,6 0.05, 0.03 [b][3] 0.98 4.34 

HD28185 5710 ±30 4.44 ± 0.03 1.08 ±0.04 0.25 ± 0.04 37,14 0.03,0.04 [1] 1.01 4.41 

HD28185 5683 4.44 1.04 0.24 avg. 1.00 4.38 

HD34445 5915 ±35 4.30 ± 0.02 1.11 ±0.04 0.24 ± 0.04 38,13 0.04,0.04 [3] 1.17 4.25 

HD39091 5991 ±27 4.42 ±0.10 1.24 ±0.04 0.10 ±0.04 38,7 0.03, 0.04 [b][l] 1.10 4.38 

HD39091 6027 ± 30 4.45 ± 0.02 1.34 ±0.06 0.11 ±0.04 39,16 0.03,0.05 [1] 1.12 4.40 

HD39091 6009 4.44 1.29 0.10 avg. 1.11 4.39 

HD50499 6056 ± 47 4.29 ± 0.03 1.23 ±0.06 0.39 ± 0.06 39,13 0.05, 0.07 [3] 1.26 4.25 

HD69830 5385 ± 20 4.37 ± 0.02 0.80 ± 0.03 -0.05 ± 0.02 35,8 0.03,0.02 [c][4] 0.81 4.45 

HD81040 5692 ± 58 4.36 ± 0.05 0.73 ± 0.09 -0.01 ± 0.08 38,12 0.07,0.06 [3] 1.01 4.55 

HD89307 5967 ± 32 4.51 ±0.01 1.33 ±0.08 -0.13 ±0.04 33,14 0.03,0.03 [2] 1.01 4.42 

HD102195 5291 ± 34 4.45 ± 0.04 0.89 ± 0.05 0.05 ± 0.05 36,10 0.04, 0.04 [4] 0.86 4.56 

HD 109749 5899 ± 49 4.31 ±0.03 1.13 ±0.06 0.32 ± 0.06 39,12 0.06,0.05 [3] 1.15 4.31 

HD149143 6018 ±56 4.31 ±0.04 1.12 ±0.07 0.45 ± 0.07 37,11 0.06,0.05 [3] 1.26 4.26 

HD189733 5051 ±47 4.53 ± 0.08 0.95 ± 0.07 -0.03 ± 0.05 37,7 0.05,0.05 [d][3] 0.79 4.60 

HD196885 6340 ±39 4.46 ± 0.02 1.51 ±0.07 0.29 ± 0.05 34,16 0.04, 0.07 [2] 1.33 4.35 

HD212301 6254 ± 29 4.52 ±0.01 1.43 ±0.06 0.18 ±0.04 36,9 0.03,0.01 [e][4] 1.27 4.45 

t The instruments used to obtain the spectra were: [1] 2.2-m ESO/FEROS, [2] TNG/SARG, 
[3] 1.2-m Swiss Telescope/CORALIE, [4] 3.6-m ESO/HARPS; 
HD34445 and HD 196885 have been recently reported as new planet4iosts, although we are not 
aware of the existence of a discovery paper. They are included in the exoplanets Encyclopedia: 
http://vo.obspm.fr/exoplanetes/encyclo/catalog-main.php. The rest of the stars had already been 
reported in publication or already been submitted. For some stars, the stellar parameters have been 
published in the planet discovery paper: [a]-Udry et al. (2006), [b]-Santos et al. (2004c), [c]- Lovis 
et al. (2006), [d]-Bouchy et al. (2005), [e]-Lo Curto et al. (2006). 

that the former provides a good preliminary metallicity determination. 

3.3 Stellar parameters with the help of DAOSPEC 

The present discovery rate of planets means there is now a problem with the large amount 
of data to analyse. We need to analyse each planet-host in detail and also a significant 
and increasing amount of stars without planets hoping to find some relevant clues to the 
formation and evolution of the planets themselves. To face this problem we are trying to 
automate the spectroscopic stellar-parameter determination. 

In this work we used a standard technique based on the iron excitation and ionisation 

http://vo.obspm.fr/exoplanetes/encyclo/catalog-main.php
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Figure 3.2: Comparison of the spectroscopic and parallaxbased surface gravities of our 
program stars for the stars presented in this work. The solid line represents a 1:1 relation. 

metallicity distribution 

0.6 

Figure 3.3: Metalicity distribution of the presented sample. 

balance of Fe i and Fe n lines. Using this method we needed to measure the equivalents 
widths of several iron lines in the stellar spectra. For this purpose we tested DAOSPEC, 
a new automatic code developed by P. Stetson & E. Pancino (Stetson & Pancino, 2008, 
http://cadcwww .hia.nrc.ca/stetson/daospec/). Among other tasks this code measures EW in 
an automatic manner. 

http://cadcwww
http://hia.nrc.ca/stetson/daospec/


66 CHAPTER 3. THE METAL RICH SAMPLE 

0.0 0.1 0.2 0.3 0.4 0.5 
[Fe/H] (spec) 

Figure 3.4: Comparison of the spectroscopic and correlation function metallicities of our 
program stars for the stars presented in this work. The solid line represents a 1:1 relation. 

3.3.1 Testing DAOSPEC: Using the solar spectrum 

Our main purpose is to test EW measurements. Therefore we compare the measurements 
done with DAOSPEC with the "hand made" measurements obtained using the IRAF "splot" 
routine within the "échelle" package. As a first test we used the Kurucz Solar Atlas to 
produce several spectra with different levels of artificial noise and resolution. The noise was 
created using a Gaussian distribution, and the instrumental resolution was introduced using 
the "rotin3" routine in SYNSPEC4 (Hubeny et al., 1994). 

We then measured EW of iron lines in two different regions of the solar spectrum. We chose 
27 iron lines in the interval [4400Â-4650À] and 36 iron lines in the interval [6000Â-6300À]. 
These iron lines were chosen so that they would not be blended with other lines. The first 
wavelength interval is more line-populated than the second one. 

In Fig. 3.5 we show the comparison of the measurements made by DAOSPEC (y axes) 
and the "hand made measurements" (x axes) for spectra with S/N ~ 100 and an artificial 
instrumental resolution R = AA/A ~ 50 000. In the figures we indicate the slope of the linear 
fit to the points, the number of lines identified by DAOSPEC, the rms and mean difference 
of the results (in mÂ). The points are all very close to the identity line. We note a slightly 
better result for the less line-populated region of the spectrum, as expected. 

http://tlusty.gsfc.nasa.gov/index.html 

http://tlusty.gsfc.nasa.gov/index.html
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Figure 3.5: Comparison of DAOSPEC and "hand made" measurements in two different 
regions of the spectra for S/N ~ 100 and R ~ 50000. Filled line: identity line; dashed line: 
linear fit; left: [4400Â-4650Á]; right: [6000À-6300Â] 

In Fig. 3.6 we illustrate how the values displayed in the box in Fig. 3.5 change when fixing 
resolution and varying the signal to noise ratio. We can see the slope is always very close 
to 1, meaning that there is good agreement between the two measurements. The results 
are generally very good except for the spectra with high noise level where it becomes more 
difficult to identify the lines. Even for low resolutions, the results are still reasonable with 
good typical observational values of signal to noise ratio. We note, however, that increasing 
the resolution decreases the mean difference of EW This result may be from DAOSPEC 
taking false lines generated by the noise. Since DAOSPEC subtracts the identified lines 
in each loop of the code from the spectrum, the value for the strength of real lines will be 
underestimated, thus providing there lower values for the EW measurement. When the noise 
is high, it may identify those false lines that are removing strength to the real lines. 

We have also tested setting the signal to noise ratio ~ 100 and varying the resolution. The 
results show similar behaviour to the ones presented in Fig. 3.6; i.e. the slope of the linear 
fit of the points is also very close to 1, and almost all lines are identified until we reach very 
low values for the spectral resolution (R ~ 10 000). The results are always better in the 
less line-populated regions of the spectrum for the different kinds of spectra, as expected. 
For instance, the values for the rms and mean difference presented in Fig. 3.5 are higher 
in the 4500 Â region when compared to those found for the 6000 Á region. The number 
of identified lines in both cases are high. Only 2 lines in each region were not found by 
DAOSPEC for this spectral resolution and noise level. 
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Figure 3.6: Variation in the rms, slope, number of lines, and mean difference seen in Fig. 
3.5 when fixing resolution (R ~ 12000 and R - 120000) and varying the noise level for the 
[6000Â-6300Â] spectral region. 
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Figure 3.7: Comparison of DAOSPEC and 'hand made' measurements of EW for 3100 lines 
in a sample of FEROS spectra. On the left we compare the direct DAOSPEC results with 
the 'hand' made measurements. On the right, we compare the calibrated DAOSPEC results 
with the 'hand' made measurements. See text for more details. 

3.3.2 Testing with real data 

DAOSPEC seems to work well with different sets of resolutions and even with high noise 
levels. In this section we describe the results obtained by using DAOSPEC on our sample 
of stars with FEROS spectra. We used the same line list as before. 

One of the parameters of DAOSPEC is the spectral wavelength interval for the continuum 
fitting and the EW measurements. Using the full individual spectrum interval, we got a large 
dispersion on the measurements. This result may come from the bad fitting of the continuum 
level to the large wavelength interval used in the computation. To fix this problem, we used 
smaller intervals of 500 À , 250 Â , and 100 À wide, at a time, for the computation, making 
it easier to obtain the correct fit to the continuum level. The results for all stars improved 
considerably. The derived EW can be seen in the left panel of Fig. 3.7 when using 100 À 
wavelength intervals. We can see that most of the points lie near the identity line. However, 
there seems to be a small underestimate of the measurements made by DAOSPEC with a 
mean value of about 3 mÂ. When using smaller wavelength intervals, we obtain only slightly 
better results in terms of the dispersion. Considering our results, we recommend the use of 
100 Â intervals for the measurements. 

Other DAOSPEC parameters also deserve some particular comment5. One of them is the 

5For details on the input variables of DAOSPEC please see the "DAOSPEC's Cookbook" 'manual' that is 
available on the DAOSPEC webpage: http://www.bo.astro.it/~pancino/projects/daospec.html. 

http://www.bo.astro.it/~pancino/projects/daospec.html


70 CHAPTER 3. THE METAL RICH SAMPLE 

order of the Legendre polynomial that fits the continuum level in the spectra, for which 
we used order 8. For the value controlling the relative core flux we used a value of 0. It is 
mentioned in the "DAOSPEC cookbook" that this parameter can be important for measuring 
strong and saturated lines (> 200 mÂ). In our case we did not consider these cases because 
our lines are all weaker than 200 mÂ (the majority being weaker than 100 mÀ). In what 
concerns the parameter that controls the smallest EW for the lines, we used the default 
value of 5mA; i.e., DAOSPEC will not show lines with strengths weaker than 5mA. The 
initial guess for the FWHM resolution of the spectrum was taken as 14 pixels (typical in our 
case). This value was not fixed during the computation. 

We tried to use the EW derived using DAOSPEC for our set of Fe i and Fe n lines to derive 
stellar parameters. Preliminary results give us some offsets when compared with the ones 
determined in the regular way. Mean differences for the stellar parameters showed ATeff ~ 
-50 K, Alogg ~ 0.03 dex, A£ ~ -0.06 km/s, and A[Fe/H] ~ -0.07 dex. These significant 
offsets must be due to the small offset presented by the EW derived using DAOSPEC. 

3.3.3 Calibrating DAOSPEC results 

In this section we present a calibration that we can use to correct for the small offset in EW 
observed between DAOSPEC and the "hand made" measurements. The measurements of 
EW can be dependent on several aspects. First, we expect different responses for different 
types of stars. We are focusing on F, G, and K stars, therefore the spectra can change con
siderably with the different effective temperatures. Another important cause of a different 
reaction is the local density of lines in the spectrum as a function of the wavelength, as seen 
in Fig. 3.5. Finally, a constant offset is clearly present, probably due to the way EW are 
measured with DAOSPEC. 

Given the above measurement dependences we calibrated the DAOSPEC EW using the 

linear fit: 

EWcor = 5.835 + 1.020 X EWdao + 11.391(5 - V)t + (-0.002)^- (3.1) 

where for each /th line we have the calibrated value, EWcor, the DAOSPEC measured EW, 
EWdao, the respective (B-V) value for the star that produced the line, (B - V)h and its 
wavelength Ah The B-V is used here as a proxy for effective temperature. 

After applying this calibration to the DAOSPEC EW we compared the results with the "hand 
made" values in Fig. 3.7. The stars used in this comparison have values of (B-V) ranging 
from 0.5 to 1.2. We have a few stars that have lower temperature and for which measured 
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EW can be less reliable. By taking these stars out of the comparison, the rms presented in 
the right panel of Fig. 3.7 is reduced to 2.7 mÂ for ~ 94% of the stars. 

We note that since our sample is basically composed of stars with high metal content, this 
calibration may only be valid for metal rich stars. We expect that this calibration may change 
slightly with metallicity due to the intrinsic difference of the spectra; high metal-content 
spectra have more lines than low metal-content spectra, making it harder to determine 
accurate measurements. This fact must be verified with a sample of low metal-content stars 
in the future. 

3.4 Conclusions 

In this work we presented accurate stellar parameters for a sample of 64 high metal-content 
stars. We have also presented metallicities and stellar parameters for 17 planet-host stars, 
most of which were not studied in our previous series of papers (Papers I-V). Adding these 
new 14 stars,.we count a total sample of 133 planet-host stars with high accuracy and 
uniform stellar parameters. 

As in previous works, these two samples of solar type stars were analysed using the same 
method and model atmospheres to determine stellar parameters and [Fe/H]. Therefore the 
samples are uniform, unique, and appropriate for future studies of stellar metallicity-giant 
planet connection. 

We present the results of tests done to a code that we expect to use to measure EW in an 
automatic way: DAOSPEC(Stetson & Pancino, 2008). Although the results are positive, we 
show that one has to be careful in how to use it. A significant increase in the number of iron 
lines in the line list used for the parameter determination may be needed in order to have a 
high statistical strength in the results. 

Using higher-resolution spectra such as the ones collected by HARPS (Mayor et al., 2003), 
we should obtain better results. Another possible improvement for the results of an au
tomatic determination of stellar parameter is a possible, fully relative analysis, i.e. using 
DAOSPEC to obtain the EW measurements in order to measure the EW in the solar spec
trum. 

Although the tests made on DAOSPEC showed promising results, there are still some 
significant counterbacks. The main negative aspect on this code was the systematic un
derestimation on the output EWs. This fact, combined with some not so easy functionalities 
of DAOSPEC, lead us to a need of having a better alternative option to be included in a 



72 CHAPTER 3. THE METAL RICH S AMPLE 

future total automatic procedure for the determination of spectroscopic parameters. 



Chapter 4 

ARES - The Magic Begins 

In the previous chapter we presented some tests for the DAOSPEC code. At the end, 
although it was stated that the results were acceptable, we were not totally satisfied with 
the observed offset in the automatic measurements computed with DAOSPEC. Therefore, 
we started to write an IDL code as an exercise to see at what point we could numerically 
reproduce the manual procedure to measure equivalent widths using interactive routines 
such as splot in IRAK 

The main concern was the automatic determination of the continuum position on real spec
tra. How can one automatically determine the correct position of the continuum? Once this 
crucial task was running well, the next problem was to determine the number of lines and 
their respective position in order to be fitted. How can we teach a "blind" computer to do 
this task? The answer to this challenge was on the mathematical derivation properties. 

The code has its foundations in this two procedures, and also in some extra numerical tricks 
to deal with the noise propagation on the numeric computation of the derivatives. The code 
is well described in Sousa et al. (2007). 

The ARES code was born, but still in a preliminary IDL version. In order to have it freely 
available for everyone we spent quite a lot of time translating the code to the free programing 
language, C++. The preliminary version was fully translated and then further developed in 
C++. The code is now available in the ARES webpage http://www.astro.up.pt/~sousasag/ 
ares/. 

In the published paper (Sousa et al., 2007), we also presented some tests for the new 
code as well as a comparison to the DAOSPEC results. The code was tested using both 
simulated and real spectra with different levels of resolution and noise and comparing its 
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measurements to the manual ones obtained in the standard way. The results shows a small 
systematic difference, always below 1.5mA. This can be accounted for by errors in the 
manual measurements caused by subjective continuum determination. The conclusion is 
that the new code seems to work better and faster than other codes tested before. 

Moreover, we presented a first attempt for the second stage of the automatic accurate deter
mination of stellar parameters. This stage consist on implementing a new and large line list 
for the determination of the stellar parameters. 

In this Chapter we present the new automatic code (ARES) that can measure the equivalent 
widths of absorption lines. We present the motivation for this work in the Sect 4.1. In 
Sect. 4.2 we report the basic idea behind the procedure and the system requirements to run 
ARES. The way to use the code is reported in Sect. 4.3, which refers to the input parameters 
and explains the numerical method inspired in the "hand" made measurements. In Sects. 
4.4 and 4.5 we report the results of tests to the code both for synthetic spectra using the 
Sun as a reference and also for several real spectra taken with FEROS, HARPS, and UVES 
spectrographs. We also show a comparison between ARES and DAOSPEC EWs. In Sect. 
4.6 we present new atomic parameters for a large sample of iron lines used for determining 
the stellar parameters. This sample of lines is then used to determine the stellar parameters 
and iron abundances for the Sun and several solar-type stars in an automatic way. The 
results are compared with literature data. The last sections resumes the work presented in 
this chapter and the ideas for future work regarding improvements and new features for a 
posterior version of the ARES code. 

4.1 Motivation 

As discussed in Chapter 2, when analysing the spectrum of a solar-type star, it is possible 
to determine its atmospheric parameters, such as the effective temperature (7W), surface 
gravity (logg), and the chemical abundance for several elements (Gonzalez & Lambert, 
1996; Fuhrmann et al., 1997). These are parameters that can be determined directly from 
the spectra and can be used to determine other indirect parameters. 

However, this technique can be as powerful as it is time-consuming. On the one hand, 
measuring chemical abundances in solar type stars often implies the measurement of accu
rate EW's for many spectral lines. On the other hand, one of the most common, accurate 
methods of determing spectroscopic stellar parameters such as reff, logg, and metallicity 
([Fe/H]) is based on measuring the equivalent width (EW) of weak metal lines. By using 
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them to impose excitation and ionisation equilibrium through stellar atmosphere models, we 
can determine the spectroscopic stellar parameters (e.g. Teff and logg). 

The most common procedure for measuring EW is the use of interactive routines such 
as the IRAF1 "splot" routine within the échel le package. In these cases it is usually 
necessary to "manually" find the line and to mark the position of the continuum and the 
position of possible additional lines in the case of blending effects. Even the inexperienced 
reader can imagine the time needed to analyse a spectrum in this way, taking the number of 
lines for each spectrum into account to determine the parameters with satisfactory accuracy. 
Multiplying this time by the number of stars, one can have an idea of the total time needed 
to study a large sample of stars for several chemical elements. 

With the growing amount of incoming stellar data (e.g. planet-host star samples, comparison 
star samples,etc), it becomes necessary to accelerate the analysis process. To overcome this 
problem, several authors have tried to build automated codes to measure EWs (e.g. Stetson 
& Pancino, 2008). In Sousa et al. (2006) we presented the results of one promising code for 
this task. 

4.2 The ARES code 

The idea behind this code is to reproduce the "manual" procedure of measuring the equiva
lent widths of absorption lines in spectra. The underlying approach is to try to "teach" the 
computer how to estimate the continuum position and to guess the number of lines (in case 
of blending effects) necessary for the best fit of the normalised spectrum around the line we 
want to measure. 

The basic procedure of ARES is to take a one-dimensional spectrum, a list of the spectral 
lines and a file that contains the parameters necessary for the computation. Then the code 
selects a region around each line, where it finds the continuum position. After this, it 
identifies the number and the position of the lines needed to fit the local spectrum. The 
fitting parameters are used to calculate the equivalent width of each line. The result is 
produced in a file defined by the user (see Fig. 4.1). 

The ARES code was written in C++, allowing anyone to use it without having any problems 
with software licenses. Not only is the language free, but the libraries that this code uses are 
also available without any additional costs. The code can be obtained through the webpage 

'IRAF is distributed by National Optical Astronomy Observatories, operated by the Association of 
Universities for Research in Astronomy, Inc., under contract with the National Science Foundation, U.S.A. 
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Figure 4.1: Scheme for the use of ARES. 

(http://www.astro.up.pt/~sousasag/ares/), and the packages required to compile the code are: 

CFITSIO (http://heasarc.nasa.gov/fitsio/fitsio.html); 

GCC - GNU Compiler Collection (http://gcc.gnu.org/); 

GSL - GNU Scientific Library (http://www.gnu.org/software/gsl/); 

plotutils (http ://www.gnu. org/software/plotutils/). 

All software used to run ARES, with the exception of CFITSIO, can be easily installed in 
any linux flavour machine (also works on MAC), either by using yum for Fedora Core linux 
or using repositories for Debian. The user can proceed by installing each software package 
individually by making use of the information provided on each software web page. We 
want to thank the Free Software Foundation (FSF) for sponsoring the GNU Project, making 
it possible for everyone to have access to free functional software. 

http://www.astro.up.pt/~sousasag/ares/
http://heasarc.nasa.gov/fitsio/fitsio.html
http://gcc.gnu.org/
http://www.gnu.org/software/gsl/
http://www.gnu


4.3. NUMERICAL METHOD AND INPUT PARAMETERS 77 

4.3 Numerical method and input parameters 

A series of input parameters are needed to run ARES. These parameters are given in an input 
(ascii) file and include the ID-fits file name (e.g. IRAF format), the line-list file, the output-
file names, the wavelength domain to be used, the minimum interval between successive 
lines, the wavelength interval to be considered around each line, the minimum accepted EW 
of a line, calibration parameters for either the continuum determination and noise control, 
and the display parameters: 

• specfits - is the location of the spectra in the FITS format. The header of this file must 
contain the CRVAL1 and CDELT1 keywords. The spectra should be reduced and 
calibrated in wavelength. It is supposed that the spectra should have a preliminary 
normalisation to avoid abnormal features in the ID spectra such the ones that can 
appear when using reduced échelle spectra. 

• readlinedat - is the location of the file that contains the lines to be measured. The 
format of this file is described in the help file that is suplied with the code. Each line 
of this file should indicate the wavelength position of each line to measure. We note 
that the code can crash if is trying to find lines in a spectral region not existent in the 
spectrum (e.g. a spectral gap). 

• fileout - the output file. The results for the identified lines are prompted in this file 
with the following order: the central line wavelength, the number of lines used to fit 
the local spectrum, the depth of the line to measure, the FWHM of the line, the EW 
of the line, and the three coefficients of the gaussian used to fit the line (depth, sigma, 
central position) respectively. 

• lambdai - initial wavelength of the interval to search the lines. 

• lambda/ -final wavelength of the interval to search the lines. 

• smoothder - value of the smooth boxcar to use in the numerical derivatives. Value 1 
implies no smoothing. 

• space - wavelength interval around the line where the computation will be conducted. 

• rejt - parameter required to calibrate the local continuum determination (see Section 
4.3.1.). 

• lineresol - minimum distance in Angstroms between lines in the spectra. 
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• miniline - minimum EW value that will be prompted into the output file. 

• plots Jlag - If this flag is set to 1, plots of the continuum determination and the fit of the 
line will be displayed, otherwise the code will run automatically without interruptions. 
The stop of the plots is available at any time passing to the auto run of the code, so 
that the user can check the measurements of the lines in the beginning of the line list. 

Note that the input spectrum should already be reduced and corrected of the Doppler shift 
with a precision better than the value included on the lineresol parameter. We also recom
mend making a previously lst-order normalisation, specially for regions where the contin
uum has fast variations. Some other more crucial parameters, needed to fit the continuum 
and to smooth the spectra, are also defined here. Given their relevance, these are described 
in more detail in the next sections. 

4.3.1 Determination of the continuum position 

The measurement of EWs is done locally around each line. The parameter space is defined 
by the user in order to choose the local interval (in Angstroms) where the calculations will 
be carried out. The continuum position is thus determined locally as is usually done when 
obtaining the EWs through the "manual" procedure, and is obtained iteratively by choosing 
points that are above the fit of a 2nd-order polynomial times a value that is defined in the 
parameter rejt. This important parameter is necessary for responding to the S/N of the 
spectra. In this work we recommend some values for this parameter for different kinds 
of noisy spectra; however, since the "manual" continuum placing is very subjective, we 
decided to leave this parameter free for the user to choose the best value. 

Figure 4.2 illustrates the changes that the parameter rejt introduces in the selection of the 
points for the continuum determination. This figure shows a region of a synthetic spectrum 
with an S/N around 50. Each panel is the result for a different choice of the parameter 
rejt where we mark the final points chosen after all the iterations have been done for the 
continuum determination. It is easy to see that higher values for this parameter, close to the 
value 1, will be advised for spectra with low noise. We present a case where the spectra 
has some significant noise level, therefore a value between 0.94 and 0.97 will make a more 
accurate continuum determination. 
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Figure 4.2: A synthetic spectrum region with a signal-to-noise ratio around 50. The filled 
line represents the fit to the local continuum through a 2nd-order polynomial based on the 
points that are marked as crosses in the spectrum. We can see the variations induced by 
some different choices to determine the local continuum (effect of the parameter rejt, cf. 
Sect. 4.1). 
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Figure 4.3: On the top we we show the local continuum determination by ARES for a 
real spectra. On the bottom the same spectra already normalised and with the gaussian fit 
computed for the 6120.25À iron line. 
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There is also an additional internal condition that tries to neglect possible cosmic rays/bad 
pixels in the spectra by taking out points that suffer a strong change in flux. This is done by 
checking the difference between consecutive points. If this has a high relative value (10%), 
then this point is not taken into account for the continuum determination. In the synthetic 
spectra we introduced a bad pixel around 5501.2 Â in the continuum region. It is easily 
seen that in all cases this pixel was ignored for the continuum determination. We stress 
that it is assumed that the spectrum used as input for the calculation should be reduced as 
much as possible and calibrated in wavelength, without cosmic rays and with some type of 
normalisation. 

Note that the position of the continuum, together with the fit of the line, can be seen if 
required by the user (setting plots flag = 1). Then the user has the choice of continuing to 
run without plots if the result is satisfactory (setting plots flag = 0). Alternatively the user 
can stop the code and reset the parameters for a better result. Figure 4.3 shows the result of 
ARES when setting plots flag = 1. The plots show the final fit to the local continuum and 
the already normalised spectrum with the gaussian fit for the line defined to me measured. 

4.3.2 Finding the lines for the fitting process 

When using interactive ("manual") routines it is necessary to point the approximate position 
of the line peak or peaks in the case of blending lines. To enable the computer to automat
ically find the peaks, we use some mathematical properties of the derivatives of a function. 
It is well known that the zeros of the derivative of a function give us the local minima and 
maxima. The zeros of the 2nd derivative give us the inflection points, i.e. the points where 
the function changes its concavity. The local maxima of the 2nd derivative will give us the 
center of the absorption lines directly. 

The best way to find these maxima is to use the zeros of the 3rd derivative of the function. 
This can be seen in the right panel of Fig. 4.4. It is clear that the maxima of the second 
derivative give us a good estimation of the position of the lines in the original spectra even 
for cases of strong blended lines (e.g. 5500.6 À and 5500.8 Â in Fig. 4.4). 

To determine the peak or peaks to fit the spectral line, it is necessary to obtain the first three 
numerical derivatives of the surroundings of the line profile. 

To calculate the EW it is necessary to fit the line with a function. Absorption lines weaker 
than 200 mÁ are very well described by a Gaussian function. In this version of the code we 
only fit the lines with Gaussians, but this can be easily extended to other options if necessary 
in the future. 
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Figure 4.4: A simulated normalised spectral region and the respective 1st, 2nd, and 3rd 
derivatives. In the right panel it is easily seen that the local maxima of the 2nd derivative, 
which can be found using the zeros of the 3rd derivatives, estimates the center of the lines of 
the simulated spectrum very well. Note that using this we can see extremely blended lines 
that do not present zeros on the 1st derivative. The left and middle panels show how the 
parameter smoothder is useful for eliminating the noise when computing the derivatives. 

4.3.3 Dealing with noise 

Noise can be a problem, especially when determining numerical derivatives where the noise 
propagates very fast (left panel of Fig. 4.4). To overcome this problem we make use of 
numerical smoothing applied to the arrays of the derivatives with a boxcar average and 
a given width eliminating some of the noise. The use of such a smoothing parameter is 
illustrated in the middle panel of Fig. 4.4. The parameter smoothder is an integer value 
corresponding to the width (in pixels) of the boxcar. In the code it is only applicable to the 
derivatives. The smooth result of an array of values is described by the expression 

Rt = 

( w-\ 

w / i^i+J-w/l l 2 >"'>ly 2 
/=0 

Ai otherwise 
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where A is the array to be smoothed, w the width of the boxcar to be averaged, N the number 
of array elements, and R the resulting smoothed array. We note that this parameter can be 
important regarding the numerical resolution of the spectra. From the tests we made using 
different spectra from FEROS and HARPS, which present a significant difference in spectral 
resolution and consequently also numerical resolution, the typical value for this parameter 
may change between 2 and 4. 

Even using this numerical trick, noise can be a problem when identifying the lines. If the 
noise is high enough, the procedure can mistakenly identify lines that are very close to each 
other and that is only one line in reality. To overcome this possible problem the user can 
set the parameter lineresol that tells the computer the minimal distance between consecutive 
lines. The value is introduced in Angstroms units. A typical value for this parameter is 
0.1 A. 

4.4 Testing ARES: Using the solar spectrum 

To test ARES we performed the same tests that were presented in Sousa et al. (2006). We 
will compare the "hand" made EW measurements obtained using the IRAF "splot" routine 
to the ones computed by ARES. The test will be carried out using several solar spectra with 
different levels of artificial noise and resolution. The original spectrum is the Kurucz Solar 
Atlas, and the noise was introduced using a Gaussian distribution. The artificial instrumental 
resolution was included using the "rotin3" routine in SYNSPEC2 (Hubeny et al., 1994). 

To perform the tests we chose 114 iron lines (blended lines also included) in the region 
[6000Â- 7000Â]. In Fig. 4.5 we have a set of plots that show the results of the tests. 
The large panel shows a comparison between the ARES EWs (y axes) and the "hand made 
measurements" (x axes) for a spectrum with S/N ~ 100 and a resolution R = À/AÀ ~ 65 000 
(note that R ~ XJfwhm, where Xc = 6500 A and/vv/wî=0.1 A). In the box of this plot we 
indicate the slope of the linear fit to the points, the number of identified lines by ARES, the 
runs, and the mean difference of the results (in mÂ). As we can see from the plot, the points 
are all very close to the identity line (filled line). In this figure we also present several panels 
that illustrate how the values displayed in the box mentioned above change when fixing the 
spectral resolution (R ~ 65000)-left and when fixing the noise level (S/N ~ 100)-right. 

2http://tlusty.gsfc.nasa.gov/index.html 

http://tlusty.gsfc.nasa.gov/index.html
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Figure 4.5: ARES results for different kinds of spectra in terms of resolution and noise 
contamination. The larger plot shows the comparison between ARES EWs (y axes) and 
"hand made" EWs (x axes). In the box we present the slope of the linear fit to the points 
(dashed line), the rms, the number of identified lines, and the mean difference in the EW of 
the measurements. The filled line is a 1:1 line. The small plots represent the variations in the 
values presented on the box for the different spectra. On the left we fixed the resolution and 
changed the noise levels. On the right we fixed the noise level and changed the resolution. 
Note that these results can be improved if a more careful choice of the input parameters is 
made for each spectrum type. 

In these comparisons, a few points can appear to be at a significant distance from the identity 
line (23 points in the larger plot for Fig. 4.5). These offsets can appear for strongly blended 
lines where the fit is more difficult to compute. To check these cases, the user can see the 
log file that the code produces to check for bad fits in these lines. 

The slopes are always very close to 1, and the rms is always smaller than 2 mÀ except in 
the case of low resolution. The number of identified lines is very high in most of the spectra 
and the mean difference always show a low value in the typical spectral type. The results are 
generally very consistent, but the agreement gets worst when the spectra quality decreases, 
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as expected. We note that the parameters used to perform this test for the different kinds of 
spectra were chosen in a "fast" way, i.e. a more careful choice of the parameters for each 
type of spectra is required to obtain better results. The parameters are very important, and 
once these are adequately chosen for a specific type of spectrum in terms of resolution and 
noise level, the results will be equally valid under similar conditions. We recommend the 
users to make a careful selection of the parameters, or to take the ones presented in the next 
section for reference. We also recommend the user to first use a line list composed with 
"easy" lines (isolated and well-defined) in order to see the progress of the code. The user 
can do this by using the plots provided by the code and choose the parameters that present 
the best fit to the lines and the continuum. As discussed above, the continuum position is 
very subjective, and each user can choose the parameters that better fit his/her demands. 

4.5 Testing ARES: Using real stellar data 

The code has also been applied to available spectra obtained with the FEROS, HARPS, and 
UVES spectrographs. 

4.5.1 FEROS spectra: ARES vs. DAOSPEC 

A comparison to the results obtained by DAOSPEC for the same FEROS sample of spectra is 
also included. The spectra were obtain to characterise the planet-host stars and comparison 
samples of stars that was not found any planet. For details on these spectra, see the work of 
Santos et al. (2004c, 2005) and Sousa et al. (2006). 

In Fig. 4.6 we show the results of both DAOSPEC (left) and ARES (right) versus the 
"manual" measurements. We also plot a histogram representative of the difference between 
the measurements to give a better idea of the dispersion and mean value of the automatic 
measurements. The same FEROS spectra and the same line list presented in Sousa et al. 
(2006) have been used. We present here the direct result from DAOSPEC without any 
calibration, details for the computation using DAOSPEC can be found in Sousa et al. (2006). 
We also present the rms and the mean difference of the measurements to give a better idea 
of the result of the comparison. 

In the case of the ARES code, since the sample is composed of high-quality spectra, with 
S/N > 200 and R ~ 50000, the following main parameters were used: smoothder-A, space=2 
À, rejt=0.996, lineresol=0.l Â, and miniline=2mk. Using this parameters we derived EWs 
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Figure 4.6: Results of both ARES (right) and DAOSPEC (left) comparisons to 'hand made' 
measurements using the same sample of FEROS spectra. The dotted histogram represents 
the lines that are weaker than 40 mÂ. The thin line histogram represents the lines that are 
stronger than 40 mÂ. 

that show a small mean difference of about 1.5 mÂ with respect to the "hand" made mea
surements. 

We suspect that part of the difference mentioned above is due to the fact that the spectra have 
different noise levels and that we are using the same parameters to determine EWs for all of 
them. This will also contribute to the dispersion presented in the plots. We cannot exclude 
that the subjective manual determination of the EWs may also have a significant weight in 
the difference presented here. 

It can also be seen in Fig. 4.6, as found before, that DAOSPEC underestimates EWs for 
most of the measurements. In this aspect, ARES reacts better than DAOSPEC and presents 
a sharper distribution, with the mean difference closer to zero. Note that the weaker lines 
are the ones that present higher relative error and are the ones that contribute the most to the 
small bump observed to the left in the histograms. This can be seen in the histogram that 
represents lines weaker than 40 mÂ. 
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Another point that favours ARES over DAOSPEC is the computation velocity. While 
DAOSPEC took a few hours to obtain the measurements, since we had to do it taking several 
small intervals for each spectra, ARES took the measurements in two minutes using the 
same machine. Moreover, ARES was able to identify more lines in the spectra sample than 
DAOSPEC. 

4.5.2 HARPS and UVES spectra 

In Fig. 4.7 we show the result for a sample of HARPS spectra. The main parameters used 
here were: smoothder=A, space=2 À, rejt=0.993, lineresol=0.\ A, and miniline=2mk. The 
results are very promising for all of the spectra, despite the significant variation in the noise 
level of the spectra in this sample (S/N ~ 150-250 and R ~ 115000). 

In Fig. 4.8 we show the result for a small sample of four UVES spectra. The main 
parameters used here were: smoothder=4, space-2 A, rejt=0.999, lineresol=0A A and 
mimline=2mA. The four spectra, used here to test the code on UVES spectra, were of 
excellent quality with a very high S/N > 200 and R ~ 100000. Therefore the value of the 
rejt parameter is also high. The code seems to work very nicely with these spectra, using 
the parameters presented here. 
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Figure 4.7: Results of ARES for a sample of HARPS spectra comparing the value of the 
EW obtained by ARES (EWARES) with the "manual" value from IRAF (EWIRAF)-
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Figure 4.8: Results of ARES for a sample of UVES spectra comparing the value of the EW 
obtained by ARES (EWARES) with the "manual" value from IRAF {EWIRAF). 
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4.6 Stellar parameters 

4.6.1 Using ARES EWs 

We re-determined the stellar parameters for the FEROS sample of stars presented in Sousa 
et al. (2006) to compare the results. The EWs were measured with ARES, with the same 
parameters as described before for this FEROS sample. After this, the same procedure was 
used, using the same iron line list for a spectroscopic analysis done in LTE using the 2002 
version of the code MOOG3 (Sneden, 1973) and a grid of Kurucz Atlas plane-parallel model 
atmospheres (Kurucz, 1993). 

IRAF Teff IRAF lo9 9 

10 15 2 0 -0.4 -0.2 0.0 0.2 0.4 0.6 
IRAF f, IRAF [Fe/H] 

Figure 4.9: Comparison of the manual obtained spectroscopic parameters to the obtained 
automatically through ARES code 

The comparison of the parameters obtained using ARES versus the parameters obtained 
using the manual EW measurements is presented in Figure 4.9. We can see from the figure 
that the parameters are all very close to the identity line. The effective temperature has 
a mean difference of 22 K and the metallicity has a mean difference of 0.03 dex. These 

3The source code of MOOG2002 can be downloaded at http://verdi.as.utexas.edu/moog.html 

http://verdi.as.utexas.edu/moog.html
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Table 4.1 : Sample Table: Atomic parameters and measured solar equivalent widths for Fe n 
and Fe i lines. 

-1(A) Xi logg/ EW 0 (m 
4000.01 2.83 -3.687 7.3 
4007.27 2.76 -1.666 87.7 
4010.18 3.64 -2.031 35.0 
4014.27 3.02 -2.330 47.3 
4080.88 3.65 -1.543 58.2 
4114.94 3.37 -1.720 61.2 
4124.49 3.64 -2.071 33.7 
4126.86 2.85 -2.638 41.3 
4139.93 0.99 -3.423 80.4 

differences can be explained by the small difference shown before of 1.5 mÂ presented in 
the EWs measurements (see Sect. 6.1). 

4.6.2 Extended list of iron lines 

We built a code that presents promising results in the automatic EW determination. This 
was the first step in the quest for a total automatic procedure to determine spectroscopic 
stellar parameters. The second step is to determine a way to obtain the stellar parameters 
with high accuracy. The idea is to use a significant number of iron lines to increase the 
statistical strength of the determined stellar parameters. 

We follow the procedure presented in Santos et al. (2004c) for deriving stellar parameters 
and metallicities. It is based on the EW of 39 Fei and 16 Fen weak lines, by imposing 
excitation and ionisation equilibrium. Presently the number of lines are relatively small 
since users are restricted to a few well-defined iron lines in the stellar spectrum. The idea is 
to increase this number of lines, giving the possibility of decreasing the errors involved in 
the determination of the stellar parameters. 

Using the Vienna Atomic Line Data-base (VALD: Piskunov et al. (1995); Kupka et al. 
(1999); Ryabchikova et al. (1999) - http://www.astro.uu.se/htbin/vald), we requested all the 
Fei and Fen from 4000Â to 9000Â. Then using the Kurucz solar atlas, we searched all the 
iron lines allowing a good measurement. Then the loggf values were obtained. For this a 

http://www.astro.uu.se/htbin/vald
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Table 4.2: Stellar parameters for some test stars 
HD number Toff [K] 

6064 ±34 

loggipec [cms 2] fitkms-1] [Fc/H] N(Fci,Fen) tr(Fei,Feii) Ref.t 
FEROS spectra: 

Toff [K] 

6064 ±34 HD20201 

Toff [K] 

6064 ±34 4.43 ± 0.02 1.17 ±0.05 0.19 ±0.05 38,15 0.04,0.06 [1] 
6084 ± 18 4.57 ± 0.03 1.16 ±0.02 0.16 ±0.01 350,57 0.05,0.09 [2] 

HD33214 5180 ±74 4.40 ±0.11 1.10 ± 0.10 0.17 ±0.08 39,14 0.08,0.13 [1J 
5265 ±31 4.48 ± 0.08 1.10 ±0.06 0.19 ±0.02 348,51 0.09,0.24 [2] 

HD36553 6103 ±46 3.85 ± 0.03 1.61 ±0.07 0.41 ±0.06 37,15 0.05, 0.09 [1] 

6153 ±23 4.06 ± 0.04 1.67 ±0.02 0.39 ± 0.02 349,55 0.07,0.12 [2] 
HD7570 6198 ±39 3.49 ± 0.02 1.40 ±0.07 0.24 ± 0.05 38,15 0.04, 0.06 [1] 

6204 ± 16 4.55 ± 0.03 1.31 ±0.02 0.21 ±0.01 350,59 0.05,0.10 [2] 

HD7727 6131 ±41 3.34 ± 0.02 1.18 ±0.07 0.16 ±0.05 38,15 0.05,0.07 [1J 
6169 ± 18 4.55 ± 0.03 1.26 ±0.02 0.12 ±0.01 327,57 0.05,0.10 [2] 

HARPS spectra: 
HD102117 5672 ± 22 4.27 ± 0.03 1.05 ±0.02 0.30 ± 0.02 37,8 0.03, 0.03 [3] 

5671 ± 18 4.24 ± 0.03 1.06 ±0.02 0.28 ±0.01 286,56 0.05,0.10 [2] 

HD212301 6256 ± 28 4.52 ± 0.02 1.43 ±0.06 0.18 ±0.02 36,9 0.03, 0.01 [1] 
6273 ± 21 4.64 ± 0.04 1.32 ±0.02 0.16 ±0.02 278,53 0.05,0.13 [2] 

HD4308 5685 ± 12 4.49 ± 0.02 1.08 ±0.03 -0.31 ±0.01 35,8 0.01,0.02 [1] 

5675 ± 13 4.43 ± 0.02 0.91 ± 0.02 -0.33 ± 0.02 293,56 0.04,0.08 [2] 

HD69830 5385 ± 19 4.37 ± 0.03 0.80 ± 0.03 -0.05 ± 0.01 35,8 0.03, 0.02 [1] 

5410 ± 17 4.35 ± 0.04 0.83 ± 0.02 -0.07 ±0.01 284,55 0.05,0.15 [2] 

t The instruments used to obtain the spectra were: [1] Sousa et al. (2006), [2] this work, [J 
et al. (2005); 

differential analysis to the Sun was used; i.e. the \oggf values were determined using the 
lines present in the Sun. We computed from an inverted solar analysis using EW measured 
from the Kurucz Solar Atlas and a Kurucz grid model for the Sun (Kurucz, 1993) having 
Teff = 5777^, log g = 4.44 dex, £ = 1.00 kms~\ and log(Fe) = 7.47. The new values of 
\oggf are presented in Table 4.1. 

As a test, we computed the solar parameters and iron abundances based on iron EW mea
sured using a solar spectrum taken with the HARPS spectrograph using the Ceres asteroid 
(Collection of HARPS solar spectra - http://www.eso.org/sci/facilities/lasilla/instruments/ha 
rps/inst/monitoring/sun.html). The resulting parameters were Tefí = 5762 ± 12 , log g = 
4.44 ± 0.08, Ç, = 0.94 ±0.01, and [Fe/H] = 0.0 ± 0.02, close to the "expected" solution. 

We also show results for a few stars in the FEROS and HARPS sample. The stellar pa
rameters obtained for these stars were obtained using ARES to measure EW with this new 
line list. The procedure is the same as for the short line list and the stellar parameters 
are presented in Table 4.2 where we can compare them to previous results added from the 
literature. The result of imposing the excitation and ionisation equilibrium can be seen in 
Fig. 4.10 for the HD20201 star. The results are compatible with the previous ones obtained 
using the short line list, but since we have more lines, this is statistically more significant. 

file:///oggf
file:///oggf
http://www.eso.org/sci/facilities/lasilla/instruments/ha
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Figure 4.10: Results for the fit of the abundances for determining the stellar parameters for 
the FEROS spectra of HD20201. The crosses represent the Fei, and the filled triangles the 
Fen. 

4.6.3 A more accurate analysis 

An alternative procedure that can improve the accuracy of the stellar parameters is being 
considered. A differential spectroscopic analysis (Laws & Gonzalez, 2001) between the 
Sun and a solartype star can eliminate intrinsic errors in the determination of the stellar 
parameters. If we use the same spectrograph to obtain both the Sun and the target star 
spectra, and also use the same method to determine the EWs, it is possible that, when 
comparing the individual line abundances for the both star, intrinsic errors either on the 
EW measurements or in the loggf values can be eliminated. Using ARES for the EW 
measurements, we are now able to apply this procedure to a large sample of lines. 

Another alternative option that can also improve the analysis is to compute new logg/ 
values based on ARES measurements for the solar spectrum obtained with the same spec



94 CHAPTER 4. ARES - THE MAGIC BEGINS 

trograph (same instrumental and numerical resolution) and noise levels. In this way, a 
systematic error in the EW measurement made by ARES will be taken into account in the 
respective new solar loggf value. 

4.7 Summary 

We present ARES, a new automated code for measuring EWs. We describe the method used 
by this new code and also the requirements for its use. 

The results of the test performed with ARES concludes that this code seems to perform 
very well for several types of spectra. There is a small difference between ARES and 
manual measurements that can in part be explained by the intrinsic errors on the subjective 
determination of the continuum level. The general results of the EW measurements using 
real data show excellent results, especially in high-resolution spectra. 

We also present a new large line list of iron lines for determining the stellar parameters to 
be used in an automatic procedure. The result for the Sun and for the stars of the FEROS 
and HARPS samples shows that the combination of ARES with this large line list can be a 
powerful tool for the statistical precision of determining automated stellar parameter. 

4.8 Future Work 

The ARES code works very well for our purpose of measuring absorption line in solar type 
star spectra. However there are a few ideas to be implemented for a posterior version of 
the code to improve it even more. I will now enumerate some of the new features and 
improvements that are being considered for the next code version: 

• Include as an option the possibility to define the parameter rejt as a function of the 
S/N of the spectra. With this new option the user will have the possibility to let the 
ARES code decide what would be the best value for this parameter depending on the 
S/N of the spectra to analyse. 

• Include an option to limit the maximum number of lines to be fitted in each line 
measurement. This will allow to eliminate some of the error measurements if the 
region is very well understood by the user. 
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• Include an input spectrum in text format. If the user has the spectra in text format it 
can use this new input without having to transform their spectra into fits files. 

• Implement a more efficient way to eliminate bad measurements. This can be done by 
comparing the widths of the fit parameters and comparing to the mean of all the lines 
(or one specific value given by one good fit). 

• Implement Lorentzian fitting in the code. If the user wants to use a Lorentzian profile 
instead of a gaussian for a given line, or when the gaussian fitting gives EW greater 
than a given value (e.g. 200 mA). 

• Compute the rotation velocity of a star, given by the width of the gaussian profiles. 

• Include a header on the output file of the ARES code with the respective column 
information. 

• Include an option to perform the fit only in the deeper parts of a given line. This can 
eliminate the fitting errors caused by the line wings 

• Include an option to make the measurements without performing any local normali
sation, i.e. assume that the spectrum is already completely normalised. 

• Implement a new task to allow also the measurement of emission lines. 
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Chapter 5 

The HARPS GTO planet search sample 
Catalogue 

As already noted in the first chapter, since the first detection of a giant planet orbiting 
a solar-like star (Mayor & Queloz, 1995), several planets in the Neptune-mass regime 
have been discovered (e.g. McArthur et al., 2004; Santos et al., 2004c; Butler et al., 2004; 
Vogt et al., 2005; Rivera et al., 2005; Bonfils et al., 2005a, 2007; Udry et al., 2006, 2007; 
Lovis et al., 2006; Melo et al., 2007). This has been possible due to the development of a 
new generation of instruments capable of radial-velocity measurements of unprecedented 
quality. One such instrument is undoubtedly the ESO high-resolution HARPS fiber-fed 
échelle spectrograph, especially designed for planet-search programmes and asteroseismol-
ogy. HARPS has proven to be the most precise spectro-velocimeter to date, which has 
achieved an instrumental radial-velocity accuracy superior to 1 ms~x for many years (Mayor 
et al., 2003; Lovis et al., 2005). 

A by-product of these planet searches are the high-quality spectra, of high S/N and high-
resolution, that are collected in every run in a consistent and systematic way for selected 
candidate stars. The result is a vast quantity of spectra, mainly of solar-type stars, which 
can be analysed in a consistent way for the determination of accurate spectroscopic stellar 
parameters. 

This Chapter describes the first application of the ARES code for the automatic determina
tion of accurate spectroscopic stellar parameters in a sample of 451 stars from the HARPS 
planet search sample. In 2006 we collected and combined all the available spectra from one 
of the HARPS GTO sub-programs. The spectroscopic analysis of these sample is described 
in the following sections. 

97 
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Finally, with the determined stellar parameters, we will extract informations about the planet 
hosts and field stars, making an additional distinction between the stars hosting giant planets 
and the ones hosting smaller planets (Hot Neptunes). This is done checking the metallicity 
distribution in the different subsamples. 

5.1 Stellar Sample & Observations 

The objective of the HARPS "high-precision" GTO project is to detect very low-mass extra-
solar planets by increasing the radial velocity measurement accuracy below 1 ms~x. The 
stars in this project were selected from a volume-limited stellar-sample observed by the 
CORALIE spectrograph at La Silla observatory (Udry et al., 2000). These stars are slowly-
rotating, non-evolved, and low-activity stars that presented no obvious radial-velocity vari
ations at the level of the CORALIE measurement precision (typically 5-10 ms~l and domi
nated by photon-noise). Southern planet hosts were also added to this program to search for 
further low-mass planets. Therefore, a significant number of stars (65) from this catalogue 
are already confirmed planet hosts. For more details we point the reader to a description of 
this sample by Mayor et al. (2003). In summary, the sample is composed of 451 FGK stars 
with apparent magnitudes that range from 3.5 to 10.2 and have distances less than 56 parsec. 

Asteroseismology work using HARPS has proved that the precision of the instrument is no 
longer set by instrumental characteristics but rather by the stars themselves (Mayor et al., 
2003; Bouchy et al., 2005). Even a "quiet" G dwarf shows oscillation modes of several tens 
of cms'1 each, which might add up to radial-velocity amplitudes as large as several ms~l 

(Bouchy et al., 2005). As a consequence, any exposure with a shorter integration time than 
the oscillation period of the star, might fall arbitrarily on a peak or on a valley of these mode 
interferences and thus introduce additional radial-velocity "noise". This phenomenon could 
seriously compromise the ability to detect very low-mass planets around solar-type stars by 
means of the radial-velocity technique. 

To average out stellar oscillations, the observations are designed to last at least 15 minutes 
on the target, splitting them into several exposures as required, to avoid CCD saturation. 
The final result is a high-quality spectrum for each star in the sample. 

The individual spectra of each star were reduced using the HARPS pipeline and combined 
using IRAF ' after correcting for its radial velocity. The final spectra have a resolution of 

'IRAF is distributed by National Optical Astronomy Observatories, operated by the Association of 
Universities for Research in Astronomy, Inc., under contract with the National Science Foundation, U.S.A. 
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Figure 5.1 : Signal to Noise Distribution for the final combined spectra from the sample used 
in this work. 90% of the spectra have S/N higher than 200. The peak in the S/N - 2000 is 
due to our procedure that stopped combining spectra once it reached a s/n greater than 2000. 

R ~ 110000 and signal-to-noise ratios that vary from ~ 70 to ~ 2000, depending on the 
amount and quality of the original spectra (90% of the spectra have S/N higher than 200 -
see Figure 5.1). 

5.2 Stellar parameters - Spectroscopic Analysis 

We followed the procedure presented in Santos et al. (2004c) for deriving stellar parameters 
and metallicities, where [Fe/H] is used as a proxy for overall stellar metallicity. As reported 
in Sousa et al. (2007) however, we attempted to increase the number of spectral lines and 
decrease the errors involved in the determination of stellar parameters. Therefore, we used 
the large, extended line-list presented in Sousa et al. (2007) and applied this method to the 
sample. 

The spectroscopic analysis was completed, as already described in this dissertation, assum
ing LTE, and using the 2002 version of the code MOOG2 (Sneden, 1973) and a grid of 
Kurucz Atlas 9 plane-parallel model atmospheres (Kurucz, 1993). Stellar parameters and 
metallicities were derived as in previous works (Santos et al., 2004c, 2005; Sousa et al., 

2The source code of MOOG2002 can be downloaded at http://verdi.as.utexas.edu/moog.html 

La. 

http://verdi.as.utexas.edu/moog.html
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Table 5.1: Examples of atomic parameters and measured solar equivalent widths for Fe n and 
Fei lines. This table is electronically available on CDS and also at the author's webpage. 
The full table is also available in appendix to this thesis. 

*(A) Xi logg/ Ele. EW 0 (m 
4508.28 2.86 -2.403 Fell 87.3 
4520.22 2.81 -2.563 Fell 81.9 
4523.40 3.65 -1.871 Fei 44.2 
4531.62 3.21 -1.801 Fei 66.4 
4534.17 2.86 -3.203 Fell 53.7 
4537.67 3.27 -2.870 Fei 17.4 
4541.52 2.86 -2.762 Fell 71.5 
4551.65 3.94 -1.928 Fei 29.1 
4554.46 2.87 -2.752 Fei 37.4 
4556.93 3.25 -2.644 Fei 26.3 
4576.34 2.84 -2.947 Fell 64.9 

2006), based on the equivalent widths of Fe i and Fe n weak lines, by imposing excitation 
and ionisation equilibrium. 

5.2.1 A large list of stable lines 

As a first guess, we considered the line list used for the spectroscopic analysis given in Sousa 
et al. (2007). To check the quality of the line list, we derived preliminary stellar parameters 
for our sample. The stability of the lines were then checked by comparing the abundances 
of each individual line with the mean abundance obtained for each star. 

Since the stars in our sample have a significant range of spectral type with effective tempera
tures ranging from -4500 K to -6400 K, we expect a significant different local environment 
around each line, due to variations in blending effects. To take this problem into account, 
we divided our sample into three subsamples, taking into consideration the preliminary 
determination of the effective temperature (Tefí < 5300^, 5300AT < Tciï < 6000A:, Tciï > 
6000/0-
This allows the search for systematic non-stable lines in the large list for the three ranges 
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Figure 5.2: Selection of the stable lines from the list provided by Sousa et al. (2007). We 
present the mean difference between each line abundance and the mean abundance of the 
respective star as a function of the wavelength. We divided the analysis into three different 
ranges of effective temperatures. The dashed lines represent the 1.5 sigma threshold. Lines 
in the shaded area (< 4500Á) were also removed since this region was strongly affected by 
blending effects, in particular for cooler stars. 
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of stellar spectral class. The lines that showed a systematic offset from the mean value, 
that was larger than 1.5 sigma were considered "bad" lines, which provide false abundance 
measurements either due to line-blending events or because the continuum could not be 
fitted readily in a particular spectral region. Lines at wavelengths lower than 4500Á were 
removed because, for cooler stars, this region is highly line crowded and therefore more 
likely to produce blending effects. These lines were removed from the original large line 
list. 

Table 5.1 shows the final list composed of 263 Fei and 36 Fen weak lines to be used on 
HARPS spectra for the determination of the stellar parameters and iron abundance. This 
table is electronically available on CDS and also at the author webpage3. 

We note that this analysis is difficult to apply to cooler stars, because the spectra of these 
stars are crowded with lines or the atomic parameters that we adopt become inaccurate as we 
study spectral classes increasingly different from solar (see discussion in section 2.7). These 
two effects can be seen clearly in the dispersion of measurements shown in Fig. 5.2 (upper 
panel) that is significantly higher than for the two other cases (middle and lower panel). 

Due to these problems, the solutions for cooler stars are more difficult to converge into the 
"true" stellar parameters. In a few cases, we had to discard some lines from the final stellar-
line list with equivalent widths greater that 200 mA and smaller than 10mA to overcome 
this issue. 

5.2.2 Using ARES 

The equivalent widths of the lines were measured automatically in all spectra using the 
ARES4 code (Automatic Routine for line Equivalent widths in stellar Spectra - Sousa et al., 
2007). 

The ARES code considers a one-dimensional spectrum, a list of absorption lines to be 
measured, and some calibration parameters. First, ARES estimates the continuum about 
each individual line and calculates a local normalization. The location and number of lines 
for which a Gaussian fit can be attempted, are then determined. After fitting the local, 
normalized spectrum, ARES uses the fit parameters to compute the equivalent width. The 
result is then outputted to a file. 

A number of ARES parameters were fixed during the analysis of all spectra in our sample: 

3http://www.astro.up.pt/~sousasag/harps-gto_catalogue.html 
4The ARES code can be downloaded at http://www.astro.up.pt/~sousasag/ares 

http://www.astro.up.pt/~sousasag/harps-gto_catalogue.html
http://www.astro.up.pt/~sousasag/ares
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smoothder = 4, space = 3, lineresol - 0.07, miniline = 2. The smoothder value was used 
to reduce the noise in the computed derivatives of the local spectrum to find the number 
and location of the lines to be fitted. The space parameter was set to be the total length of 
spectrum about each line required to fit the local continuum; therefore, for a value of 3 Â, 
ARES fitted the continuum over a total interval of 6 Â. The lineresol parameter defines the 
minimum separation allowed for consecutive lines. This parameter is used to limit the effect 
of noise on the determination of the number and location of lines, i.e. if ARES identify lines 
that are close together according to the value indicated in lineresol, then it ignores one line 
and then measures a mean position. The miniline parameter is the lower value of EW that 
will be returned by ARES in the output file. 

Table 5.2: Dependence of the rejt parameter on the S/N of HARPS spectra. ARES users 
should use this table as a reference for the rejt parameter. 

S/N condition rejt S/N condition rejt 
S/N < 100 0.985 

100 < S/N < 125 0.990 250 < S/N < 300 0.995 
125 <S/N< 150 0.991 300 < S/N < 500 0.996 
150 < S/N < 200 0.992 500 < S/N < 800 0.997 
200 < S/N < 225 0.993 800 <S/N< 1500 0.998 
225 < S/N < 250 0.994 1500 < S/N 0.999 

As described in Sousa et al. (2007), the most important parameter for the correct auto
matic determination of equivalent widths using ARES is the rejt parameter. This parameter 
strongly depends on the signal-to-noise ratio (S/N) of the spectra. Values close to 1 are 
indicative of low spectrum noise levels. Table 5.2 shows how the parameter was defined by 
considering the spectrum S/N (measured at 6050 A). Future ARES users may use this table 
as a reference for the most appropriate choice of the rejt parameter. This table was compiled 
for HARPS spectra, but the data should be applicable to other high-resolution spectra. 

5.2.3 Stellar mass and luminosity 

Stellar masses were estimated, as in previous works (e.g. Santos et al., 2004c), by interpo
lating the theoretical isochrones of Schaller et al. (1992) and Schaerer et al. (1993b,a), using 
Mv computed for the Hipparcos parallaxes and V magnitudes (ESA, 1997), a bolometric 
correction from Flower (1996), and the effective temperature derived from the spectroscopic 
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analysis. We adopt a typical relative error of 0.10 MQ for the masses. In some cases, 
the value of mass was not determined because the calculation would have required a large 
extrapolation of the existing isochrones. 

The luminosity was computed by considering the Hipparcos parallaxes, V magnitude and 
the bolometric correction. Its error was derived based on the parallax errors from Hipparcos, 
which was the main source of uncertainty in the calculation of luminosity. The error in the 
luminosity is available in the electronic table only. 

5.3 The spectroscopic catalogue of the HARPS GTO "high 
precision" sample 

Figure 5.3 presents some characteristics of the sample. The top plot shows the distribution 
of the sample on the Hertzsprung-Russell diagram, where we represent evolutionary tracks 
for 1.0, 1.1, and 1.2 MQ, computed using the CESAM code (Morel, 1997; Marques et al., 
2007)5. Moreover, we present the typical error boxes on this specific diagram, where the 
error in the luminosity is dependet mostly on the error in the parallax of each star, and 
the error in the temperature is derived from our spectroscopic method. This plot shows 
that the sample is composed mainly of main-sequence solar-type stars. In the bottom plot, 
we present the metallicity distribution that has a mean value of about -0.09 dex. This is 
compatible with the comparison samples presented in the work of Santos et al. (2004c), 
when taken into consideration the amount of planet hosts (more metal-rich on average) that 
were added to the original HARPS GTO "high precision" sample. 

Table 5.3 shows a sample of the catalogue with some of the stellar parameters that have been 
determined. This catalog is electronically available on CDS and also at the author webpage6. 

5.4 Comparison with previous works 

We compared our results with those of other authors to acess the consistency between 
different methods, using spectroscopy or photometry to derive stellar parameters. We used 
the spectroscopic results of Edvardsson et al. (1993), Bensby et al. (2003), Valenti & Fischer 
(2005), Santos et al. (2004c), Fuhrmann (2004), and the photometric results of Nordstrom 

5http://www.astro.up.pt/corot/models/  
6http://www.astro.up.pt/~sousasag/harps_gto.catalogue.html 

http://www.astro.up.pt/corot/models/
http://www.astro.up.pt/~sousasag/harps_gto.catalogue.html
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Figure 5.3: In the top panel, we show the distribution of the sample stars in the H-R diagram. 
The filled circles represent the planet hosts in our sample. We also plot some evolutionary 
tracks computed with CESAM for a 1.0, 1.1 and 1.2 M 0 . In the bottom panel, we present 
the metallicity distribution of the sample. 
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Table 5.3: Sample table of the HARPS GTO "high precision" spectroscopic catalogue. We provide 
the star name, effective temperature, surface gravity, micro turbulence, [Fe/H], the number of iron 
lines used in the spectroscopic analysis, a mass estimate, the surface gravity computed from the 
parallaxes, the luminosity of the star, and an indication of whether it hosts a planet. In the electronic 
table, we also indicate the error in the luminosity and the computed absolute magnitude of the stars. 
This table is fully avialable also in apendix in this thesis. 

Star ID Teff log gspec 6 [Fe/H] N(Fei,Fen) Mass l°$gkipp Lum. planet 

[K] 

4840 ±66 

[cm s -2] 

4.30 ±0.16 

[Ions"1] [ M Q ] [cm s -2] [LQ] host? 

HD63454 

[K] 

4840 ±66 

[cm s -2] 

4.30 ±0.16 0.81 ±0.14 0.06 ± 0.03 227, 27 0.66 4.55 0.25 yes 

HD63765 5432 ± 19 4.42 ±0.03 0.82 ±0.03 -0.16 ±0.01 249, 32 0.83 4.51 0.55 no 

HD65216 5612 ± 16 4.44 ±0.02 0.78 ±0.03 -0.17 ±0.01 256, 34 0.87 4.48 0.71 yes 

HD65277 4802 ±88 4.43 ±0.18 0.55 ±0.34 -0.31 ±0.04 257, 32 0.49 4.49 0.21 no 

HD65562 5076 ±47 4.39 ±0.09 0.45 ±0.18 -0.10 ±0.03 252, 34 0.72 4.51 0.37 no 

HD65907A 5945 ± 16 4.52 ±0.02 1.05 ±0.02 -0.31 ±0.01 256, 34 0.93 4.37 1.24 no 

HD66221 5635 ±25 4.40 ±0.04 0.92 ±0.03 0.17 ±0.02 260, 35 0.96 4.40 0.95 no 

HD66428 5705 ±27 4.31 ±0.06 0.96 ±0.03 0.25 ± 0.02 258, 35 1.01 4.31 1.28 yes 

HD67458 5891 ± 12 4.53 ±0.02 1.04 ±0.01 -0.16 ±0.01 256, 35 0.98 4.45 1.02 no 

HD68607 5215 ±45 4.41 ±0.08 0.82 ±0.08 0.07 ± 0.03 251,35 0.81 4.52 0.45 no 

HD68978A 5965 ±22 4.48 ±0.02 1.09 ±0.02 0.05 ± 0.02 260, 34 1.08 4.43 1.24 no 

HD69655 5961 ± 12 4.44 ±0.03 1.15 ±0.01 -0.19 ±0.01 249, 34 0.98 4.36 1.33 no 

HD69830 5402 ±28 4.40 ±0.04 0.80 ±0.04 -0.06 ± 0.02 255, 36 0.82 4.46 0.60 yes 

HD70642 5668 ±22 4.40 ±0.04 0.82 ±0.03 0.18 ±0.02 253,36 0.98 4.42 0.95 yes 

et al. (2004). We also checked the consistency with results derived using the Infra-Red Flux 
Method (IRFM), following the work of Casagrande et al. (2006). 

From this point on, all differences presented are relative to our own work, i.e. "other 
works"-"this work". 

5.4.1 Effective Temperature 

For the effective temperature the results of the comparison, presented in Fig. 5.4, are 
compatible with other spectroscopic studies. We found a mean difference of only -18 ± 47 
K for the 20 stars in common with the work of Bensby et al. (2003). These authors used 
the same procedure as in this work for determining the effective temperature, but in their 
case for different stellar-atmosphere models (Uppsala MARCS code). In their work, they 
measured equivalent widths from spectra taken with the FEROS spectrograph on the 1.52 m 
ESO telescope. 

Fuhrmann (2004) used a different procedure for the determination of the effective tem
perature, based on hydrogen line profiles. However, our and their results are in excellent 
agreement for the 15 stars that we have in common, for which we find a mean difference of 
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Figure 5.4: Comparison of our spectroscopic results for the effective temperature with other 
values found in the literature. We also show the comparison with IRFM using either the 
Kurucz or Phoenix models. 

+ 1±44K. 

Valenti & Fischer (2005) presented stellar parameters for 1040 F, G, and K dwarfs. We 
were able to complete a comparison using data for a larger number of stars and found good 
agreement with a mean difference -16 ± 44 K in the effective temperature. However, a small 
offset can be seen in the plot for higher temperatures (Tefí > 6000 K). These authors used 
spectral synthesis for data taken with HIRES, UCLES, and the Lick Observatory Hamilton 
Echelle Spectrometer. 

We compared our measurements derived here with our own previous results (Santos et al., 
2004c), which were obtained using the same procedure but a different line list. The compari
son indicated good agreement for effective temperatures with a mean difference of-18 ± 57 
K. For this specific comparison, most stars in common with the sample of Santos et al. 
(2004c) were observed with the CORALIE spectrograph and only a few with the FEROS 
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spectrograph. 

In their careful spectroscopic analysis of 189 nearby field F and G disk dwarfs, Edvardsson 
et al. (1993) determined effective temperatures using photometry. For the stars in common, 
we found very similar effective temperatures, with a mean difference of only -27 ± 71 K. 

We also compared our effective temperatures with those in Nordstrom et al. (2004) that 
used the IRFM-based calibration of Alonso et al. (1996). There is a systematic deviation 
between our results and those of Nordstrom et al. (2004), with a mean difference of -108 ± 
68 K. In particular, a clear offset appears to be present for effective temperatures above 
5500 K. We do not know the reason for this, but it is interesting to note that the Alonso 
et al. (1996) temperature scale is based on the Vega absolute calibration derived by Alonso 
et al. (1994). In that work, it was found that the Vega absolute calibration derived from hot 
(7/eff > 6000 K) and cool (TcS < 5000 K) stars differed by a few percent, which implied 
that effective temperatures for cool and hot stars were not on exactly the same scale. The 
Vega absolute calibration used by Alonso et al. (1996) was a weighted average of that for 
both hot and cool stars: it is in fact interesting to note that the offset in Fig. 5.4 appears 
approximately where the method showed some problems. 

5.4.2 Effective Temperature - The IRFM 

Casagrande et al. (2006) implemented a revised form of the IRFM, as described in their 
paper. They found good agreement with various spectroscopic temperature scales; they 
explained a ~ 100 K systematic difference with respect to previous implementation of the 
IRFM, as being most likely due the adoption of the new Vega zero points and absolute 
calibration of 2MASS (Cohen et al., 2003). The comparison with a large set of solar analogs 
confirm that the temperature scale is calibrated well for solar-type stars (Casagrande et al., 
2006). 

The main concept behind the IRFM is to assume that the ratio between the bolometric 
and infrared monochromatic fluxes is a sensitive indicator of effective temperature. The 
bolometric flux is recovered using multi-band photometry, right across the optical and near-
infrared. The flux outside the photometric filters is estimated using model atmospheres, and 
the infrared monochromatic fluxes are computed from 2MASS JHKK photometry. Accurate 
infrared photometry is crucial for recovering effective temperatures precisely and only stars 
with total photometric errors (i.e. "j_"+"h_"+"k_msigcom" as given from 2MASS) smaller 
than 0.10 mag are used. 

For 66 stars in the HARPS GTO sample we obtained accurate Johnson-Cousins BV(RI)C 



5.4. COMPARISON WITH PREVIOUS WORKS 109 

colors from the General Catalogue of Photometric Data (Mermilliod et al., 1997) and JHKS 

from 2MASS, and executed the IRFM as described in Casagrande et al. (2006). To increase 
the number of stars for which it was possible to apply the IRFM, we tested the results only 
if Johnson B V and 2MASS JHKS magnitudes were used. We found the average difference 
to be ATeff = 5 ± 15 K, implying that the IRFM could be applied to all HARPS GTO stars 
which with Hipparcos Johnson photometry (ESA, 1997). We also checked that if Hipparcos 
Tycho BTVT magnitudes, transformed onto the Johnson system (Bessell, 2000), were used 
instead that the differences in our results would be negligible. 

Figure 5.4 (three right plots) shows the comparison with effective temperatures derived by 
the spectroscopic analysis described in Sect. 3. The agreement is excellent, corresponding 
to a mean difference of -1 ± 63 K. We measure a slight disagreement when we consider 
cooler stars alone, which may due to inconsistencies in stellar model atmospheres at the 
lowest temperatures covered by the present study. In the case of the IRFM, we use the 
ATLAS9-ODFNEW models (Castelli & Kurucz, 2003) to recover the bolometric flux that 
is missing from our multi-band photometry. We also tested the use of the latest Phoenix 
models (Brott & Hauschildt, 2005), which include an extensive molecular-line list, which is 
particularly important for cooler stars. Using the IRFM, we found that results derived using 
the ATLAS9-ODFNEW models agree incredibly well with those for the Phoenix models, 
corresponding to a mean difference in temperature of only -5 ± 11 K. Such agreement 
is in part due to our implementation of the IRFM, which uses more observational data 
and highlights the high degree of consistency between physical descriptions in independent 
spectral synthesis codes. 

The comparison with the IRFM in Fig. 5.4 implies that our spectroscopic method decreases 
its accuracy when applied to stars cooler than ~ 4800 K. This conclusion is expected since 
the method described in Sect. 3 is based on a differential analysis with respect to the Sun; it 
is also supported by considering the error determination for the stars: since errors are based 
on the distribution of the abundance determination, the dispersion is larger for cooler stars. 
Above 4800 K, we find, however, very good agreement. 

5.4.3 Surface Gravity 

Figure 5.5 shows the comparison between surface gravity measurements derived in our work 
and those from other authors. We also computed spectroscopy surface gravities using Hip
parcos parallaxes and the estimated masses of stars as it is described in Santos et al. (2004c). 
For the comparison between these computed gravities and the spectroscopic gravities it is 
observed a dispersion and offset for lower gravities. This is probably due to uncertainties in 
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Figure 5.5: Comparison of our spectroscopic results for surface gravity with other 
measurements in the literature. 

the estimated value of stellar mass, which is required in this approach to compute the gravity. 
The large mass uncertainty can be attributed to the considerable number of degeneracies in 
stellar interior models: it is possible, for example, to describe the data for a star in the 
H-R diagram using several models with different initial conditions (see e.g. Fernandes & 
Monteiro, 2003). It is interesting that some high gravity values (close to 5.0 dex) are 
computed using the parallaxes. These high values are not expected, since we are dealing 
with dwarf main sequence stars. 

The surface gravities presented by Bensby et al. (2003) were determined using the stellar 
mass and parallax of stars. In Fig. 5.5, we compare the values of logg from Bensby et al. 
(2003) with our surface gravities computed from parallaxes. We observe perfect agreement 
with a mean difference of -0.02 ± 0.05 dex. 

We also find an excellent agreement with the surface gravities determined by Fuhrmann 
(2004) in addition to our old results using the same method but a smaller line list (Santos 
et al., 2004c). 

Edvardsson et al. (1993) measured the surface gravity using a different method, which used 
the Balmer discontinuity index. When comparing their values with our spectroscopic surface 
gravities, we find a rather large deviation with a mean difference of -0.14 ± 0.11 dex. 

The mean difference between values obtained by Valenti & Fischer (2005), using spectral 
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Figure 5.6: Comparison of our spectroscopic measurements of [Fe/H] to others found in the 
literature. 
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synthesis, and ourselves is only 0.04+0.13 dex, which indicates good agreement between the 
measurements. There is, however, significant dispersion in this comparison. For a few stars, 
Valenti & Fischer (2005) derive unusually high values of gravity; in the lower regime of 
gravity, they also measure higher values than the ones we present in this work. A comparison 
between Valenti & Fischer (2005) gravities and independent computation of gravity using 
Hipparcos parallaxes reveals a larger offset for smaller gravities. We note that this does not 
imply that gravities given by these authors are incorrect, but that the offset is greater than for 
our values when comparion to the computed gravities using parallaxes. We also recall that 
the mass estimates have a large uncertainty, which may contribute to the observed offsets. 

5.4.4 Metallicity 

Figure 5.6 shows the comparison of the metallicity estimates in this work with those derived 
in other works. As for the other parameters, all metallicities agree well within the errors. 
The results from Edvardsson et al. (1993) differ the most from our values (with only 0.05 
dex), in particular for metallicities above -0.1 dex. 

5.5 A calibration of the effective temperature as a function 
of £ -F and [Fe/H] 

Using the parameters presented in Table 5.3 and the B - V value taken from the Hipparcos 
catalogue (ESA, 1997), we derived a new calibration of the effective temperature as a 
function of B-V and [Fe/H]. The result is illustrated in Fig. 5.7 and the calibration is 
expressed by: 

reff = 9114 - 6827(£-F) + 2638(5-F)2 + 368[Fe/H]. (5.1) 

The standard deviation of the fit is only 47 K, illustrating the quality of the relation. Such 
a result was already observed in a calibration completed by Santos et al. (2004c), using a 
much smaller number of stars. This calibration can be useful and applied to stars without 
the need for a detailed spectroscopic analysis, with the guarantee that the result will be in 
the same effective temperature scale. This calibration is valid in the following intervals: 
4500^ < Teff < 6400^, -0.85 < [Fe/H] < 0.40, and 0.51 < B-V < 1.20. The small 
dispersion also attest to the quality of the metallicity values derived in this work. 
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Figure 5.7: Calibration of the effective temperature as a function of the color index B-V and 
[Fe/H]. The 3 fitted lines correspond to lines with constant values of [Fe/H] (-0.5, 0.0, 0.5). 

5.6 Planet-hosts in the sample 

The well-established correlation between the presence of a giant planet and the metallicity 
of its host star (Santos et al., 2004c; Fischer & Valenti, 2005) is illustrated by our results. 
This trend is observed in Fig. 5.8, where the metallicity distribution of jovian-like planets is 
clearly located towards the metal-rich regime. The subsample of 66 planet hosts has a mean 
metallicity of +0.09 dex. For comparison, the sample presented in this work has a mean 
value of-0.12 dex, if we only include stars without planets, and -0.09, if we include all the 
stars (see also Fig. 5.3). 

From the 66 planet hosts belonging to our sample, three host neptunian planets (HD4308, 
HD69830 and HD160691). The first two of these only harbor neptunian planets (Udry 
et al., 2006; Lovis et al., 2006), while the third also has Jupiter-like planets (Pepe et al., 
2007). Others Neptune-like planets were discovered with HARPS, but do not belong to this 
sample. In Fig.5.8, we present the metallicity distribution of these two types of host stars. 
Althought the numbers are small, we find a wider spread of metallicities for stars hosting 
Neptunian-like planets. 

In Table 5.4, we compile a list of [Fe/H] values for all known planet hosts orbited by 
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Table 5.4: Neptunian hosts and their metal content. We also list the mass (in earth masses) 
of the least massive planet orbiting the star, as well as an indication of whether there is one 
or more jovian companions. 

star [Fe/H] jov.? Mp sin i [Fe/H] reference 
G1581 -0.33 

-0.25 
-0.29 

no 5.09 Bean et al. (2006) 
Bonfils et al. (2005b) 
Mean value 

G1876 -0.12 
-0.03 
-0.08 

yes 5.72 Bean et al. (2006) 
Bonfils et al. (2005b) 
Mean value 

HD69830 -0.06 no 10.49 This work 
HD160691 0.30 yes 13.99 This work 
G1674 -0.28 no 11.76 Bonfils et al. (2007) 
55 Cnc e 0.33 yes 10.81 Santos et al. (2004c) 
HD4308 -0.34 no 14.94 This work 
HD 190360 0.24 yes 18.12 Santos et al. (2004c) 
HD219828 0.19 yes 20.98 Melo et al. (2007) 
GJ436 -0.32 

0.02 
-0.15 

no 22.89 Bean et al. (2006) 
Bonfils et al. (2005b) 
Mean value 

G1176 -0.10 no 24.16 Endl et al. (2007) 

neptunes or super-earths. This list was compiled using the extrasolar-planets encyclopaedia 
(http://www.exoplanet.eu), for which we select the discovered planets with masses (Mp sin /) 
less than 25 M®. In the table, we indicate whether each star also hosts jovian planet(s) 
("yes"), or if it only hosts neptunian planets or super-earths ("no"). The [Fe/H] values are 
listed in the table for each star. 

To increase the number of neptunian-planet hosts, we must include M stars presented in the 
table. We note that the metallicity determination of M stars can be difficult; we therefore 
use the mean of the [Fe/H] values quoted in the literature. 

We should mention that we do not expect the inclusion of M-dwarfs in our comparison to 
strongly compromise or bias our conclusions. First, the metallicity distribution of M-dwarfs 
in the solar neighborhood differs only slightly from that of field FGK-dwarfs. The offset 
on the metal distribution is small (-0.07 dex), and possibly within the margins of errors 

http://www.exoplanet.eu
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Figure 5.8: Metallicity distribution of jovian planet hosts and neptunian planet hosts within 
the HARPS GTO "high precision" spectroscopic catalogue. 

(Bonfils et al., 2005a). Secondly, the fact that these metallicities are more uncertain will 
produce a scatter, but likely not a systematic offset, in the [Fe/H] distribution of stars with 
Neptune-like planets. Finally, it is reasonable to assume that the influence of metallicity on 
planet-formation efficiency is independent of either host mass or spectral type. 

Using the values of [Fe/H] listed in Table 5.4, we compared the metallicity distribution of the 
spectroscopic catalogue presented in this work, which corresponds to the [Fe/H] distribution 
of the solar neighborhood, with two different distributions. The first, composed of all stars 
presented in Table 5.4, and the second, composed only of stars that do not host jovian planets 
("no" in the table). The result can be observed in Fig. 5.9. The metallicity distribution of the 
catalogue presented in this work has a mean metallicity of < [Fe/H] >= -0.09, while the 
metallicity distribution of stars known to harbor at least one neptunian planet corresponds 
to a mean metallicity of < [Fe/H] >= -0.03. Finally, stars known to host only neptunian 
planets have a mean metallicity of < [Fe/H] >= -0.21. 

We performed a Kolmogorov-Smirnov test to check the probability that samples are part 
of the same population. We compare the sample composed of all stars in Table 5.4, to that 
composed only of giant-planet hosts in the catalogue. According to a Kolmogorov-Smirnov 
test, there is a probability of 3% that the two samples belong to the same population. We 
applied the same test to stars that host only neptunian planets ("no" in the table) and found 
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Figure 5.9: Metallicity distribution for the sample presented in this work (dotted line), for 
stars hosting neptunian planets (dashed line), and for stars exclusively hosting neptunian 
planets (full line). The mean metallicity of each distribution is indicated on the plot. 

a probability of only 0.5%. This result, although preliminary, implies that these samples are 
unlikely to belong to the same population. 

Although the sizes of the datasets are small, we attempt to estimate a lower limit value 
of the frequency of Neptune-like planets (or super-earths) found, as a function of stellar 
metallicity. For each of the three metallicity bins [Fe/H] < -0.15, -0.15 < [Fe/H] < 0.15, 
and [Fe/H] > 0.15, we computed the ratio of the number of stars with Neptune-like planets 
in Table 5.4 to the number of stars in our entire sample. In this estimate, we assume that the 
metallicity distribution of the 451 stars represents the metallicity distribution of the planet 
search samples used to find the planets listed in Table 5.4. 

The results show that the frequency of stars hosting neptunians is 1.8%, 2.0%, and 5.1%, 
respectively for each of the metallicity bins mentioned above. These numbers may, however, 
be biased towards the high-metallicity regime, since several stars in Table 5.4 also have 
jovian planets. We further note that we attempted to find Neptune-like planets orbiting some 
of the FGK stars in Table 5.4 because of their high metallicity (e.g. Melo et al., 2007). In 
other cases, the approach taken to detect a Neptune-like planet assumed that the star hosted 
already at least one jupiter-like companion (e.g. Santos et al., 2004a; McArthur et al., 2004). 
If we consider stars hosting only Neptune-like planets, these frequencies change to 1.8, 1.5, 
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and 0.0% (there are no stars that host Neptune-like planets, that do not host Jupiter-like 
planets with [Fe/H]> -0.06). 

These numbers imply that the few low-mass planets found appear to follow a trend in 
metallicity that differ from well-established relations for giant planets first pointed out by 
Udry et al. (2006), this result, is supported by planet-formation models based on the core-
accretion paradigm (Ida & Lin, 2004; Benz et al., 2006). These works suggest that neptunian 
planets should be found in a wider range of stellar metallicities. Lower-mass planets could 
even be preferentially found orbiting metal-poorer stars. 

Using the numbers presented in Table 5.4, we measure a preliminary value for the Jupiter-to-
Neptune ratio as a function of stellar metallicity. We estimate the value using the metallicity 
distribution of stars with only jovian planets in our HARPS sample, and compared it with 
the same distribution for stars orbited only by Neptune-like planets. For this, we used the 
sample of three stars mentioned above (HD4308, HD69830 and HD160691, belonging to 
the sample presented in this work - case 1), all stars only with neptunian planets listed in 
Table 5.4 (case 2), and all stars in the table (case 3). 

The results show that in the same three metallicity intervals mentioned above, the Jupiter-
to-Neptune ratios are, by order of increasing metallicity, 5:1, 28:1, and 30:1 (case 1), 5:3, 
28:3,30:0 (case 2), and 5:3 28:4 30:4 (case 3). In other words, this result tentatively suggests 
that the Jupiter-to-Neptune ratio may be higher at higher metallicities. This is expected by 
models of planet formation based on the core-accretion process (Benz et al., 2006). 

These final results should be interpreted with caution, however, since most of the stars that 
have only with Neptune-like planets listed in Table 5.4 are M-dwarfs. It has been proposed 
that M-dwarf stars may have a lower rate of Jupiter-like planets, but (at least in the short 
planet period range) a high incidence of Neptune-like planet detections (Endl et al., 2006; 
Bonfils et al., 2007). The above mentioned bias in the case of a search for neptunian planets 
around metal-rich (or planet-host) stars may also induce important biases in this analysis. 

5.7 Summary 

We measured accurate stellar parameters for a well-defined sample of solar-type stars, which 
were originally observed as a part of a search for very low-mass planets. We presented a 
catalog of stellar parameters for 451 stars which is available online. We compared our results 
with other works in the literature. The effective temperatures obtained were also compared 
with values derived using IRFM. All comparisons indicate a very good agreement in spite 
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of the different methods used by the different authors. 

A new calibration was developed for the determination of effective temperature using the 
index color B - V and metallicity. 

The results presented here were explored to study the metallicity-planet correlation, in par
ticular for stars hosting planets in the Neptune-mass range. We showed that, when compared 
with their higher-mass counterparts, neptunian planets did not follow the same trend. Low-
mass planets appear to be formed in a lower metal content environment. Interestingly, the 
Jupiter-to-Neptune ratio was found to be an increasing function of stellar metallicity. The 
results presented in this work have shown that the study of the chemical abundances of 
Neptune-host starsprovides new important constraints on models of planet formation and 
evolution. 



Chapter 6 

Interferometry 

6.1 Principles of stellar interferometry 

A basic introduction into stellar optical and infrared interferometry will be described in this 
section. We will only describe the quantities and basic principles relevant for the determi
nation of stellar radii. For a more detailed and general description the reader can consult 
several reviews on interferometry such as Paresce (1997); Lawson (2000); Quirrenbach 
(2001); Bergeron & Monnet (2002); Monnier (2003); HanifF (2007a,b); or the review that 
is closely followed in this section by Cunha et al. (2007) that combines interferometry with 
asteroseismology. 

6.1.1 Imaging 

In order to understand the use of interferometry we can start with the basic understanding of 
the theory of diffraction for the study of astronomical imaging. Considering an incoherent 
object, where each light wave from each emitting component is uncorrected to each other, 
the image I produced at the focus of a telescope is the convolution of the Point-Spread 
Function (PSF) with the Object Intensity Distribution (OID) on the sky. 

I(a,/3) = (PSF • OID)(a,j3), (6.1) 

where a and /3 are the angular coordinates on the sky. Therefore, we can decompose an 
astronomical image into two parts. The object part that we are interested to observe, in 
these case is its surface brightness. And an instrumental part that describes our instrument 
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response. For the latter, the PSF, considering the case of an unabarreted telescope will be 
an Airy pattern. The atmosphere affects the PSF for ground-based observations, since it 
causes very fast and varying phase variations on the light waves. In the case of single-
dish telescopes, this effect typically reduces the angular resolution to the value given by a 
telescope with the Fried diameter r0 (also called as seeing diameter - Fried, 1965). This 
can be seen as an effective limiting aperture due to the atmospheric turbulence that may be 
found either empirically or statistically. Thus, the seeing diameter limits the instrumental 
optical resolution. 

Writing equation 6.1 in the spatial frequency space, we obtain: 

FT(I(a,p)) = I(u, v) = PSFiu, v) x 0~ID(u, v), (6.2) 

where u and v are the spatial frequency coordinates connected to the angular coordinates 
through the Fourier transform, 

7(M,v)= f fI{a,p)e-2i«au+pv)dadl3. (6.3) 

In the Fourier space we can describe an image function by 2 separated multiplicative func
tions. One being the Fourier trasform of the OID, that, as we will see later, is the one 
measured by an interferometer. The other function is the Fourier transform of the PSF 
that is also known as the optical transfer function (OTF). This one varies from zero to 
one at the cut-off frequency of the telescope and at zero spatial frequency, respectively. 
The angular resolution given by XID (not considering the atmosphere), where D is the 
telescope's diameter, is the inverse of the cut-off frequency of the telescope. It can be shown 
that the OTF can be obtained from the autocorrelation of the telescope pupil function. The 
reader can have an idea of the OTF for a single telescope looking at the central peak of 
Figure 6.1. Looking at this case we can see the imaging as a process that performs a low-
pass filtering of the objects spatial spectrum. 

The spacial frequency coordinates (w,v) can also be seen as linear telescope pupil coordinates 
normalised by the wavelength À (used for the observation). Using larger pupils (e.g. a 
telescope with diameter D), we can achieve larger spatial frequencies (e.g. maximum 
frequency for a telescope with diameter D is À/D) and therefore we obtain larger resolutions 
for the image. 
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Figure 6.1 : Sketch for the optical transfer function. The autocorrelation of the two subpupils 
(telescopes with diameter D) and a baseline (telescope separation) B. In the sketch we point 
out two special positions of the spatial frequency u, the first («1) that is the individual 
telescope cutoff frequency, and the second w2 that corresponds to the interferometer 
baseline. 

6.1.2 Spatial coherence 

Consider a simple interferometer composed only of two telescopes with diameter D. This 
is similar to a particular pupil function made of two subpupils. The autocorrelation of this 
system has three peeks in spatial frequency space (see Figure 6.1): one centered in 0 with 
a width of ±D/A (the OTF of a single telescope) and two other simetric peaks centred in 
±B/À, with B being the distance between the two telescopes. The latter peaks are due to 
the correlation of the two subpupils. The interferometer performs a bandpass filtering of 
the object's spatial spectrum at B/A. The inverse of this spatial frequency sets the spatial 
resolution of the interferometer. 

The ±B/À peaks in the OTF express the position in the spatial frequency space where the 
interferometer performs the correlation of the light waves denoted as E\{xx,t  n ) and 
E2(x2, t  r2) collected by telescopes 1 and 2 at positions x\ and x2 respectively, and mea

sures the spatial coherence of light at the two telescope locations (also known as complex 
visibility), 

7l2(B/A) = V(B,A) = <£■(*■>'TQg2(*2,/T2)) 
yl{\Ex{xut-T,)?)(\E2(x2,t-T2)?) 

(6.4) 
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with the time average (•) taken over Aí » À/c (Goodman, 1985). This correlation can be 
achieved with the light beams being mixed either with a beam combiner or with focusing 
optics. Both operations are equivalent when the baseline is larger when compared with each 
individual pupil (telescope size). 

In a more general case, considering the theory of the spatial coherence of light, the Zernike 
- Van Cittert theorem states that the correlation factor, i.e. the mutual degree of coherence 
or complex visibility, is the Fourier transform of the source normalised spatial intensity 
distribution, 

f f OID(a,B)e-2in{aBJA+liBiilX)dadl3 
V(B Ã) = — —— (6.5) 

ffOID(a,B)dadB 

with Ba and Bp, being the components of the interferometer baseline B projected on the sky 
plane in the direction of the source. Therefore, an interferometer measures the source spatial 
frequency spectrum only at the spatial frequencies defined by its baselines. Comparing again 
with a single dish telescope, we can see it as an interferometer with an infinite number of 
baselines (< D) that measures the source spatial frequency spectrum for all the frequency 
spatial space within the telescope cut-off frequency (D/À) and as a consequence, in this case, 
we can perform a complete inversion of the spectrum to obtain the image. 

6.1.3 The modulus and phase of the visibility function 

The complex visibility, which is the frequency spatial spectrum of the source, is the in-
terferometry observable. In equation 6.2, we can see that the observer fringe pattern may 
be expressed by the product of the visibility with the fringe pattern obtained from a point 
source (that has V = 1, by definition or using equation 6.5). Therefore it is possible to obtain 
information from the emitting object through the fringe contrast, i.e. from the modulus of V 
(denoted as \V\) and also from the phase of V. 

There are two different informations that one can obtain from the complex visibility. The 
modulus of the visibility is related to the size of the emitting source, where its characteristic 
angular size is proportional to the inverse of the visibility function width. Therefore, the 
larger the source, the smaller the fringe contrast. The phase of the visibility is related to 
the amount of asymmetry in the object. The visibility of a perfectly point-symmetric source 
is real and therefore has a phase of 0 whereas the phase of the visibility of an asymmetric 
source may take any value. 
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Figure 6.2: On the left we show the plot for the square visibility for an uniform disk model 
with a 6 mas. On the right panel we show the same for a simple limbdarkning disk model 
with a 6 mas and a 0.5 for the limbdarkning coefficient. These plots were produced with 
ASPRO considering a typical observation for VLTI using the ATs setup A0-K0-G1. 

The simplest and most known visibility function in stellar interferometry is that of an 
uniform disk, that can be obtained assuming a model for an axisymetric disk in terms of 
polar coordinates as: 

F{p) = F0(p < 6UD/2), (6.6) 

where F0 is the value of the surface brightness, p is an angular offset on the celestial sphere 
away from the nominal center of the source, and 9UD is the angular diameter of the source. 
Assuming this simple model we can obtain the respective visibility function modulus as: 

\V.n = \V(B,A,0UD)\ = 2Ji(nB0UD/X) 
nB9UD/A 

(6.7) 

where the first null is at 6UD ~ 1.22À/B, and Jx is the first-order Bessel function of the first 
kind. This result has been used in the past to measure stellar diameters. In the left panel 
of Figure 6.2 we can see the plot of the visibility function as a function of baseline for an 
uniform disk model with a diameter of 6 mili-arc-seconds (mas). The plot was made with 
ASPRO1. 

Equation 6.7 reveals that long baseline interferometry can, in theory, provide very precise 

'ASPRO (The Astronomical Software to PRepare Observations) is a complete software suite developed 
and maintained by the JMMC (Jean-Marie Mariotti Center) that allows to prepare interferometric observations 
with the VLTI or other interferometers, http://www.jmmc.fr/aspro_page.htm 

http://www.jmmc.fr/aspro_page.htm
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measurements for the object angular size 9. Using this together with a precise determination 
of the object trigonometric parallax, n, the linear diameter D of stars in the solar neighbour
hood can be derived in a direct way. 

6.2 Stellar diameters with interferometry 

The stellar angular diameter is the most straightforward quantity that we can observe with 
an interferometer: by measuring V or V2 with the range of baselines of different lengths, it 
is possible to determine 9UD from equation 6.7 through a simple ̂ 2 minimisation procedure. 
Take special attention that QUD is a little smaller than the true physical diameter of the 
star, since we are assuming that the star is a uniform disk in equation 6.7, and therefore 
is neglecting the effect of limb darkening. 

6.2.1 Limb darkening and wavelength-dependent diameters 

The visibility function for a single star is the Fourier transform of its surface brightness 
profile 1(a): 

p9/2 
V(kB) = 2n J0{kBa)I(a)da. (6.8) 

Here ã is an angular distance, k = 2n/À, and J0 the Bessel function of zeroth order. For 
stars, the intensity distribution is normally described as a function of// = y l ^ (2ã/9)2. For 
polynomials 

m = J]^ (6-9) 

Equation 6.8 leads to 

V(kB) = - Y a-l^T1- + / ' / 2 + l ( W 2 ) (6.10) 
W) c£j' 2 (may™ 

with 

c=v^- (6.11) 



6.2. STELLAR DIAMETERS WITH INTERFEROMETRY 125 

This result was presented by Quirrenbach et al. (1996). For a disk of uniform brightness 
/ = 1 , this formula (Equation 6.10) reduces to the familiar Airy pattern as in Eq. 6.7. In the 
right panel of Figure 6.2 we can see the visibility curve considering a simple limbdarkning 
with coeficient ax - 0.5. The size of the disk is the same as in the left panel of the same 
Figure and it is clear the difference on the 1st zero point of the plot. On other hand we can 
also see that the model is very similar to the uniform disk when we look to higher visibilities 
(smaller baselines). 

With a grid of stellar atmospheres we can compute the correction factor to be aplied to 
9UD and calculate the limb-darkened diameter 6LD (e.g., Quirrenbach 2001a, and references 
therein). This method can be a better solution than the one using a limb-darkened model 
from the beginning, because interferometric data obtained on baselines B <, A/6UD only 
resolve the star partially. Therefore we cannot distinguish very well between an uniform 
and a limb darkened disk, or different limb darkening models (Figure 6.2). There is the 
advantage to publish model-independent observational results (represented by GUD) and the 
adopted model-dependent quantities (represented by the limb darkening correction factor) 
separately. Typically, these limb darkening corrections are smaller in the near-infrared 
than in the visible wavelengths. Using the H-K bands for observations will allow for a 
more precise determination of stellar diameters, provided that sufficiently long baselines are 
available. 

To compute the linear radius of the star we needed to have a good knowledge of the parallax 
of the target to be then combined with 6LD. With the today available data from Hipparcos 
(with the still to come GAIA mission), is more interesting to do this study for low-mass 
main-sequence stars, that are sufficiently close so that good parallaxes are available, and 
they can be resolved with present interferometers. 

6.2.2 Effective temperature from interferometry 

Interferometry can also have a very important role for the understanding of one of the most 

fundamental problems in stellar astrophysics: the calibration of the stellar temperature scale. 

The effective temperature may be written as 

Here fbol is the bolometric flux and cr the Stefan-Boltzmann constant. A direct way of 
measuring effective temperatures may be done by combining the bolometric fluxes with 
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angular diameters. More indirect methods such as the spectroscopic method and the infrared 
flux method, as described in previous chapters, can be validated by comparison with directly 
determined effective temperatures (Hanbury Brown et al., 1974a; van Belle et al., 1999; 
Mozurkewich et al., 2003; Kervella et al., 2004). 

Although this method is consider by many as model independent for the correct deter
mination of the effective temperature we want to note that this is not completely true. 
The bolometric correction necessary for the application of this method strongly depends 
on stellar atmosphere models. Even for the bolometric magnitude of the Sun, we can 
find several discrepant values when looking in the literature. This scenario may be more 
disadvantageous for stars that are not solar-like. 

Dispite the error on the bolometric flux, we will always need to have a precise angular 
diameter. Therefore it is necessary a correct treatment of the limb darkening to obtain precise 
measurements of effective temperatures. It is of extreme importante to compare theoretical 
limb darkening curves with observations. This is not an easy task, since data are required 
around and beyond the first null of the visibility function (as in Eq. 6.7), where the signal is 
expected to be very low. Sirius was the first target observed for this purpose by the Narrabri 
Intensity Interferometer. It was necessary 203 hour of integration and the result showed 
that the height of the second maximum of the visibility function was consistent with the 
prediction from a model atmosphere (Hanbury Brown et al., 1974b). Similar observations 
were carried out with modern interferometers for some stars (e.g. Quirrenbach et al., 1996; 
Wittkowski et al, 2001, 2004; Bigot et al., 2006). 

6.3 The road map to measure the radii of solar-type stars 

The determination of the mass and age of stars is important in most fields of astronomy. 
However, these parameters are, in most cases, only inferred from models. Stellar structure 
and evolution models have themselves a number of free, unconstrained parameters. Even the 
comparison between observations and models is hampered by the difficulties of translating 
magnitudes, colours and spectra into luminosity, effective temperature and metallicity. As 
a consequence, the estimates of masses and ages of stars suffers from low precision and 
accuracy, even in the case of "simple" solar-like, bright, nearby stars. 
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Figure 6.3: This image is taken from Creevey et al. (2007) and expresses the importance of 
the radius determination when using stellar interior models for the determination of the mass 
(S(0) is the significance of the observables). In the top panel we see the contribution of the 
different stellar parameters without asteroseismic and interferometric measurements. The 
bottom panel shows that even with the inclusion of these techniques, the value obtained for 
the stellar mass is strongly dependent on the radius. This confirms the extremely important 
role of precise spectroscopic and interferometric parameters in the fitting by evolution 
models for determining the stellar mass and age of main sequence solar-type stars. 

6.3.1 Why measuring the radius? 

For undestanding the nature of the stars it is crucial to obtain independent, reliable ob
servables with an accuracy better than a few percent. Models and observational methods 
currently lack this level of precision. 

One such important observable is the stellar radius (Creevey et al. (2007) - see Fig. 6.3 and 
Fig. 6.4). 

The effective temperature of solar-type stars is not straightforward to determine and dif
ferent measurement techniques are still far from having satisfactory agreement. Even in 
a restricted and thoroughly studied region like that of solar analogs, effective temperature 
determinations for the same star still differ significantly, by as much as 150 K (Soubiran 
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Figure 6.4: This image is also taken from Creevey et al. (2007) and shows the mass 
determination dependence on the error of the radius. We can see that the mass determination 
is improving with the accuracy in the radius. 

& Triaud, 2004). The latest data on the IRFM favour the spectroscopic temperature scale 
(Casagrande et al., 2006) while previous implementation of the same technique supported 
cooler effective temperatures (Ramirez & Meléndez, 2005). 

The measured differences are highly significant for various works, in particular in deriving 
stellar abundances which are sensitive to the assumed effective temperature scale. This 
impass can now be broken using interferometry, allowing effective temperature to be derived 
directly via its physical definition in terms of bolometric flux and angular diameter, with 
little model dependence. This will allow us to calibrate the effective temperature scale from 
first principles. 

Stellar radii have been measured for various types of stars using interferometric techniques 
(cf. Kervella et al., 2003; Pijpers et al., 2003; Bigot et al., 2006; Di Folco et al., 2004; 
Baines et al., 2007). However only two of these stars are main sequence solar-type, a 
situation that should be addressed by proposing to observe nearby solar type stars. High-
precision (<3%) measurements of radii of smaller stars, and in particular main-sequence 
stars, are now possible (e.g. Ségransan et al., 2003), with the advent of the new generation 
of interferometers like the VLTI. The targets should fill the gap still present for solar-type 
stars in terms of effective temperature and metallicity. 

The last point recently drew attention, since models of stars with 1/2 the solar metallic
ity predict effective temperatures that are some 100 K hotter than those measured, unless 
unconventional helium abundances are assumed (Casagrande et al., 2007). Again, the few 
percent accuracy in stellar radii measured through VLTI will greatly help to constrain and 
improve stellar models. 

1 1....J! ::  
i í i[ 
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The radii determination for planet hosts discovered by the transit thecnique is of extreme 
importance. In these cases the stellar radius is necessary to be accurate in order to char
acterize as best as possible the orbiting planet. These planets hosts are still not realistic 
targets to be observed by the current instruments because these stars are typically distante 
and faint stars. However, the results obtained for the closest stars can lead to direct and 
significant improvements (e.g. better calibrations) for the other indirect measurements that 
are normally used for the determination of the stellar radius of planet hosts. 

6.3.2 Measuring radii for solar type star: observational strategy and 
analysis 

Only a few solar-type stars with interferometric diameter measurements are found in lit
erature due to the limitations on the their distances. From this, Alpha Cen A is the star 
most similar to the Sun while the other ones are mostly F and M stars. Therefore we used 
the Hipparcos catalogue found some rather near interesting solar-type stars. Combining 
the hipparcos data with the the sample described in Chapter 5 we were able to chose three 
targets where we derived precise spectroscopic stellar parameters. From this small sample 
(the closest and brightest star in the HARPS sample) we took stars with different metal 
content that will be very useful to study their stellar interior once we have an accurate radius 
determination. 

Therefore, during the thesis we proposed to use AMBER+FINITO in order to obtain precise 
angular diameter for 3 bright main sequence solar-type stars with 3 different metallicities 
([Fe/H]~ -0.38,0.01,0.38). 

AMBER is a near-infrared/red focal instrument of the VLTI. It operates in the bands J, H, 
and, K (ie 1.0 to 2.4 m). The instrument has been designed to be used with two or three 
beams, allowing to have access to 3 baselines at the same time. Its angular resolution is set 
by the maximum separation of the telescopes and the field of view of the instrument. In a 
nutshell, AMBER is able to resolve features between 2mas and 50mas with the UTs, and 
between 2mas and 140mas with the ATs. AMBER is used with an external fringe tracker 
FINITO. On the UTs it is possible to reach H=7. On the AT's, the limiting magnitude is 
H=5. 

The observations were accepted for service mode in low priority. The observations were 
partially carried out. The data analysis will be carried out in the near future for the observed 
targets, although it is already known in advance that the precision of 3% will be very difficult 
to achieve, since we needed more observations to achieve such precision. From the 3 targets 
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we have data for two of them with almost 50% of the requested observations. 

6.3.3 Expected Results 

The accurate radius determination together with an accurate effective temperature will strongly 
restrict the targets in the HR diagram in order to fit stellar evolution models. Using model 
fitting we will be able to estimate better the mass and the age of the targets. Moreover, we 
will carry out a study on the possible combinations of internal structure for each target, to 
check what are the more important input variables on the model fitting. 

With this work, we can then use asteroseismology to search for a detailed answer regarding 
the stellar interior. Asteroseismology can also be used for the direct estimation of the stellar 
radius with a precision of few percent (see Chapter 7). A future frequency determination 
for these targets to determine parameters such as the radius will show the importance of 
asteroseismology in missions such as Kepler, the NASA's first mission capable of finding 
Earth-size and smaller planets around other stars. 

We will also compare different methods of determining stellar parameters. These targets, 
together with the ones already with known interferometric radius will be used to compare 
interferometric effective temperature (Pijpers et al., 2003) to the ones obtained using the 
InfraRed Flux Method (Casagrande et al., 2006), and spectroscopic analysis (already deter
mined using high resolution and high signal to noise ratio HARPS spectra (Santos et al., 
2004c, 2005; Sousa et al., 2006, 2007, 2008) in order to check consistency between the 
methods. 



Chapter 7 

The Asteroseismology Promess 

As already described in the first chapter, most of the stars, if not all, oscillate in several 
ranges of frequencies and amplitudes. These frequencies can give information about the 
stars. This chapter will focus on the radius determination using the additional seismic infor
mation from stars. Starting with an introduction on seismic inference, and then describing 
the work carried out within the Asteroflag ' group to infer the radius of test stars through an 
"hare-and-hounds" exercise. 

In a "hare-and-hounds" exercise, artificial data are created by the "hare" and then given 
to the "hounds" to analyse and retrieve information. This is done assuming a realistic 
model, and it is only transmitted to the "hounds" the information that is normally available 
for real data obtained through astronomical observations. At the end of the exercise the 
information retrieved by the "hounds" is compared with the one inserted by the "hares". In 
this way it is possible to test the validity of several procedures used in the asteroseimology 
analysis. An example of an application to seismic inferences for solar-type stars has been 
given by Monteiro et al. (2002). Also, Appourchaux et al. (2006b) describes the expected 
performance of the CoRoT mission based on an extensive series of exercises; Asteroflag 
is an interesting recent example of this type of exercise, applied to time-series analysis of 
simulated solar data (Chaplin et al., 2008). This last example, described in more detail 
latter in this chapter, is focused on the NASA's Kepler mission. In this case, not only the 
nature of the stars is included in the simulated data, but also the characteristics of Kepler's 
observations are taken into account for a more realistic exercise. 

1 http://www.issi.unibe.ch/teams/Astflag/ 
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7.1 Seismic inference 

The information that can be retrieved from the seismic data of stars depends strongly on their 
quality and quantity. Depending of the characteristics of the oscillations to be observed, an 
observer may need different sizes of telescopes and also different observational strategies. 
As an example, a small 'amateur' telescope is sufficient to observe oscillations in Mira stars 
since they oscillate with large periods and large amplitudes that are easy to detect. On the 
other hand, for the case of faint solar type stars that present very small amplitudes difficult to 
detect, an observer is required to make use of the largest telescopes together with either very 
fast and high precision photometry, or high resolution spectrographs to measure precisely 
small luminosity variation or the radial velocity of the star's atmosphere, respectively. 

With the basic structure of the frequency spectrum of solar-like oscillations, it is possible to 
improve the determination of fundamental stellar parameters such as mass and radius. To 
do so, it is necessary to detect a sufficient number of individual frequencies and identify 
the respective modes of oscillation. Only then it is possible to perform inverse analyses 
to successfully infer information about the star's interior. Asteroseimology can give us 
important contraints for the fundamental stellar parameters, and combining the seismic data 
with the typical classical parameters, is a powerfull tool to understand the formation and 
evolution of stars. 

This section describes some of the basic principles of asteroseimology and partially follows 
the review from Cunha et al. (2007). 

7.1.1 Observing the oscillation frequencies 

The oscillations of the stars can be observed using photometry, by measuring their lumi
nosity changes, or using spectroscopy, by measuring the radial velocity of the stellar atmo
sphere. In both cases, we can obtain a time series of pulsating stars and then compute the 
frequency spectra (also known as power spectra). In the frequency spectra, the oscillations 
will peak in the respective frequencies if there is the necessary signal-to-noise ratio in the 
time series. These frequencies are then used to initiate the asteroseismology analysis. 

With an ideal continuous time series with no gaps and lasting forever it would be possible, 
in principle, to identify the frequencies of all global oscillations of a star. This is true if 
we consider a high enough signal-to-noise ratio. Of course, that such a time series is not 
achievable and we can only try to get close to this idealisation. In a normal time series the 
identification of the peaks can be extremely difficult. 
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For a given time series f(t) one can obtain the respective power spectrum F{cS) computing 
the Fourier integral: 

oo 

F(a>) = f/W»dt. (7.1) 

Given an example of a single-frequency harmonic function, f{t) = A cos(o>0/ + 60), with A 
the amplitude, ô0 a phase and ÍO0 the angular frequency (note that in time series observations 
it is more common to use the cyclic frequency defined as v = to/In), F(OJ) would have 
delta-function peaks at a> = tu0 and OJ = -OJ0. 

In Figure 7.1 we show an example of an artificial time series. This time series is composed 
of seven frequency harmonic oscillators in phase at initial time (parameters in Table 7.1), 
and with a total duration of 4 days with a time sampling of 30 seconds. In the middle panel 
of Figure 7.1 it is presented a partial view of the time series, while in the right panel it is 
presented the computed power spectra of the full artificial time series. In this panel it is easy 
to identify each individual frequency and also the respectives amplitudes. 

Table 7.1 : Harmonic oscillator parameters for the example given in Figure 7.1 

Period (seconds) Amplitude (m/s) 
370 0.2 
375 0.25 
380 0.3 
385 0.4 
390 0.1 
395 0.35 
400 0.3 
405 0.375 

In a real observation, either with photometry or spectroscopy, it is required some time for 
the collection of the photons in the detector. This "integration" time is then followed for 
the necessary time for the reading of the detector, that is commonly a CCD. Therefore at 
the end, there is a dead time between integrations that prevent us to obtain a real continuous 
observation of the targets. At the end we have a discrete time series that in most cases is 
prepared to be equidistant in time (like the one presented in Figure 7.1 with a sampling 
time of 30 seconds). This sampling time defines the limit of the power spectrum. If we 
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Figure 7.1: Artificial time series composed of seven frequency harmonic oscillator (see text 
for more details). The middle panel is a zoomed region of the time series. The left panel 
shows the resulting power spectrum for the given time series (in this panel we present the 
cyclic frequency). 

apply a discrete Fourier transform to a discrete time series sampled at a constant rate we 
would obtain a signal as a function of the frequency within a finite band. The highest usable 
frequency in this power spectrum is named Nyquist frequency (oNyq. For evenly spaced data, 
with a sampling interval At, it is defined as, 

CJNyq 
n 
Ã? 

(7.2) 

If the time series has unevenly spaced data, then the Nyquist frequency cannot be derived 
directly, particularly if there are numerous large gaps, like the ones found in ground based 
data (left panel of Figure 7.2). In this cases it is normal to use a mean or median of the 
time sampling in order to have an analogue of the Nyquist frequency and respective valid 
frequency range for the power spectrum. 

Another important aspect on the power spectra is the frequency resolution. Since the time 
series has a finite length T, in the Fourier domain there is also a finite frequency resolution, 
A ĵ, such that, 

A w o c - . (7.3) 

Generally, if two or more signals present in a time series are more closely spaced than the 
frequency resolution, these signals will not appear as multiple peaks in the Fourier domain. 
Instead, single or deformed peaks, or even no peaks at all will be seen. Moreover, signals 
with frequencies below this resolution cannot be detected with any confidence. 
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Figure 7.2: Artificial time series composed of seven frequency harmonic oscilator (same as 
in Figure 7.1) and with a duration of 4 days with gaps simulating a ground base observation. 
The midle panel shows the window function of the time series. The left panel shows the 
resulting power spectrum. 

Besides the limitations associated with the finite length of the time series and with the 
discrete sampling of the data, in the analysis of real observations there are often difficul
ties associated with the problem of missing data. Because of technical problems, or poor 
observing conditions, data can be lost either pointwise or in blocks. These missing data 
are usually distributed randomly within the time series. Moreover, regular gaps in the time 
series are usually present in observations carried out from ground-based telescopes, due to 
the incapacity of these telescopes to observe the stars during the day and during the time 
that the stars are below the horizon. There is also similar cases happening in space missions 
that are normally connected with the orbital periods of the satallite. These regular gaps 
produce additional peaks in the Fourier domain, which can compromise considerably the 
interpretation of the data, particularly for multiperiodic pulsators. Together these properties 
of the data sampling are known as the window function in the time domain and as the 
spectral window in the Fourier domain. 

The spectral window have multiple peaks, even for a monochromatic underlying signal. A 
time series containing multiple signals with irregular gaps will produce a rather complex 
Fourier spectrum. In fact, even in the absence of measurement noise, the task of identifying 
which of the peaks correspond to true oscillation frequencies and which correspond to 
sidelobes generated by the sampling can be extremely difficult. In Figure 7.2 we can see 
an example of a time series with gaps. This is the same time series as described before, 
but with the day gaps included to mimic a ground based observation. In the middle panel 
we can see the spectral window, showing the influence of the gaps in the time series to 
the pattern of the respective power spectrum assuming a single harmonic oscillation (one 
frequency). In this plot it is clear the presence of several peaks, where the only "real" peak 
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is the middle one corresponding to the single oscillation. The separation (~ 11.57'/xHz) 
between the peaks are directly connected with the one day gap included in this artificial data 
(1/(1 day) ~ 11.51 nHz). The effect of the gaps in a time series with several oscillations 
can be seen on the right panel of the Figure 7.2. It is clear that the identification of the 
true position and power of the peaks is more difficult with the presence of gaps in the time 
series. This is the main reason for the need for space missions or for observation networks to 
eliminate those daily gaps in the time series. There are also projects to use Antarctic bases 
as observational sites for the same purpose. 

A number of methods have been developed to deal with this problem. A well-known 
technique is the Lomb-Scargle periodogram (Scargle, 1982). A more general discussion 
of several methods in use in astronomy can be found in Adorf (1995) and Vio et al. (2000). 
The Power spectrum of the time series can also be calculated as a weighted least-squares fit 
of sinusoids (Frandsen et al., 1995; Arentoft et al., 1998). 

7.1.2 Basic asymptotic theory 

Important information can be extracted from the asymptotic properties of the frequency 
spectrum, specially for the cases where the modes are of high radial order. This is true for 
acoustic modes observed in solar-like pulsators. 

The basic asymptotic properties of low-degree high-order acoustic modes were presented 
by Vandakurov (1967), Tassoul (1980, 1990) and Gough (1986, 1993). The result is that 
the cyclic frequencies vnJ for acoustic modes of radial order n and degree / are given, in this 
asymptotic limit, by the expression 

v„i - [n + l- + \ + a) Avo - [Al(l + 1) - <5]—, (7.4) 
\ 2 4 / v„j 

where 

M2ívF- (7-5) 
is the inverse sound travel time across a stellar diameter, and 

47T2AV0 

c(R) 
R 

ÇK dcdr 
Jo dr r 

(7.6) 
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Figure 7.3: Power spectrum of solar oscillations, obtained from Doppler observations in 
light integrated over the disk of the Sun. The ordinate is normalised to show velocity 
power per frequency bin. The data were obtained from six observing stations and span 
approximately four months. Panel (b) provides an expanded view of the central part of the 
frequency range. Here some modes have been labelled by their degree /, and the large and 
small frequency separations AvnJ õvnJ [cf. Eqs 7.4 and 7.8] have been indicated. (Elsworth 
etal., 1995) 

Also, a (generally depends on frequency) is determined by the reflection properties near the 
surface and Ô is a small correction term predominantly related to the nearsurface region. 
To first order, neglecting the last term, equation 7.4 predicts a uniform spacing of modes of 
the same degree. This difference in frequency of modes of the same degree and consecutive 
order (Av„,/ = v„+1)/  v„j) is known as the large frequency separation and is, to first order, 
approximately equal to Av0. Also to first order, equation 7.4 predicts a degeneracy between 
frequencies of modes with degree of the same parity, 

vn,l - vn-1,/+2. (7.7) 

Finally, modes of odd degree fall halfway between modes of even degree. This pattern is 
clearly observed in solar data (see Fig. 7.3) and is one of the clearest indicators for the 
detection of solarlike oscillations. 

The departure from the degeneracy in equation 7.7 is reflected in the small frequency sepa

ration 

ÔVnJ = Vn,l - V„_ 1,/+2 »  ( 4 / + 6) 
Av, 

4n2: n,i Jo dr r ' 
(7.8) 
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Figure 7.4: Echelle diagram for observed solar frequencies obtained with the BiSON 
network (Chaplin et al., 2002), plotted with v0 = 830/uHz and <Av) = 135/^Hz (cf. Eq. 
7.9). Circles, triangles, squares and diamonds are used for modes of degree / = 0, 1, 2 and 
3, respectively. 

where we neglected the small term in c(R) in equation 7.6. This frequency structure is also 
clearly visible in solar data, as shown in Fig. 7.3. It is evident that the separation depends 
on the degree; this can be used to identify the degrees of the observed modes, as was done 
also in the early phases of helioseismology (e.g. ChristensenDalsgaard & Gough, 1980). 

A convenient way to illustrate the details of the frequency spectrum is in terms of an échelle 
diagram. Graphically this corresponds to dividing the spectrum in segments of length Av0 

and stacking the segments. Thus we express the frequency as 

Vnj = v0 + k(Av) + vnh (7.9) 

where v0 is an arbitrary reference frequency, k is an integer, <Av) is a suitable average of 
Av„,/ and the reduced frequency vnJ is between 0 and (Av). An example, for observed solar 
frequencies, is illustrated in Fig. 7.4. Had the asymptotic relation in equation 7.4 been exact, 
the result would be vertical sets of points, separated by the small separation. As shown in 
Figure 7.4 there are significant departures from this behaviour; in particular, the curvature 
arises largely from the term in a = a(a>) in the asymptotic relation. This behaviour carries 
information about the helium content in the stellar envelope. Owing to the factor r~x in the 
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integral in equation 7.8 the small separation is very sensitive to the sound-speed structure 
of the stellar core. The / = 2 modes are reflected at the inner turning point r, whereas the 
radial modes penetrate essentially to the centre. In other parts of the star the modes are 
very similar; hence the dominant difference in their frequencies arises from the core. This 
property makes acoustic modes of low degree (so far the only degrees that are observed in 
distant stars with solar-like oscillations) particularly valuable as diagnostics of stellar cores. 

7.2 The AsteroFLAG exercise 

The aims of the asteroFLAG collaboration are to help the community to refine existing 
methods for analysis of the asteroseismic data on solar-like stars and to develop new ones. 
The asteroFLAG group is diverse. There is expertise from those involved in the cutting-edge 
ground-based asteroseismic observations; members of the CoRoT Data Analysis Team (see 
Appourchaux, 2003; Appourchaux et al., 2006b,a); members of the Kepler Asteroseismol-
ogy Science Consortium (KASC) (Christensen-Dalsgaard et al., 2007); leading theoreticians 
on the interior structures of stars and Sun-like oscillations; and those involved in the analysis 
of the so-called Sun-as-a-star helioseismology data, for which the analysis methods have 
direct application to the asteroseismic case (e.g. Chaplin et al., 2006). 

The input data for probing stellar interiors are the mode parameters, such as individual 
frequencies, frequency splittings, linewidths and powers. For those stars where measure
ment of individual mode parameters is difficult, the input data will be the likes of average 
frequency spacings. Accurate mode parameter data are a vital prerequisite for robust, 
accurate inference on the internal structures of the stars. The objectives are to test aspects of 
the complete analysis pipelines for stars, i.e., extraction of estimates of the mode parameters 
from observations, through to procedures used to draw inference on the fundamental stellar 
properties and the internal structures. 

AsteroFLAG is concentrating on main-sequence stars and is conducting the work within a 
"hare-and-hounds" framework. Sets of artificial asteroseismic data were made by "hares" 
in the group, to simulate observations. Information for constructing the artificial data comes 
from several sources, including full stellar evolutionary codes and analytical descriptions of 
the stochastic excitation and damping of Sun-like oscillations. The artificial data are then 
analysed by other members of the group, who are the "hounds". AsteroFLAG is involved in 
helping to prepare the asteroseismology component of NAS As Kepler mission. 

Summarizing, the aim of the work described in this section was to use estimates for the 
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large frequency spacings together with "traditional" catalogue data, to determine the radii 
of stars. The data were set by the AsteroFLAG group following typical values for real stars 
considering the Kepler mission. 

7.2.1 Nasa Kepler mission 

The Kepler mission from NASA will fly a photometer based on a wide-field Schmidt camera 
with a 0.95m aperture, looking continuously for at least 4 years at a single large field. The 
principal aim for this mission is to search for transiting planets, however this technique will 
also provide an unprecedent opportunity to use asteroseismology on a wide variety of stars. 

The Kepler satellite will obtain high precision photometric time series of more than 100.000 
stars in the quest to detect planets and in particular Earth like planets. Most stars will be ob
served in low cadence (30 min), but a few hundred targets will at any given time be observed 
in a high cadence mode (lmin). The observing mode for a given target can be changed to 
high cadence on the fly if indications are that the target show transit like events, which will 
benefit both the transit measurement as well as the supporting asteroseismic investigation. 
While the low cadence is sufficient to sample solar-like oscillations in evolved subgiants and 
red giant stars that have periods of hours to days and even years, main sequence solar-type 
stars have oscillation periods of a few minutes to several tens of minutes, hence requiring 
data in the high cadence mode for a successful application of asteroseismology. 

7.2.2 Available parameters for the exercise 

There were 3 test stars available (Katrina, Pancho and Boris). The procedure described here 
is the one used for Boris with mv = 9. The same type of procedure can be improved and 
used for all the stars. 

For each star we have the large separations, the parallax and apparent magnitude, effective 
temperatures, surface gravities and metallicities (log(Z/X)). The parameters are presented in 
Table 7.2. 
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Figure 7.5: H-R diagram position for the 3 test stars. The error boxes in this plot correspond 
to the best case with the stars having mv = 9 

7.2.3 Models 

To obtain the evolution tracks we use the CESAM code version 2K2 (Morel, 1997; Morel 
& Lebreton, 2008). The Livermore radiative opacities were used (Iglesias & Rogers, 1996) 
complemented at low temperatures (T < 10000 K) by atomic and molecular opacity tables 
from Kurucz (1991). The opacities were calculated with the solar mixture of Grevesse & 
Noels (1993). In this case, convection is described by the "standard" so-called mixing length 
theory (Bõhm-Vitense, 1958). In this theory, convective elements travel a certain distance 
before dissolving into the surrounding material, giving their heat content along the way. 
This distance is called the mixing length (/) and is given by, 

l = aHn (7.10) 

where or is a proportionality constant named mixing length parameter. Moreover, Hp is the 
pressure scale height defined by, 

2CESAM2K available at www.astro.up.pt/corot/models/cesam/ 

http://www.astro.up.pt/corot/models/cesam/
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Table 7.2: Parameters for the fitting 

star mv log ^ / / logL/L© log g \og(Z/X) Av 
Katrina 9 3.6537 ± 0.0097 -0.811 ±0.022 4.8 ±0.1 -1.6 ±0.1 227.82 ± 0.95 
Pancho 9 3.8050 ± 0.0027 0.392 ±0.117 4.3 ±0.1 -1.4 ±0.1 69.74 ±0.17 
Pancho 11 3.8050 ± 0.0027 0.166 ±0.415 4.3 ±0.1 -1.4± 0.1 69.74 ±0.17 
Pancho 13 3.8050 ± 0.0027 0.006 ± 1.421 4.3 ±0.1 -1.4± 0.1 69.75 ± 0.16 
Boris 9 3.7619 ±0.0019 0.128 ± 0.083 4.5 ±0.1 -1.6 ±0.1 135.84 ±0.49 
Boris 11 3.7619 ±0.0019 0.057 ± 0.353 4.5 ±0.1 -1.6 ±0.1 135.98 ± 0.59 
Boris 13 3.7619 ±0.0019 -0.460 ± 0.801 4.5 ±0.1 -1.6 ±0.1 136.89 ±2.81 

where P is the pressure. 

Besides a, convection theory may require another free parameter associated with the amount 
of overshooting. The latter is poorly known, in particular for stars below 2 M© (Ribas et al., 
2000), and we decided not to use overshooting. The nuclear reaction rates are from the 
Nuclear Astrophysics Compilation of REaction Rates (NACRE) (Angulo et al., 1999). For 
the equation of state the OPAL 2005 tables3 were used. The atmosphere of the stellar models 
is based on a Hopft law (Mihalas, 1978) where convection is not included, and radiative 
transfer is considered to be independent of the radiation frequency (i.e. the grey case is 
assumed). We calculate frequencies of the models with the pulsation code POSC (Monteiro, 
2008). 

7.2.4 Method 

By using the parameters in Table 7.2 we locate the star and its error box in both the H-R and 
log g vs Tef/ diagrams. To locate the position in the H-R diagram we estimate the stellar 
luminosity, computed from the parallax and the apparent magnitude, using the calibration 
by Flower (1996) to obtain the bolometric correction. In the calculation we adopt the solar 
absolute magnitude of Mv = 4.81 (Bessell et al., 1998) and a bolometric correction for 
the Sun of 0.08 mag (Flower, 1996). The error on the luminosity comes mainly from the 
parallax. Therefore we determine the parameters for the H-R diagram. Fig. 7.5 shows the 
position for the 3 stars in the H-R diagram. 

3tables available at http: //phys.llnl.gov/Research/'OPAL/EOS J2005/ 

http://phys.llnl.gov/
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Table 7.3: Stellar model grid. We show the parameters computed for each grid where we 
use the mass of the star (M/Q), the initial Helium content (70) and the convenction parameter 
a. 

Grid 1 2 3 
M/Mo 

a 

0.94 0.97 1.00 1.03 1.06 
0.24 0.26 0.28 0.30 
1.20 1.40 1.60 1.80 

1.02 1.03 1.04 
0.25 0.26 0.27 
1.50 1.60 1.70 

1.08 1.10 1.12 
0.24 0.26 0.28 0.30 
1.20 1.40 1.60 1.80 

Grid 4 5 
M/Mo 

Yo 
a 

1.11 1.12 1.13 1.14 
0.23 0.24 0.25 0.26 0.27 

1.30 1.40 1.50 1.60 

1.08 1.09 1.10 
0.23 0.24 0.25 0.26 

1.30 1.40 1.50 1.60 1.70 1.80 

We then build a grid of stellar models, for different masses, M, initial helium content, Y0, 
and mixing length, a (see Table 7.3). All the models are computed using the observed 
metallicity ratio Z/X. 

In the following we use Boris (mv = 9) as an example to describe the process of searching 
for valid stellar models. 

The first grid was calculated with all possible combinations of the first five columns in 
Table 7.3. This provided a total number of 64 evolutionary tracks, none of them passing 
through both the error box in the log g vs. Teff diagram and the H-R diagram simultaneously. 
In fact, only one model (M/M 0 = 1.03, Y0 = 0.26 and a = 1.60) passed through the error 
box in the log g vs. Teff diagram. 

Therefore a 2nd grid around this model was calculated. The problem of fitting the log g vs. 
Teff diagram persisted, so we created a 3rd grid extending the 1st grid to slightly higher 
masses. These new models cover the error box in the logg vs. \og(Teff) diagram. Models 
with even higher masses will not go through the error box in the H-R diagram. Hence, we 
finally computed two more grids (4 and 5) with higher resolution but covering roughly the 
same parameter space as the 3rd grid. 

From all the grids we have 32 evolutionary tracks, including about ~ 300 models in total, 
that are within ± 1er in logg, logL, and Teff simultaneously. For one model in each track, 
we compute the pulsation frequencies in order to derive the large frequency spacings, Av. 
The mean value, Av, is estimated as the actual average of all values (Av/=0 = v„+i - v„) for 
the frequency range of the observations, given to be between 2.4 and 4 mHz. In order to 
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Figure 7.6: Radius vs. Av for all models within one sigma in logg, log!, and re//(Boris, 
V=9). 

estimate the large frequency separation of the models in each track, we use the following 
scaling relation to determine Av for the remaining models: 

Av = 
M\ll2( R^12 

Avref, (7.12) 
,Mef/ \-KrefJ 

where Avref, Mref, Rrei are the large separation, mass, and radius of the reference model. 

A final selection was done of the models that have a large spacing close to the observed 
value. We ruled out 10 (1/3) of the evolutionary tracks that gave the largest difference. 

7.2.5 Results 

Figure 7.6 shows the relation between the large spacing and the radius for 188 models 
that are within ± 1er in logg, logL, and Teff. It illustrates that this relation is not strongly 
depended on the initial physics (mass, mixing length, initial helium abundance) of the star. 
A simple linear fit to the points is presented in Figure 7.6 and it is used to estimate the radius 
of the star, by evaluating the value of the fit at the observed large spacing (see vertical and 
horizontal lines in Figure 7.6). 

The error of this determination can be estimated by adding the error on the fit (using the 
sigma of the linear fit) to the error coming from the uncertainty in the observed large 
frequency spacing. The latter, we obtained by multiplying the uncertainty in observed large 
frequency spacing with the slope of the fit. The error from the other observables is included 

file:///-KrefJ
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Table 7.4: This table presents the results for our procedure to obtain stellar radius. For each 
magnitude (mv) of the Boris test star we present the derived radius (R/RQ), the estimated 
error computed both from the dispersion of the fit (fit sigma) and the given large separation 
error (l.s. error)  

star mv R/RQ error fit sigma l.s. error 
Boris 9 1.036 0.020 0.017 0.003 
Boris 11 1.035 0.015 0.011 0.004 
Boris 13 1.029 0.027 0.011 0.016 

in the error of the fit, since the points used for the fitting were obtaining considering all 
models within the error boxes. 

We are able to determine the radius with a precision of ~ 2%. This is possible because the 
large spacing is known with a very high precision, together with the fact that the radius is 
strongly correlated with the large spacing, being only weakly dependent on the physics of 
the star. Moreover this error can be reduced slightly if we find more suitable models within 
the error boxes and with the right large spacing. The results for the three different cases of 
Boris can be seen in Table 7.4 

The true value for the radius inserted by the "hares" in the test star Boris was the Solar 
radius. This test star is actually a true image of the Sun as we know it. Interesting, in the 
result observed in Table 7.4 is the fact that the error, estimated in a simple way for the radius, 
is basically constant for the different values of the star's magnitude. This is not observed for 
the classical procedure where the seismic data is not available. In this case we only have a 
simple fit of the models in the HR diagram. For higher magnitudes we have a larger error 
on the luminosity of the star, coming essentially from the larger errors on their parallaxes. 
This leads to a larger number of models that are then allowed to fit the observed parameters 
(within the larger errors). At the end we find a wider range for the radius of the star. The 
inclusion of the seismic data, that remains rather precise for a wide range of magnitudes 
(see Table 7.2) allows for a more precise selection of the models. 

To expose better the difference between these two versions for the radius determination, we 
derived the stellar radius using the classical procedure for the test star Boris. To do this 
we make use of the models in the grids presented in Table 7.3. Although these grids are 
somewhat biased in the search for the observed large separation, using them will still give a 
good idea of the result and respective errors for the classical procedure (using only the HR 
diagram). 
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Figure 7.7: Radius distribution for the the models fitting the HR and the log g vs Teff 

diagrams (left panel), and only fitting the HR diagram (right panel) for the test star Boris 
with mv = 9. 

We also included an extra case. This third case is when we have access to the surface 
gravity in addition to the luminosity and effective temperature. What we want to stress here 
is the fact that the surface gravity (~ M/R2) gives essentially the same information as the 
large separation (~ M/R3). However, normally the large separation is given with higher 
precision (in some cases better than 0.5%) than the surface gravity (~ 2%). Nevertheless, 
having the latter information allow a better constrain on the models to obtain a more precise 
determination of the radius. 

Figure 7.7, presents the distribution of the radius in the models that fit the luminosity, 
effective temperature and also the surface gravity (left panel), and the models that fit only 
the classical HR diagram (right panel). It is clear that the better result is the case when 
the surface gravity is used. Surprisingly, or not, in this case we determine an error (0.026, 
estimated from a gaussian fit to the distribution) that is not very far from the values derived 
in Table 7.4. Note however that the results in Figure 7.7 are the ones for the brighter test star 
(mv = 9). Doing the same procedure for the other magnitudes, this distribution is expected 
to get wider due to the inclusion of more models since the luminosity error will increase for 
higher magnitudes. 

The right panel of Figure 7.7 shows the distribution for the models in the classical procedure. 
In this case the distribution seems to be gaussian. In fact, the low number and biased models 
in the grids used in this plot determines the lack of symmetry, specially for the smaller 
radius. For a more clear comparison it is necessary to compute a greater number of models, 
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especially for lower mass stars. Nevertheless, one can have the idea of the larger number of 
models that can only fit the luminosity and effective temperature, resulting on a large range 
of possible radius values. 
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Chapter 8 

Summary and Future work 

8.1 Summary 

In this summary we will highlight the most significant results reported in the previous 
Chapters: 

The ARES CODE 

After testing a code already available for the community that enables the automatic measure
ment of equivalent widths (DAOSPEC), we found that the results, although being reason
able, were not completely satisfactory. The ARES code was therefore born from an autotest 
exercise to check how far can one "teach" a computer to do a boring and "manual" job in a 
fast way, without any outside help. The code was built and we shown that it works perfectly 
for our purpose of determining spectroscopic stellar parameters for solar type stars. The 
code is available freely for anyone that may be interested on using it. 

The HARPS GTO planet search sample; Spectroscopic catalogue 

The new ARES code is extremely helpfull for the automization of the derivation of stellar 
parameters. Therefore it is possible to use a very larger number of lines for the spectroscopic 
analysis allowing to reach higher precisions due to the increasing statistical strength. There
fore we were able to use ARES on the spectra collected by HARPS, and in particular on the 
sample of stars that are being used to search for low mass planets. As the main result we 
present precise stellar parameters for the 451 stars that belong to this planet search program. 

149 
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The metallicity correlation 

In the process of the analysis of the HARPS sample parameters were derived for a few 
Neptune planet host stars. After combining these results with the ones found in the literature 
for Neptune planet hosts, we presented a glitch on the possible new correlation (or lack of 
correlation) between low-mass planet host and the metal content of their host stars. The 
result seems to agree with the expectations of some theoretical works and with previous 
results, and shows that the metallicity correlation seen for giant planet hosts is likely not 
valid in this planet mass regime. 

Stellar radius determination precision 

One important result that was achieved, following an idea already present in the asteroseis-
mology community, is that once we have the large separation together with the classical 
stellar parameters for a specific star, one could use stellar interior codes (in our case Cesam) 
to get the stellar radius with very high accuracy. This is true since the relation between the 
radius and the large separation is only weakly dependent on the physics of the star. Such 
result may have important applications to the study of several stellar astrophysics problems, 
as well as the characterisation of transiting planets. 

8.2 Future Work 

The main goal for the future is to improve the procedures presented in this thesis. The 
precise determination of spectroscopic stellar parameters will be continued, using the data 
from high-resolution spectrographs currently available for the community (e.g. HARPS and 
UVES, from ESO). This procedure can be the foundations for a totally automatic procedure 
to be implemented and that can then be easily included immediately after the data reduction 
pipeline. The tools developed will be used for the data related to the new planet discoveries 
with the current instruments available, but will be designed with the mind set on a new 
high-resolution ultra stable spectrograph to be located in a near future on the Very Large 
Telescope as a second generation instrument. 

As stellar parameters are determined, they can be used to study several topics of research, 
as follows: 
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8.2.1 Planet host stars 

One of the scientific goals for the future is to find more clues or evidences that could help 
on the understanding of formation and evolution of stars and planets considering planet-star 
interactions. There are three topics that will gather the most attention: 

• A correlation between planetary radius and stellar abundances: 

As shown by Guillot et al. (2006), there is an interesting correlation between the 
planetary radius and the observed stellar metallicity. This correlation suggests that 
higher metallicity stars form preferentially planets with bigger cores. If confirmed, 
this idea brings strong constraints for the models of planet formation and evolution, 
as well as for the planetary mass-radius relation. The derivation of accurate stellar 
metallicities is thus extremely important to the study of the mentioned correlation. 

• Low mass planets - increasing the numbers: 

As discussed on this thesis, a few low-mass planets found appear to follow a trend 
in metallicity that differ from the well established relations for giant planets. This 
result, is supported by planet-formation models based on the core-accretion paradigm. 
These works suggest that neptunian planets should be found in a wider range of stellar 
metallicities. Lower-mass planets could even be preferentially found orbiting metal-
poorer stars. As new low mass planets are discovered one must check if this trend is 
confirmed. 

• precise planet radius and masses: 

The derivation of the planetary properties (mass, radius, and mean density) depends 
considerably on the deduced parameters for the stellar host. It is thus extremely im
portant to refine the derived values for the effective temperature, chemical abundance, 
and surface gravity of our stars, in order to obtain precise stellar masses and radii. 
This in turn will give us the opportunity to derive more precise (and homogeneous) 
planetary properties, that will be important to study the open issues mentioned above.. 

8.2.2 Fundamental parameters of stars 

The determination of the fundamental parameters for solar-type stars will also be studied: 

• Radius Determination 
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As shown in Chapter 7, asteroseismology can also be used for an estimation of the 
stellar radius with a precision of a few percent. The determination of the radius for 
solar type stars is of high importance for missions such as Kepler, the NASA's first 
mission capable of finding Earth-size and smaller planets around other stars. The 
determination of the radius with a good precision is possible if we know very well the 
large separation of the star, and the fact that the radius is strongly correlated with the 
large separation almost independently of the unknown physics of the star. This work 
will be done for Kepler data in the Kepler Asteroseismic Science Consortium. This 
Consortium will play an important role on the Kepler mission in order to verify the 
true size of the planets found by this mission. 

• Mass Determination 

The precise radius determination together with an precise effective temperature will 
strongly restrict the targets in the HR diagram in order to fit stellar evolution models. 
Using model fitting we will be able to estimate better the mass and the age of the 
targets. Moreover, we will carry out a study on the possible combinations of internal 
structure for each target, to check what are the more important input variables on the 
model fitting. The mass determination for the stars is still a process than gives a high 
relative error on the results. Improving this procedure, or finding a way to obtain a 
more reliable value will be very interesting for the point of view of planet formation. 
With better values for the mass one can search for correlations with the planet that can 
give extra hints for the formation of planets around stars. 

Overall, the derived parameters will give us the opportunity to study new relations between 
the stellar parameters and the planetary density, mass, and orbital period (among other 
properties). Tools for the determination of these parameters will be required or must be 
improved to be used on the new instruments and data coming soon. 
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Appendix A 

The HARPS GTO Catalogue - table of 
parameters 

Table A.l: Table of the HARPS GTO "high precision" spectroscopic catalogue. We 
provide the star name, effective temperature, surface gravity, micro turbulence, [Fe/H], the 
number of iron lines used in the spectroscopic analysis, a mass estimate, the surface gravity 
computed from the parallaxes, the luminosity of the star, and an indication of whether it 
hosts a planet. In the electronic table, we also indicate the error in the luminosity and the 
computed absolute magnitude of the stars. 

Star ID Teff log gspec ft [Fe/H] N(Fei,Fen) Mass lOggWp/. Lum. planet 
[K] [cm s-2] [kms-1] [ M Q ] [cms -2] [£©] host? 

HD55 4679 ± 76 4.51 ±0.16 0.05 ± 1.79 -0.66 ±0.02 219,17 0.652 0.124 4.79 no 
HD142 6403 ±65 4.62 ±0.07 1.74 ±0.08 0.09 ± 0.05 187,30 1.291 2.681 4.30 yes 
HD283 5157 ±28 4.51 ±0.05 0.45 ±0.10 -0.54 ±0.02 252,31 0.611 0.340 4.50 no 
HD361 5913 ± 15 4.60 ±0.02 1.00 ±0.02 -0.12 ±0.01 258,34 1.042 0.955 4.52 no 
HD750 5060 ± 33 4.39 ±0.07 0.59 ± 0.09 -0.29 ±0.02 252,33 0.686 0.323 4.54 no 
HD870 5381 ±26 4.42 ±0.05 0.79 ±0.05 -0.10 ±0.02 254,32 0.860 0.486 4.56 no 
HD967 5564 ± 16 4.51 ±0.03 0.79 ±0.03 -0.68 ±0.01 251,34 0.667 0.702 4.35 no 
HD1237 5514 ±36 4.50 ± 0.07 1.09 ±0.05 0.07 ±0.03 249,32 0.939 0.631 4.53 yes 
HD1320 5679 ± 14 4.49 ±0.02 0.85 ±0.02 -0.27 ±0.01 253,32 0.871 0.746 4.48 no 
HD1388 5954 ± 10 4.41 ±0.02 1.13 ±0.01 -0.01 ±0.01 253,34 1.044 1.385 4.37 no 
HD1461 5765 ± 18 4.38 ± 0.03 0.97 ±0.02 0.19 ±0.01 258,35 1.018 1.188 4.37 no 
HD1581 5977 ± 12 4.51 ±0.03 1.12 ±0.01 -0.18 ±0.01 248,33 0.995 1.218 4.41 no 
HD2025 4939 ± 53 4.58 ±0.10 0.61 ±0.17 -0.35 ±0.03 253,31 0.712 0.230 4.66 no 
HD2071 5719 ±14 4.47 ±0.02 0.95 ±0.01 -0.09 ±0.01 253,33 0.947 0.798 4.50 no 
HD2638 5198 ±52 4.43 ±0.09 0.74 ±0.11 0.12 ±0.04 255,36 0.805 0.463 4.50 yes 
HD3569 5155 ±32 4.54 ±0.06 0.60 ±0.07 -0.32 ±0.02 253,33 0.716 0.348 4.55 no 
HD3823 6022 ± 14 4.31 ±0.02 1.39 ±0.02 -0.28 ±0.01 245,35 1.013 2.306 4.15 no 
HD4208 5599 ± 19 4.44 ± 0.02 0.78 ±0.03 -0.28 ±0.01 257,32 0.827 0.713 4.45 yes 
HD4307 5812 ± 14 4.10 ±0.02 1.22 ±0.01 -0.23 ±0.01 256,35 0.975 2.924 3.97 no 
HD4308 5644 ± 16 4.38 ±0.03 0.90 ±0.02 -0.34 ±0.01 258,33 0.803 0.980 4.31 yes 
HD4915 5658 ± 13 4.52 ±0.03 0.90 ±0.02 -0.21 ±0.01 254,34 0.909 0.672 4.53 no 
HD6348 5107 ±28 4.51 ±0.05 0.07 ±0.38 -0.56 ±0.02 251,32 0.563 0.333 4.45 no 
HD6673 4960 ±59 4.49 ±0.11 0.58 ±0.19 -0.26 ±0.03 254,32 0.700 0.260 4.60 no 
HD6735 6082 ± 15 4.49 ±0.02 1.15 ±0.02 -0.06 ±0.01 251,34 1.086 1.431 4.41 no 
HD7134 5940 ± 14 4.41 ±0.02 1.17 ±0.02 -0.29 ±0.01 255,33 0.941 1.367 4.33 no 
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Star ID Tcir log gspec 6 [Fe/H] N(Fe i,Fc n) Mass logg/npp Lum. planet 

[K] [cm s~2] [krns-1] [ M Q ] [cm s~2] [£©] host? 

HD7199 5386 ±45 4.34 ±0.08 1.01 ±0.07 0.28 ±0.03 257,36 0.888 0.697 4.41 no 

HD7449 6024 ± 13 4.51 ±0.03 1.11 ±0.01 -0.11 ±0.01 250,35 1.053 1.197 4.46 no 

HD8326 4971 ±79 4.48 ±0.15 0.81 ±0.22 0.02 ±0.04 256,34 0.716 0.312 4.54 no 

HD8389A 5283 ±64 4.37 ±0.12 1.06 ±0.12 0.34 ±0.05 255,36 0.863 0.617 4.41 no 

HD8406 5726 ± 12 4.50 ±0.01 0.87 ±0.02 -0.10 ±0.01 250,34 0.953 0.785 4.51 no 

HD8638 5507 ±26 4.43 ±0.05 0.74 ±0.04 -0.38 ±0.02 260,32 0.744 0.694 4.39 no 

HD8828 5403 ±25 4.46 ±0.03 0.72 ±0.05 -0.16 ±0.02 255,34 0.822 0.524 4.52 no 

HD8859 5502 ± 18 4.41 ±0.04 0.77 ±0.03 -0.09 ±0.01 253,35 0.858 0.635 4.49 no 

HD8912 5211 ±42 4.43 ±0.07 0.70 ±0.09 -0.07 ±0.03 256,33 0.885 0.361 4.65 no 

HD9246 4999 ±40 4.49 ±0.08 0.13 ±0.31 -0.53 ±0.02 255,32 0.729 0.212 4.73 no 

HD9782 6023 ± 19 4.42 ±0.02 1.09 ±0.02 0.09 ±0.01 256,34 1.115 1.460 4.40 no 

HD9796 5179 ±28 4.38 ±0.06 0.66 ±0.07 -0.25 ±0.02 253,34 0.748 0.365 4.56 no 

HD10002 5313 ±44 4.40 ± 0.07 0.82 ±0.09 0.17 ±0.03 260,36 0.844 0.581 4.46 no 
HD10166 5221 ±31 4.48 ±0.07 0.74 ±0.07 -0.39 ±0.02 251,34 0.886 0.255 4.81 no 

HD10180 5911 ± 19 4.39 ±0.03 1.11 ±0.02 0.08 ±0.01 261,35 1.058 1.485 4.33 no 

HD 10647 6218 ±20 4.62 ±0.04 1.22 ±0.02 0.00 ± 0.01 245,35 1.202 1.473 4.48 yes 

HD 10700 5310 ± 17 4.44 ±0.03 0.55 ±0.04 -0.52 ±0.01 251,34 0.627 0.495 4.40 no 

HD 11226 6098 ± 14 4.35 ±0.02 1.28 ±0.01 0.04 ±0.01 256,35 1.171 2.196 4.26 no 

HD 11505 5752 ± 10 4.38 ±0.02 0.99 ±0.01 -0.22 ±0.01 250,34 0.893 1.269 4.28 no 

HD 11683 5007 ±47 4.42 ±0.11 0.60 ±0.13 -0.21 ±0.03 256,33 0.689 0.301 4.55 no 

HD11964A 5332 ±22 3.90 ±0.03 0.99 ±0.02 0.08 ±0.02 252,35 0.880 2.872 3.79 yes 

HD 12345 5395 ±29 4.44 ±0.04 0.69 ±0.06 -0.21 ±0.02 260,32 0.812 0.500 4.53 no 

HD 12387 5700 ± 18 4.39 ±0.05 0.93 ±0.03 -0.24 ±0.01 260,34 0.865 1.172 4.28 no 

HD12617 4890 ± 91 4.46 ±0.18 0.75 ±0.31 0.10 ±0.07 254,34 0.749 0.262 4.61 no 

HD 13060 5255 ±45 4.34 ±0.09 0.82 ±0.08 0.02 ±0.03 257,34 0.863 0.426 4.58 no 

HD13724 5868 ±27 4.52 ±0.03 1.02 ±0.03 0.23 ±0.02 255,34 1.103 1.085 4.47 no 

HD13789 4740 ± 71 4.33 ±0.17 0.79 ± 0.26 -0.06 ±0.06 253,32 0.000 0.232 -inf no 

HD13808 5087 ±41 4.40 ±0.08 0.77 ±0.09 -0.20 ±0.03 251,34 0.699 0.368 4.50 no 

HD 14374 5425 ±24 4.48 ±0.04 0.81 ±0.04 -0.04 ±0.02 252,35 0.860 0.559 4.52 no 

HD 14635 4806 ±87 4.45 ±0.20 0.78 ±0.26 -0.03 ±0.04 254,33 0.782 0.190 4.73 no 

HD 14680 5011 ±56 4.46 ±0.12 0.69 ±0.15 -0.17 ±0.03 255,34 0.735 0.282 4.61 no 

HD 14744 4923 ±51 4.45 ±0.10 0.44 ±0.24 -0.13 ±0.03 255,33 0.629 0.316 4.46 no 

HD 14747 5516 ± 16 4.43 ±0.02 0.72 ±0.03 -0.39 ±0.01 257,33 0.743 0.734 4.36 no 

HD15337 5179 ±44 4.39 ±0.09 0.70 ±0.10 0.06 ±0.03 252,36 0.870 0.379 4.61 no 

HD16141 5806 ± 17 4.19 ±0.02 1.11 ±0.01 0.16 ±0.01 254,34 1.057 1.988 4.17 yes 

HD 16270 4786 ±92 4.39 ±0.21 0.84 ± 0.27 0.06 ±0.04 255,34 0.617 0.237 4.53 no 

HD 16297 5422 ±22 4.47 ±0.04 0.80 ±0.04 -0.01 ±0.02 249,34 0.844 0.619 4.46 no 

HD16417 5841 ± 17 4.16 ±0.02 1.18 ±0.01 0.13 ±0.01 259,35 1.211 2.630 4.12 no 

HD16714 5518 ±18 4.42 ±0.03 0.76 ±0.03 -0.20 ±0.01 256,34 0.819 0.674 4.44 no 

HD 17051 6227 ±26 4.53 ±0.06 1.29 ±0.03 0.19 ±0.02 251,35 1.265 1.622 4.46 yes 

HD 17970 5040 ±48 4.39 ±0.08 0.29 ±0.24 -0.45 ±0.04 261,32 0.480 0.398 4.28 no 

HD18386 5457 ±29 4.39 ±0.05 0.92 ±0.04 0.14 ±0.02 258,35 0.998 0.549 4.60 no 

HD18719 5241 ±32 4.41 ±0.06 0.92 ±0.06 -0.08 ±0.02 255,33 0.773 0.457 4.50 no 

HD 19034 5477 ± 15 4.40 ±0.03 0.69 ±0.03 -0.48 ±0.01 250,33 0.704 0.647 4.38 no 

HD 19467 5720 ± 10 4.31 ±0.01 0.96 ±0.01 -0.14 ±0.01 251,34 0.906 1.363 4.25 no 

HD 19994 6289 ±46 4.48 ±0.05 1.72 ±0.05 0.24 ±0.03 246,35 1.369 3.682 4.15 yes 

HD20003 5494 ±27 4.41 ±0.05 0.83 ±0.04 0.04 ±0.02 254,36 0.875 0.722 4.44 no 

HD20407 5866 ± 14 4.50 ±0.01 1.09 ±0.02 -0.44 ±0.01 243,31 0.861 0.976 4.41 no 

HD20619 5703 ± 13 4.51 ±0.02 0.92 ±0.02 -0.22 ±0.01 250,33 0.892 0.780 4.48 no 

HD20781 5256 ±29 4.37 ±0.05 0.78 ±0.05 -0.11 ±0.02 252,34 0.760 0.491 4.47 no 

HD20782 5774 ± 14 4.37 ±0.01 1.00 ±0.01 -0.06 ±0.01 254,34 0.947 1.234 4.32 yes 

HD20794 5401 ± 17 4.40 ±0.03 0.67 ±0.03 -0.40 ±0.01 250,33 0.701 0.656 4.35 no 

HD20807 5866 ± 11 4.52 ±0.03 1.04 ±0.01 -0.23 ±0.01 250,33 0.948 0.964 4.46 no 

HD21019 5468 ± 13 3.93 ±0.02 1.05 ±0.01 -0.45 ±0.01 251,32 0.819 4.009 3.65 no 

HD21209A 4671 ±65 4.31 ±0.15 0.54 ±0.31 -0.41 ±0.04 253,32 0.598 0.175 4.60 no 
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Star ID Teff ioggspec ft [Fe/H] N(FCI,FCH) Mass \°&ghiPp Lum. planet 
[K] [cm s-2] [kms"1] [M0] [cm s -2] He] host? 

HD21411 5473 ± 18 4.51 ±0.03 0.81 ±0.03 -0.26 ±0.01 251,33 0.791 0.615 4.46 no 
HD21693 5430 ± 26 4.37 ±0.04 0.76 ± 0.04 0.00 ±0.02 255,36 0.853 0.618 AM no 
HD21749 4723 ± 143 4.40 ±0.33 0.53 ±0.74 -0.02 ±0.08 254,32 0.759 0.185 4.70 no 
HD21938 5778 ± 18 4.38 ±0.02 0.99 ± 0.03 -0.47 ±0.01 253,33 0.813 1.092 4.31 no 
HD22049 5153 ±42 4.53 ±0.07 0.90 ± 0.09 -0.11 ±0.03 253,34 0.855 0.327 4.66 yes 
HD22610 5043 ±43 4.44 ±0.09 0.88 ±0.10 -0.22 ±0.03 255,34 0.791 0.283 4.65 no 
HD22879 5857 ±27 4.46 ± 0.02 1.23 ±0.06 -0.83 ±0.02 222,32 0.738 1.041 4.34 no 
HD23079 5980 ± 12 4.48 ± 0.02 1.12 ±0.01 -0.12 ±0.01 252,35 1.009 1.378 4.36 yes 
HD23249 5150 ±51 3.89 ±0.08 1.01 ±0.06 0.13 ±0.04 255,36 0.826 3.109 3.66 no 
HD23356 5004 ± 60 4.50 ±0.11 0.87 ±0.15 -0.17 ±0.03 256,33 0.719 0.288 4.59 no 
HD23456 6178 ± 18 4.56 ±0.03 1.38 ±0.03 -0.32 ±0.01 237,34 1.027 1.737 4.33 no 
HD24331 4965 ±46 4.51 ±0.09 0.53 ±0.14 -0.31 ±0.02 254,32 0.676 0.264 4.58 no 
HD24892 5363 ± 15 3.99 ±0.04 0.88 ±0.02 -0.32 ±0.01 256,33 0.771 2.431 3.81 no 
HD25105 5316 ±31 4.47 ±0.06 0.77 ±0.06 -0.15 ±0.02 256,33 0.805 0.461 4.54 no 
HD25120 5134 ±39 4.47 ±0.08 0.87 ±0.07 -0.18 ±0.02 252,32 0.749 0.354 4.56 no 
HD25565 5212 ±52 4.47 ± 0.09 0.80 ±0.10 0.03 ±0.03 257,34 0.935 0.367 4.67 no 
HD25673 5136 ±37 4.47 ±0.07 0.56 ±0.11 -0.50 ±0.02 257,33 0.767 0.257 4.71 no 
HD26965A 5153 ±38 4.39 ±0.08 0.36 ±0.13 -0.31 ±0.03 251,33 0.670 0.418 4.45 no 
HD27063 5767 ± 14 4.44 ±0.03 0.94 ±0.02 0.05 ±0.01 253,35 1.073 0.804 4.56 no 
HD27894 4952 ± 105 4.39 ±0.20 0.78 ±0.35 0.20 ± 0.08 255,36 0.716 0.336 4.50 yes 
HD28185 5667 ±23 4.42 ±0.04 0.94 ±0.03 0.21 ±0.02 254,35 0.983 1.011 4.39 yes 
HD28471 5745 ± 14 4.37 ±0.01 0.95 ±0.02 -0.05 ±0.01 251,34 0.937 1.097 4.36 no 
HD28701 5710 ± 12 4.41 ±0.02 0.95 ±0.02 -0.32 ±0.01 253,33 0.840 1.138 4.29 no 
HD28821 5660 ± 13 4.38 ±0.01 0.88 ±0.02 -0.12 ±0.01 256,35 0.878 1.054 4.33 no 
HD30278 5394 ±29 4.39 ±0.04 0.72 ±0.05 -0.17 ±0.02 260,32 0.779 0.606 4.43 no 
HD30306 5529 ±26 4.32 ±0.04 0.89 ±0.04 0.17 ±0.02 259,35 0.912 0.988 4.33 no 
HD31527 5898 ± 13 4.45 ±0.02 1.09 ±0.01 -0.17 ±0.01 257,35 0.962 1.196 4.38 no 
HD31560 4751 ±86 4.33 ±0.19 0.64 ±0.32 -0.07 ±0.04 254,33 0.681 0.209 4.61 no 
HD31822 6042 ± 16 4.57 ±0.03 1.15 ±0.02 -0.19 ±0.01 251,33 1.106 1.003 4.56 no 
HD32724 5818 ±13 4.26 ±0.02 1.14 ±0.01 -0.17 ±0.01 255,35 0.958 1.967 4.14 no 
HD33725 5274 ±30 4.41 ±0.05 0.71 ±0.06 -0.17 ±0.02 253,32 0.747 0.501 4.45 no 
HD34449 5848 ± 17 4.50 ±0.03 0.92 ±0.02 -0.09 ±0.01 254,34 1.035 0.851 4.55 no 
HD34688 5169 ±39 4.44 ±0.06 0.70 ±0.09 -0.20 ±0.02 255,34 0.801 0.347 4.61 no 
HD35854 4928 ±56 4.46 ±0.11 0.54 ±0.17 -0.13 ±0.03 251,34 0.672 0.281 4.54 no 
HD36003 4647 ± 88 4.31 ±0.21 0.42 ±0.55 -0.20 ±0.06 253,30 0.604 0.181 4.59 no 
HD36108 5916 ± 12 4.33 ±0.03 1.21 ±0.01 -0.21 ±0.01 254,35 0.983 1.985 4.18 no 
HD36379 6030 ± 14 4.30 ±0.02 1.29 ±0.02 -0.17 ±0.01 252,35 1.052 2.326 4.17 no 
HD37962 5718 ± 15 4.48 ±0.04 0.84 ±0.02 -0.20 ±0.01 253,33 0.894 0.837 4.45 no 
HD37986 5507 ±38 4.29 ±0.06 0.92 ±0.05 0.26 ±0.03 253,36 0.935 0.771 4.43 no 
HD38277 5871 ± 10 4.34 ±0.02 1.10 ±0.01 -0.07 ±0.01 258,34 1.006 1.824 4.21 no 
HD38382 6082 ± 19 4.45 ±0.02 1.18 ±0.02 0.03 ±0.01 256,35 1.125 1.521 4.40 no 
HD38858 5733 ± 12 4.51 ±0.01 0.94 ±0.02 -0.22 ±0.01 251,33 0.897 0.835 4.46 no 
HD38973 6016 ± 17 4.42 ±0.02 1.14 ±0.02 0.05 ±0.01 257,35 1.092 1.494 4.37 no 
HD39091 6003 ± 17 4.42 ± 0.03 1.12 ±0.02 0.09 ±0.01 254,34 1.097 1.473 4.38 yes 
HD39194 5205 ±23 4.53 ±0.05 0.37 ±0.09 -0.61 ±0.02 251,31 0.587 0.363 4.47 no 
HD40105 5137 ±36 3.85 ±0.05 0.97 ± 0.05 0.06 ±0.02 249,34 0.810 2.905 3.68 no 
HD40307 4977 ± 59 4.47 ±0.16 0.53 ±0.20 -0.31 ±0.03 253,33 0.767 0.228 4.71 no 
HD40397 5527 ±20 4.39 ±0.04 0.83 ±0.03 -0.13 ±0.01 257,34 0.830 0.755 4.40 no 
HD44120 6052 ± 15 4.25 ±0.02 1.31 ±0.01 0.12 ±0.01 254,35 1.241 2.822 4.16 no 
HD44420 5818 ±22 4.37 ±0.03 1.06 ±0.03 0.29 ±0.02 257,34 1.069 1.244 4.37 no 
HD44447 5999 ± 14 4.37 ± 0.02 1.26 ±0.02 -0.22 ±0.01 248,34 1.002 1.783 4.26 no 
HD44573 5071 ±56 4.48 ±0.10 0.80 ±0.13 -0.07 ±0.03 252,34 0.814 0.315 4.63 no 
HD44594 5840 ± 14 4.38 ±0.02 1.06 ±0.01 0.15 ±0.01 249,34 1.042 1.240 4.38 no 
HD45184 5869 ± 14 4.47 ±0.02 1.03 ±0.01 0.04 ±0.01 253,34 1.031 1.133 4.43 no 
HD45289 5717 ±18 4.32 ±0.01 0.99 ±0.02 1 -0.02 ±0.01 255,34 0.948 1.411 4.25 no 
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Star ID Teff log gspec 6 [Fe/H] N(Fc i,Fe n) Mass \0gghipp Lum. planet 

[K] [cm s~2] [kms-1] [MQ] [cms -2] [I©] host? 

HD45364 5434 ±20 4.38 ±0.03 0.71 ±0.03 -0.17 ±0.01 254,34 0.819 0.557 4.50 no 

HD47186 5675 ±21 4.36 ±0.04 0.93 ±0.02 0.23 ±0.02 252,34 0.990 1.080 4.36 no 

HD48611 5337 ±23 4.51 ±0.04 0.69 ±0.05 -0.36 ±0.02 256,33 0.734 0.454 4.51 no 

HD50590 4870 ±67 4.39 ±0.14 0.35 ±0.28 -0.22 ±0.04 251,33 0.633 0.275 4.50 no 

HD50806 5633 ± 15 4.11 ±0.03 1.03 ±0.01 0.03 ±0.01 251,35 0.961 2.169 4.04 no 

HD51608 5358 ±22 4.36 ± 0.05 0.73 ±0.04 -0.07 ±0.01 249,34 0.798 0.572 4.45 no 

HD52265 6136 ±31 4.36 ±0.03 1.32 ±0.03 0.21 ±0.02 255,35 1.204 1.912 4.34 yes 

HD52919 4698 ±91 4.37 ±0.20 0.67 ±0.34 -0.17 ±0.04 258,33 0.675 0.186 4.64 no 

HD55693 5914 ±26 4.43 ±0.04 1.07 ±0.03 0.29 ±0.02 251,35 1.117 1.515 4.34 no 

HD59468 5618 ±20 4.39 ±0.03 0.88 ±0.02 0.03 ±0.01 256,35 0.913 0.894 4.40 no 

HD59711A 5722 ± 13 4.46 ±0.02 0.86 ±0.02 -0.12 ±0.01 255,33 0.907 0.912 4.42 no 

HD63454 4840 ±66 4.30 ±0.16 0.81 ±0.14 0.06 ±0.03 227,27 0.661 0.253 4.55 yes 

HD63765 5432 ± 19 4.42 ±0.03 0.82 ±0.03 -0.16 ±0.01 249,32 0.828 0.549 4.51 no 

HD65216 5612 ± 16 4.44 ±0.02 0.78 ±0.03 -0.17 ±0.01 256,34 0.874 0.707 4.48 yes 

HD65277 4802 ±88 4.43 ±0.18 0.55 ±0.34 -0.31 ±0.04 257,32 0.492 0.207 4.49 no 

HD65562 5076 ±47 4.39 ±0.09 0.45 ±0.18 -0.10 ±0.03 252,34 0.719 0.367 4.51 no 

HD65907A 5945 ± 16 4.52 ±0.02 1.05 ±0.02 -0.31 ±0.01 256,34 0.933 1.241 4.37 no 

HD66221 5635 ±25 4.40 ±0.04 0.92 ±0.03 0.17 ±0.02 260,35 0.961 0.948 4.40 no 

HD66428 5705 ±27 4.31 ±0.06 0.96 ±0.03 0.25 ±0.02 258,35 1.011 1.284 4.31 yes 

HD67458 5891 ± 12 4.53 ±0.02 1.04 ±0.01 -0.16 ±0.01 256,35 0.978 1.024 4.45 no 

HD68607 5215 ±45 4.41 ±0.08 0.82 ±0.08 0.07 ±0.03 251,35 0.814 0.448 4.52 no 

HD68978A 5965 ±22 4.48 ±0.02 1.09 ±0.02 0.04 ±0.02 260,34 1.079 1.242 4.43 no 

HD69655 5961 ± 12 4.44 ±0.03 1.15 ±0.01 -0.18 ±0.01 249,34 0.982 1.329 4.36 no 

HD69830 5402 ±28 4.40 ±0.04 0.80 ±0.04 -0.06 ±0.02 255,36 0.821 0.596 4.46 yes 

HD70642 5668 ±22 4.40 ±0.04 0.82 ±0.03 0.18 ±0.01 253,36 0.978 0.955 4.42 yes 

HD70889 6051 ± 15 4.49 ±0.02 1.13 ±0.02 0.11 ±0.01 255,33 1.189 1.229 4.51 no 

HD71334 5694 ± 13 4.37 ±0.03 0.95 ±0.02 -0.09 ±0.01 255,35 0.901 0.962 4.39 no 

HD71479 6026 ± 18 4.42 ±0.02 1.19 ±0.02 0.24 ±0.01 256,34 1.181 1.915 4.30 no 

HD71835 5438 ±22 4.39 ±0.04 0.79 ±0.03 -0.04 ±0.02 252,34 0.839 0.629 4.46 no 

HD72579 5449 ±30 4.27 ±0.04 0.84 ±0.04 0.20 ±0.02 255,35 0.885 0.857 4.35 no 

HD72673 5243 ±22 4.46 ±0.04 0.60 ±0.06 -0.41 ±0.01 249,33 0.696 0.392 4.52 no 

HD72769 5640 ±27 4.35 ±0.04 0.98 ±0.03 0.30 ±0.02 254,35 0.994 1.066 4.35 no 

HD73121 6091 ± 16 4.30 ±0.03 1.34 ±0.01 0.09 ±0.01 247,34 1.234 2.803 4.18 no 

HD73256 5526 ± 30 4.42 ±0.06 1.11 ±0.04 0.23 ±0.02 257,34 0.968 0.686 4.51 yes 

HD73524 6017 ± 13 4.43 ±0.03 1.14 ±0.01 0.16 ±0.01 255,35 1.137 1.489 4.39 no 

HD74014 5561 ±27 4.33 ±0.04 0.90 ±0.03 0.22 ±0.02 256,34 0.938 0.901 4.39 no 

HD75289 6161 ±21 4.37 ±0.03 1.29 ±0.02 0.30 ±0.01 254,35 1.238 1.919 4.35 yes 

HD76151 5788 ±23 4.48 ±0.02 0.96 ±0.03 0.12 ±0.02 256,35 1.037 0.961 ' 4.48 no 

HD78429 5760 ± 19 4.33 ±0.02 1.01 ±0.02 0.09 ±0.01 255,34 0.996 1.408 4.28 no 

HD78538 5786 ± 13 4.50 ±0.03 0.98 ±0.02 -0.03 ±0.01 247,34 1.022 0.849 4.52 no 

HD78558 5711 ± 18 4.36 ±0.02 0.99 ±0.02 -0.44 ±0.01 254,32 0.814 1.379 4.19 no 

HD78612 5834 ± 14 4.27 ±0.02 1.14 ±0.02 -0.24 ±0.01 253,34 0.946 1.970 4.14 no 

HD78747 5778 ± 18 4.46 ±0.02 1.03 ±0.03 -0.67 ±0.01 240,34 0.756 1.078 4.29 no 

HD80883 5233 ±35 4.44 ±0.06 0.80 ±0.07 -0.25 ±0.03 260,34 0.734 0.430 4.50 no 

HD81639 5522 ±20 4.40 ±0.03 0.79 ±0.03 -0.17 ±0.02 251,34 0.829 0.680 4.45 no 

HD82342 4820 ±61 4.41 ±0.14 0.30 ±0.35 -0.54 ±0.03 253,31 0.616 0.198 4.62 no 

HD82516 5104 ±60 4.46 ±0.11 0.71 ±0.16 0.01 ±0.04 254,35 0.738 0.415 4.48 no 

HD82943 5989 ±20 4.43 ±0.02 1.10 ±0.02 0.26 ± 0.01 259,33 1.150 1.479 4.39 yes 

HD83443 5511 ±45 4.43 ±0.08 0.93 ±0.07 0.34 ±0.03 255,35 0.949 0.851 4.39 yes 

HD83529 5902 ± 12 4.35 ±0.01 1.11 ±0.01 -0.22 ±0.01 254,33 0.958 1.553 4.27 no 

HD85119 5425 ±25 4.52 ±0.03 0.93 ±0.04 -0.20 ±0.02 255,33 0.982 0.416 4.70 no 

HD85390 5186 ±54 4.41 ±0.09 0.75 ±0.11 -0.07 ±0.03 254,33 0.758 0.425 4.50 no 

HD85512 4715 ± 102 4.39 ±0.28 0.23 ±0.86 -0.32 ±0.03 237,21 0.742 0.126 4.86 no 

HD86065 5026 ±60 4.50 ±0.12 0.91 ±0.14 -0.06 ±0.03 256,34 0.838 0.263 4.70 no 

HD86140 4903 ±59 4.55 ±0.10 0.31 ±0.30 -0.25 ±0.04 254,31 0.759 0.225 4.68 no 
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Star ID Teff \°ggspec 
[K] [cm s -2] 

HD86171 5400 ±20 4.47 ±0.03 
HD87521 4854 ± 74 4.37 ±0.15 
HD88084 5766 ± 11 4.42 ±0.02 
HD88218 5878 ± 14 4.16 ±0.02 
HD88656 5150 ±34 4.44 ±0.06 
HD88742 5981 ± 13 4.52 ±0.02 
HD89454 5728 ± 17 4.47 ±0.03 
HD90156 5599 ± 12 4.48 ±0.02 
HD90711 5444 ± 39 4.40 ±0.06 
HD90812 5164 ±35 4.48 ±0.05 
HD92588 5199 ±26 3.79 ±0.06 
HD92719 5824 ± 16 4.51 ±0.03 
HD92788 5744 ±24 4.39 ±0.04 
HD93083 5105 ±68 4.43 ±0.11 
HD93380 4649 ±105 4.35 ±0.35 
HD93385 5977 ± 18 4.42 ±0.02 
HD94151 5583 ± 19 4.38 ±0.02 
HD95456 6276 ±22 4.35 ±0.04 
HD95521 5773 ± 18 4.49 ±0.02 
HD96423 5711 ± 18 4.35 ±0.02 
HD96700 5845 ± 13 4.39 ±0.02 
HD97037 5883 ± 14 4.34 ±0.02 
HD97343 5410 ±20 4.39 ±0.03 
HD97998 5716 ±21 4.57 ±0.02 
HD98281 5381 ±23 4.42 ±0.04 
HD98356 5322 ±35 4.41 ±0.06 
HD100508 5449 ± 61 4.42 ±0.09 
HD100777 5536 ±26 4.33 ±0.05 
HD101581 4738 ± 57 4.46 ±0.15 
HD101930 5164 ±61 4.40 ±0.11 
HD102117 5657 ±24 4.31 ±0.04 
HD 102365 5629 ±29 4.44 ±0.03 
HD 102438 5560 ± 13 4.41 ±0.03 
HD 103949 4881 ±91 4.48 ±0.18 
HD 104006 5023 ±37 4.56 ±0.05 
HD 104067 4969 ± 72 4.47 ±0.13 
HD 104263 5477 ±23 4.34 ± 0.04 
HD 104982 5692 ± 14 4.44 ±0.02 
HD105671 4748 ± 103 4.42 ±0.23 
HD 105837 5907 ± 17 4.54 ±0.03 
HD106116 5680 ± 15 4.39 ±0.03 
HD 106275 5059 ±45 4.47 ±0.09 
HD107148 5805 ±25 4.40 ± 0.02 
HD108147 6260 ±29 4.47 ±0.03 
HD108309 5775 ± 14 4.23 ±0.03 
HD 109200 5134 ±38 4.51 ±0.06 
HD 109409 5886 ±26 4.16 ±0.03 
HD 109423 5074 ±47 4.44 ±0.07 
HD110619 5613 ± 15 4.51 ±0.02 
HD111031 5801 ±22 4.39 ±0.03 
HD111232 5460 ±21 4.43 ±0.03 
HD 112540 5523 ±22 4.52 ±0.03 
HD 114386 4910 ± 106 4.39 ±0.21 
HD114613 5729 ± 17 3.97 ±0.02 
HD 114729 5844 ± 12 J 4.19 ±0.02 

it [Fe/H] N(Fc i,Fe 
[kms-1] 

0.81 ±0.03 -0.25 ±0.01 249,33 
0.76 ± 0.21 -0.04 ±0.05 256,34 
0.96 ± 0.01 -0.10 ±0.01 253,34 
1.23 ±0.01 -0.14 ±0.01 254,35 
0.81 ±0.07 -0.11 ±0.02 255,34 
1.07 ±0.01 -0.02 ±0.01 253,33 
0.96 ±0.02 0.12 ±0.01 257,34 
0.86 ±0.02 -0.24 ±0.01 252,33 
0.92 ±0.06 0.24 ±0.03 254,34 
0.64 ±0.08 -0.36 ±0.02 254,33 
1.01 ±0.03 0.04 ±0.02 253,35 
0.96 ± 0.02 -0.10 ±0.01 259,33 
0.95 ±0.03 0.27 ±0.02 255,35 
0.94 ±0.14 0.09 ±0.04 255,35 
0.21 ± 1.04 -0.72 ±0.03 220,12 
1.14 ±0.02 0.02 ±0.01 254,35 
0.83 ±0.03 0.04 ± 0.01 256,33 
1.40 ±0.02 0.16 ±0.02 258,35 
0.96 ±0.02 -0.15 ±0.01 256,35 
0.98 ±0.02 0.10 ±0.01 257,35 
1.04 ±0.01 -0.18 ±0.01 252,35 
1.13 ±0.01 -0.07 ±0.01 257,35 
0.82 ± 0.03 -0.06 ±0.01 252,34 
0.85 ±0.04 -0.42 ±0.01 261,33 
0.64 ±0.04 -0.26 ±0.02 253,33 
0.84 ±0.06 0.10 ±0.03 255,35 
0.86 ± 0.09 0.39 ±0.05 259,35 
0.81 ±0.04 0.25 ±0.02 255,35 
0.66 ± 0.25 -0.52 ±0.03 255,30 
0.91 ±0.12 0.13 ±0.04 253,36 
0.99 ±0.03 0.28 ±0.02 255,34 
0.91 ±0.04 -0.29 ±0.02 254,32 
0.84 ± 0.02 -0.29 ±0.01 257,33 
0.49 ± 0.42 -0.07 ±0.05 255,33 
0.15 ±0.33 -0.78 ±0.02 227,25 
0.98 ±0.20 -0.06 ±0.05 253,33 
0.81 ±0.03 0.02 ±0.02 254,35 
0.91 ±0.02 -0.19 ±0.01 253,34 
0.90 ±0.34 -0.02 ±0.07 255,33 
1.14 ±0.03 -0.51 ±0.01 239,32 
0.91 ±0.02 0.14 ±0.01 253,34 
0.67 ±0.12 -0.09 ±0.03 254,34 
0.93 ±0.03 0.31 ±0.02 255,33 
1.30 ±0.03 0.18 ±0.02 246,35 
1.08 ±0.01 0.12 ±0.01 252,35 
0.68 ±0.10 -0.31 ±0.02 257,33 
1.24 ±0.02 0.33 ±0.02 258,35 
0.87 ±0.10 -0.07 ±0.03 257,33 
0.83 ±0.03 -0.41 ±0.01 255,33 
1.05 ±0.02 0.27 ±0.02 258,35 
0.62 ±0.04 -0.43 ±0.02 257,33 
0.74 ±0.04 -0.17 ±0.02 260,33 
0.19 ±0.61 -0.07 ±0.07 239,27 
1.18 ±0.02 0.19 ±0.01 254,35 
1.23 ±0.01 -0.28 ±0.01 252,35 
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Mass toëghipp Lum. planet 
[MQ] [cms -2] [£©] host? 
0.828 0.474 4.57 no 
0.708 0.241 4.60 no 
0.930 1.021 4.40 no 
1.022 2.717 4.05 no 
0.731 0.422 4.48 no 
1.076 1.176 4.46 no 
1.033 0.853 4.51 no 
0.841 0.719 4.45 no 
0.928 0.644 4.49 no 
0.767 0.311 4.64 no 
0.840 3.579 3.63 no 
0.992 0.874 4.51 no 
1.032 1.046 4.41 yes 
0.767 0.395 4.51 yes 
0.652 0.090 4.93 no 
1.067 1.480 4.36 no 
0.899 0.883 4.39 no 
1.285 2.882 4.23 no 
0.946 0.844 4.49 no 
0.971 1.112 4.36 no 
0.943 1.414 4.28 no 
1.000 1.660 4.25 no 
0.813 0.638 4.43 no 
0.827 0.729 4.48 no 
0.769 0.533 4.48 no 
0.852 0.532 4.50 no 
0.939 0.774 4.40 no 
0.937 1.045 4.31 yes 
0.682 0.143 4.77 no 
0.779 0.468 4.47 yes 
1.014 1.548 4.21 yes 
0.821 0.811 4.40 no 
0.802 0.704 4.43 no 
0.763 0.242 4.65 no 
0.472 0.283 4.44 no 
0.704 0.302 4.55 no 
0.851 0.829 4.36 no 
0.882 0.852 4.43 no 
0.763 0.194 4.69 no 
0.850 1.141 4.35 no 
0.968 1.042 4.38 no 
0.718 0.357 4.51 no 
1.072 1.366 4.33 yes 
1.262 1.871 4.41 yes 
1.030 1.880 4.18 no 
0.698 0.360 4.52 no 
1.283 3.284 4.05 no 
0.846 0.291 4.68 no 
0.819 0.581 4.54 no 
1.061 1.383 4.32 no 
0.712 0.683 4.36 yes 
0.848 0.627 4.49 no 
0.697 0.269 4.57 yes 
1.364 4.057 3.95 no 
0.945 2.156 4.10 yes 
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Star ID Teff log gspec 
[K] [cm s -2] 

HD114747 5172 ±57 4.44 ±0.11 
HD114783 5133 ±54 4.42 ±0.10 
HD114853 5705 ± 14 4.44 ±0.02 
HD 115585 5711 ±29 4.27 ±0.05 
HD115617 5558 ± 19 4.36 ± 0.03 
HD115674 5649 ±20 4.48 ±0.03 
HD116858 4990 ±60 4.52 ±0.10 
HD 116920 5015 ±45 4.46 ±0.08 
HD117105 5889 ± 14 4.41 ±0.02 
HD 117207 5667 ±21 4.32 ±0.04 
HD117618 5990 ± 13 4.41 ±0.02 
HD119638 6069 ± 16 4.42 ±0.03 
HD 119782 5160 ±34 4.44 ± 0.06 
HD121504 6022 ± 11 4.49 ±0.03 
HD122862 5982 ± 13 4.23 ±0.02 
HD123265 5338 ±44 4.29 ± 0.07 
HD124106 5106 ±39 4.49 ±0.08 
HD 124292 5443 ±22 4.37 ±0.04 
HD124364 5584 ± 14 4.48 ±0.02 
HD 125072 5007 ± 103 4.56 ±0.20 
HD125184 5680 ±30 4.10 ±0.05 
HD 125455 5162 ±41 4.52 ±0.07 
HD125881 6036 ± 17 4.49 ±0.03 
HD126525 5638 ± 13 4.37 ±0.02 
HD 128674 5551 ± 15 4.50 ±0.04 
HD 129642 5026 ± 76 4.49 ±0.15 
HD 130322 5365 ±29 4.37 ±0.05 
HD 130930 5027 ± 61 4.45 ±0.12 
HD 130992 4898 ±75 4.54 ±0.15 
HD 132648 5418 ± 16 4.49 ±0.03 
HD 134060 5966 ± 14 4.43 ±0.03 
HD134606 5633 ±28 4.38 ±0.05 
HD 134664 5865 ± 19 4.52 ±0.02 
HD134985 5090 ±89 4.44 ±0.11 
HD134987 5740 ±23 4.30 ±0.04 
HD136352 5664 ± 14 4.39 ±0.02 
HD136713 4994 ±74 4.45 ±0.14 
HD 136894 5412 ±22 4.36 ±0.03 
HD137303 4756 ± 63 4.51 ±0.15 
HD137388 5240 ± 53 4.42 ±0.11 
HD 13 8549 5582 ± 19 4.44 ±0.03 
HD 140901 5610 ±21 4.46 ±0.03 
HD141937 5893 ± 18 4.45 ±0.03 
HD142022A 5508 ±32 4.35 ±0.05 
HD142709 4728 ±65 4.44 ±0.18 
HD143114 5775 ± 18 4.39 ±0.02 
HD143295 4987 ±55 4.43 ±0.10 
HD144411 4852 ±48 4.39 ±0.10 
HD144497 5022 ±58 4.50 ±0.11 
HD 1445 85 5914 ±22 4.35 ±0.02 
HD 144628 5085 ±34 4.51 ±0.06 
HD145598 5417 ±21 4.48 ±0.03 
HD145666 5958 ± 12 4.53 ±0.01 
HD145809 5778 ± 15 4.15 ±0.02 
HD146233 5818 ± 13 4.45 ±0.02 

£ [Fe/H] N(Fei,Fcn 
[kms-1] 

0.98 ±0.12 0.21 ±0.04 251,36 
0.88 ±0.12 0.03 ±0.04 259,35 
0.92 ±0.02 -0.23 ±0.01 255,33 
1.14 ±0.03 0.35 ±0.02 256,34 
0.81 ±0.03 -0.02 ±0.01 253,35 
0.85 ±0.03 -0.17 ±0.01 257,35 
0.77 ±0.15 -0.21 ±0.03 254,33 
0.68 ±0.14 -0.23 ±0.04 252,33 
1.13 ±0.02 -0.29 ±0.01 252,35 
1.01 ±0.02 0.22 ±0.02 253,35 
1.13 ±0.01 0.03 ±0.01 254,33 
1.22 ±0.02 -0.15 ±0.01 257,35 
0.79 ±0.07 -0.07 ±0.02 249,34 
1.12 ±0.01 0.14 ±0.01 246,35 
1.29 ±0.01 -0.12 ±0.01 252,35 
0.85 ±0.08 0.19 ±0.03 254,35 
0.80 ±0.09 -0.17 ±0.03 256,33 
0.77 ±0.03 -0.13 ±0.02 252,36 
0.83 ±0.02 -0.27 ±0.01 253,33 
1.04 ±0.28 0.18 ±0.07 253,36 
1.13 ±0.03 0.27 ±0.03 255,35 
0.70 ±0.10 -0.18 ±0.02 256,34 
1.10 ±0.02 0.06 ±0.01 257,35 
0.90 ± 0.01 -0.10 ±0.01 252,35 
0.71 ±0.02 -0.38 ±0.01 253,31 
0.69 ±0.25 -0.06 ±0.04 257,33 
0.90 ± 0.04 -0.02 ±0.02 254,35 
0.50 ±0.23 0.01 ±0.03 252,33 
0.71 ±0.24 -0.13 ±0.06 256,34 
0.69 ±0.04 -0.37 ±0.01 254,34 
1.10 ±0.01 0.14 ±0.01 253,35 
1.00 ±0.03 0.27 ±0.02 254,36 
0.99 ±0.02 0.10 ±0.01 253,35 
0.10 ±0.21 -0.60 ±0.05 195,20 
1.08 ±0.02 0.25 ±0.02 256,35 
0.90 ±0.02 -0.34 ±0.01 253,32 
0.94 ±0.20 0.07 ±0.05 258,35 
0.75 ±0.04 -0.10 ±0.02 257,34 
0.40 ±0.36 -0.35 ±0.04 256,30 
0.93 ±0.10 0.18 ±0.03 255,35 
0.87 ±0.03 0.00 ±0.01 254,35 
0.90 ±0.02 0.09 ±0.01 255,35 
1.00 ±0.02 0.13 ±0.01 253,35 
0.83 ±0.04 0.19 ±0.03 255,34 
0.84 ±0.22 -0.35 ±0.03 252,30 
0.92 ±0.03 -0.41 ±0.01 254,35 
0.89 ±0.14 -0.03 ±0.04 254,32 
0.05 ±0.71 -0.32 ±0.02 194,16 
0.82 ±0.15 -0.12 ±0.04 256,34 
1.15 ±0.02 0.33 ±0.02 257,34 
0.55 ±0.10 -0.41 ±0.02 254,32 
0.59 ±0.06 -0.78 ±0.02 249,31 
1.04 ±0.01 -0.04 ±0.01 251,35 
1.14 ±0.02 -0.25 ±0.01 255,34 
1.00 ±0.01 0.04 ±0.01 252,35 

Mass log ghipp Lum. planet 
[ M Q ] [cm s~2] [£©] host? 
0.845 0.423 4.54 no 
0.788 0.386 4.54 yes 
0.879 0.856 4.43 no 
1.059 1.697 4.20 no 
0.876 0.804 4.41 no 
0.899 0.700 4.51 no 
0.687 0.290 4.56 no 
0.729 0.281 4.61 no 
0.922 1.379 4.30 no 
0.984 1.158 4.33 yes 
1.077 1.587 4.33 yes 
1.042 1.463 4.38 no 
0.738 0.440 4.47 no 
1.130 1.531 4.38 yes 
1.065 2.606 4.11 no 
0.854 0.614 4.44 no 
0.727 0.354 4.54 no 
0.799 0.671 4.41 no 
0.885 0.580 4.56 no 
0.824 0.305 4.62 no 
1.047 2.364 4.05 no 
0.731 0.389 4.52 no 
1.126 1.334 4.44 no 
0.877 0.899 4.39 no 
0.759 0.727 4.39 no 
0.703 0.363 4.48 no 
0.876 0.491 4.56 yes 
0.703 0.397 4.45 no 
0.777 0.231 4.68 no 
0.741 0.531 4.47 no 
1.095 . 1.444 4.38 no 
0.983 1.120 4.33 no 
1.084 1.013 4.50 no 
0.524 0.325 4.43 no 
1.030 1.429 4.28 yes 
0.810 0.993 4.32 no 
0.740 0.313 4.56 no 
0.791 0.708 4.37 no 
0.511 0.205 4.50 no 
0.863 0.458 4.54 no 
0.999 0.622 4.59 no 
0.948 0.790 4.47 no 
1.073 1.157 4.44 yes 
0.907 0.942 4.34 yes 
0.720 0.151 4.77 no 
0.836 1.262 4.26 no 
0.814 0.269 4.66 no 
0.735 0.195 4.71 no 
0.722 0.312 4.56 no 
1.204 2.027 4.24 no 
0.686 0.294 4.59 no 
0.622 0.460 4.48 no 
1.085 1.060 4.50 no 
0.950 2.717 3.98 no 
1.013 1.040 4.44 no 



Star ID Tctr log gspec 
[K] [cm s -2] 

HD147512 5530 ± 15 4.40 ± 0.02 
HD147513 5858 ± 18 4.50 ± 0.03 
HD148303 4958 ±91 4.55 ±0.17 
HD150433 5665 ± 12 4.43 ±0.02 
HD151504 5457 ±31 4.36 ±0.04 
HD153851 5052 ±39 4.50 ±0.06 
HD154088 5374 ±43 4.37 ±0.07 
HD 154363 4723 ±89 4.41 ±0.24 
HD 154577 4900 ±37 4.52 ± 0.08 
HD 154962 5827 ±27 4.17 ±0.03 
HD157172 5451 ±27 4.39 ±0.05 
HD157338 6027 ± 13 4.44 ± 0.02 
HD157347 5676 ± 16 4.38 ±0.03 
HD157830 5540 ± 16 4.49 ±0.02 
HD159868 5558 ± 15 3.96 ±0.02 
HD 160691 5780 ±25 4.27 ±0.04 
HD161098 5560 ± 15 4.46 ±0.02 
HD161612 5616 ±22 4.45 ±0.04 
HD 162020 4861 ±77 4.48 ±0.16 
HD 162236 5343 ±25 4.43 ±0.04 
HD162396 6090 ± 19 4.27 ±0.02 
HD 165920 5339 ± 55 4.39 ±0.08 
HD 166724 5127 ±52 4.43 ±0.08 
HD 167359 5348 ±30 4.46 ± 0.05 
HD168159 4783 ±54 4.42 ±0.14 
HD 168746 5568 ± 17 4.33 ±0.03 
HD 168871 5983 ± 13 4.42 ±0.02 
HD169830 6361 ±25 4.21 ±0.03 
HD 170493 4751 ± 108 4.24 ±0.25 
HD171665 5655 ± 12 4.41 ±0.01 
HD171990 6045 ± 15 4.14 ±0.02 
HD172513 5500 ± 18 4.41 ±0.03 
HD 174545 5216 ±57 4.40 ±0.11 
HD176157 5181 ±42 4.41 ±0.07 
HD 176986 5018 ±59 4.45 ±0.11 
HD 177409 5898 ± 10 4.49 ±0.02 
HD177565 5627 ± 19 4.39 ± 0.03 
HD177758 5862 ±23 4.41 ±0.02 
HD 179949 6287 ±28 4.54 ±0.04 
HD 180409 6013 ± 18 4.52 ±0.02 
HD181433 4962 ± 134 4.37 ± 0.26 
HD 183658 5803 ± 17 4.40 ±0.02 
HD 183783 4595 ±73 4.29 ± 0.20 
HD 183870 5029 ±47 4.49 ±0.09 
HD185615 5570 ±20 4.34 ±0.03 
HD 186061 5016 ± 68 4.51 ±0.13 
HD 187456 4832 ±42 4.33 ±0.10 
HD188559 4786 ± 100 4.33 ±0.20 
HD 188748 5623 ± 17 4.43 ±0.03 
HD 189242 4913 ±46 4.46 ±0.08 
HD189567 5726 ± 15 4.41 ±0.01 
HD 189625 5846 ±22 4.43 ±0.03 
HD 190248 5604 ± 38 4.26 ±0.06 
HD 190647 5639 ±24 4.18 ±0.04 
HD 190954 5430 ±24 4.46 ±0.03 

[kms-1] 
0.81 ±0.02 -0.08 ±0.01 252,35 
1.03 ±0.02 0.03 ±0.01 252,34 
0.84 ±0.25 -0.03 ±0.06 256,33 
0.88 ±0.02 -0.36 ±0.01 255,33 
0.87 ±0.05 0.06 ± 0.02 258,34 
0.91 ±0.09 -0.25 ±0.03 250,33 
0.85 ±0.07 0.28 ±0.03 253,34 
0.52 ±0.31 -0.62 ±0.04 254,28 
0.42 ±0.19 -0.70 ±0.02 256,31 
1.22 ±0.02 0.32 ±0.02 257,35 
0.77 ±0.04 0.11 ±0.02 252,35 
1.17 ±0.01 -0.08 ±0.01 249,33 
0.91 ±0.02 0.02 ±0.01 255,35 
0.76 ±0.03 -0.25 ±0.01 255,32 
1.02 ±0.01 -0.08 ±0.01 255,36 
1.09 ±0.02 0.30 ±0.02 256,35 
0.79 ±0.02 -0.27 ±0.01 255,33 
0.88 ±0.03 0.16 ±0.02 257,36 
0.79 ±0.20 -0.10 ±0.05 257,34 
0.82 ±0.04 -0.12 ±0.02 254,34 
1.43 ±0.03 -0.35 ±0.01 244,32 
0.79 ±0.10 0.29 ±0.04 257,35 
0.79 ±0.11 -0.09 ±0.03 257,34 
0.67 ±0.06 -0.19 ±0.02 258,33 
0.99 ±0.18 -0.15 ±0.04 256,33 
0.81 ±0.02 -0.10 ±0.01 254,35 
1.17 ±0.02 -0.09 ±0.01 252,34 
1.56 ±0.02 0.18 ±0.02 257,35 
0.59 ±0.54 0.14 ±0.11 219,28 
0.89 ± 0.01 -0.05 ±0.01 254,34 
1.40 ±0.01 0.06 ±0.01 252,35 
0.79 ±0.02 -0.05 ±0.01 251,35 
0.88 ±0.13 0.22 ±0.04 254,35 
0.92 ±0.08 -0.16 ±0.03 255,34 
0.82 ±0.14 0.00 ±0.03 255,35 
0.99 ± 0.01 -0.04 ±0.01 254,35 
0.91 ±0.02 0.08 ±0.01 255,35 
1.11 ±0.04 -0.58 ±0.02 241,33 
1.36 ±0.03 0.21 ±0.02 248,34 
1.16 ±0.02 -0.17 ±0.01 255,35 
0.65 ±0.60 0.33 ±0.13 239,34 
1.00 ±0.02 0.03 ±0.01 257,35 
0.05 ± 1.38 -0.20 ±0.07 209,15 
0.78 ±0.12 -0.07 ±0.03 254,34 
0.84 ±0.03 0.08 ±0.02 255,35 
0.62 ±0.21 -0.02 ±0.04 252,34 
0.56 ±0.17 0.02 ±0.02 217,30 
0.65 ±0.31 -0.11 ±0.04 257,34 
0.83 ±0.02 -0.12 ±0.01 258,35 
0.56 ±0.14 -0.38 ±0.02 254,33 
0.95 ±0.02 -0.24 ±0.01 259,33 
1.03 ±0.02 0.18 ±0.02 257,35 
0.99 ± 0.05 0.33 ±0.03 259,35 
0.99 ±0.02 0.23 ±0.02 252,35 
0.63 ±0.05 -0.41 ±0.02 254,32 
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Mass iOgghlpp Lum. planet 
[M©] [cms -2] [LQ] host? 
0.844 0.774 4.40 no 
1.064 0.972 4.50 yes 
0.713 0.293 4.56 no 
0.803 0.972 4.32 no 
0.854 0.805 4.37 no 
0.697 0.323 4.54 no 
0.883 0.687 4.41 no 
0.676 0.113 4.87 no 
0.664 0.223 4.63 no 
1.275 2.994 4.07 no 
0.870 0.731 4.41 no 
1.047 1.483 4.36 no 
0.933 0.991 4.38 no 
0.844 0.600 4.52 no 
0.919 3.074 3.85 yes 
1.075 1.745 4.22 yes 
0.820 0.669 4.46 no 
0.966 0.820 4.46 no 
0.694 0.244 4.59 yes 
0.828 0.473 4.55 no 
1.029 2.866 4.09 no 
0.875 0.644 4.42 no 
0.826 0.336 4.62 no 
0.800 0.478 4.53 no 
0.749 0.196 4.69 no 
0.852 1.067 4.28 yes 
1.033 1.696 4.29 no 
1.420 4.490 4.11 yes 
0.645 0.248 4.51 no 
0.912 0.828 4.44 no 
1.347 4.158 4.03 no 
0.870 0.644 4.49 no 
0.798 0.621 4.37 no 
0.750 0.392 4.53 no 
0.733 0.331 4.54 no 
1.057 0.986 4.51 no 
0.936 0.878 4.42 no 
0.830 1.562 4.19 no 
1.285 1.815 4.43 yes 
1.032 1.132 4.47 no 
0.781 0.308 4.56 no 
0.990 1.208 4.36 no 
0.000 0.207 -inf no 
0.731 0.321 4.56 no 
0.907 0.853 4.40 no 
0.818 0.293 4.64 no 
0.642 0.264 4.51 no 
0.372 0.226 4.33 no 
0.908 0.685 4.52 no 
0.551 0.287 4.44 no 
0.872 0.987 4.37 no 
1.065 1.123 4.44 no 
0.993 1.223 4.28 no 
1.009 1.946 4.11 yes 
0.716 0.592 4.42 1 no 



174 APPENDIX A. THE HARPS GTO CATALOGUE - TABLE OF PARAMETERS 

Star ID Telf log gspec 6 [Fe/H] N(Fei,Feii) Mass loggAipp Lum. planet 

[K] [cm s -2] [kms-1] [Mo] [cm s -2] [£©] host? 

HD191847 5066 ±42 4.45 ±0.08 0.48 ±0.16 -0.12 ±0.03 254,32 0.816 0.298 4.65 no 

HD192031 5215 ± 16 4.39 ±0.05 0.04 ±0.49 -0.84 ±0.01 232,32 0.441 0.434 4.31 no 

HD192117 5479 ±35 4.48 ±0.06 0.75 ±0.06 -0.04 ±0.03 254,35 0.894 0.577 4.54 no 

HD192310 5166 ±49 4.51 ±0.09 0.97 ±0.11 -0.04 ±0.03 256,33 0.799 0.385 4.56 no 

HD 192961 4624 ± 73 4.31 ±0.19 0.58 ±0.34 -0.35 ±0.04 253,31 0.683 0.130 4.78 no 

HD193193 5979 ± 13 4.40 ± 0.02 1.15 ±0.01 -0.05 ±0.01 253,35 1.062 2.009 4.22 no 

HD 193 844 5007 ±40 4.44 ±0.08 0.48 ±0.14 -0.30 ±0.02 253,32 0.707 0.268 4.61 no 

HD 195302 5063 ±50 4.44 ±0.11 0.64 ±0.15 0.02 ±0.03 256,35 0.797 0.334 4.59 no 

HD195564 5676 ± 16 4.03 ±0.02 1.11 ±0.01 0.06 ± 0.01 253,34 0.999 2.720 3.97 no 

HD 196050 5917 ±23 4.32 ±0.02 1.21 ±0.02 0.23 ±0.02 255,35 1.150 1.801 4.28 yes 

HD 196761 5415 ± 16 4.43 ±0.03 0.76 ±0.03 -0.31 ±0.01 247,33 0.759 0.552 4.47 no 

HD196800 6010 ± 19 4.37 ±0.03 1.17 ±0.02 0.19 ±0.01 257,35 1.166 1.924 4.29 no 

HD197210 5577 ±20 4.42 ±0.04 0.86 ± 0.02 -0.03 ±0.01 251,35 0.901 0.713 4.48 no 

HD 197823 5396 ± 32 4.41 ±0.06 0.82 ±0.05 0.12 ±0.02 256,35 0.850 0.700 4.41 no 

HD198075 5846 ± 18 4.56 ±0.02 0.95 ±0.03 -0.24 ±0.01 258,34 1.036 0.734 4.61 no 

HD199190 5926 ± 17 4.26 ± 0.02 1.14 ±0.02 0.15 ±0.01 255,35 1.160 2.039 4.24 no 

HD 199288 5765 ± 19 4.50 ± 0.02 1.00 ±0.03 -0.63 ±0.01 252,34 0.761 0.965 4.33 no 

HD 199933 4730 ±69 4.32 ±0.16 0.64 ±0.26 -0.15 ±0.03 249,32 0.684 0.197 4.63 no 

HD199960 5973 ±26 4.39 ±0.05 1.13 ±0.03 0.28 ±0.02 252,35 1.178 1.864 4.29 no 

HD200505 5052 ±45 4.47 ±0.07 0.73 ±0.11 -0.45 ±0.03 255,32 0.677 0.275 4.60 no 

HD202206 5757 ±25 4.47 ±0.03 1.01 ±0.03 0.29 ±0.02 249,35 1.044 1.055 4.42 yes 

HD202605 5658 ±25 4.49 ±0.03 1.02 ±0.03 0.18 ±0.02 254,35 0.976 0.919 4.43 no 

HD203384 5586 ± 35 4.40 ±0.05 0.90 ±0.05 0.26 ± 0.02 257,35 0.970 0.835 4.44 no 

HD203413 4812 ± 80 4.39 ±0.18 0.74 ±0.29 0.01 ±0.06 253,34 0.470 0.244 4.41 no 

HD203432 5645 ±25 4.39 ±0.04 0.98 ±0.03 0.29 ±0.02 253,35 0.994 1.098 4.34 no 

HD203850 4879 ±41 4.51 ±0.10 0.36 ±0.23 -0.68 ±0.03 251,31 0.605 0.201 4.62 no 

HD204313 5776 ±22 4.38 ±0.02 1.00 ±0.02 0.18 ±0.02 255,35 1.021 1.191 4.37 yes 

HD204385 6033 ± 16 4.44 ±0.02 1.15 ±0.02 0.07 ±0.01 253,34 1.125 1.719 4.33 no 

HD204941 5056 ±52 4.48 ±0.09 0.71 ±0.12 -0.19 ±0.03 257,33 0.742 0.305 4.59 no 

HD205536 5442 ±23 4.38 ±0.04 0.77 ±0.04 -0.05 ±0.02 254,34 0.832 0.651 4.44 no 

HD206163 5519 ±22 4.43 ±0.03 0.94 ±0.03 0.01 ±0.02 251,35 1.015 0.557 4.62 no 

HD206172 5608 ± 14 4.49 ±0.03 0.77 ±0.02 -0.24 ±0.01 252,33 0.967 0.544 4.64 no 

HD207129 5937 ± 13 4.49 ±0.02 1.06 ±0.01 0.00 ±0.01 251,35 1.054 1.180 4.44 no 

HD207583 5534 ±27 4.46 ±0.03 0.99 ±0.04 0.01 ±0.02 256,35 0.930 0.634 4.53 no 

HD207700 5666 ± 18 4.29 ±0.03 0.98 ±0.02 0.04 ±0.01 256,34 0.950 1.443 4.22 no 

HD207970 5556 ±25 4.38 ±0.03 0.80 ±0.03 0.07 ±0.02 254,35 0.897 0.854 4.39 no 

HD208272 5199 ±40 4.42 ± 0.07 0.99 ±0.07 -0.08 ±0.03 256,33 0.760 0.433 4.50 no 

HD208487 6146 ± 19 4.48 ±0.03 1.24 ±0.02 0.08 ±0.01 252,35 1.181 1.583 4.42 yes 

HD208573 4910 ± 79 4.41 ±0.16 0.86 ±0.23 0.00 ±0.05 258,34 0.800 0.247 4.67 no 

HD208704 5826 ± 11 4.38 ±0.01 1.04 ±0.01 -0.09 ±0.01 253,35 0.961 1.343 4.31 no 

HD209100 4754 ±89 4.45 ±0.19 0.68 ±0.34 -0.20 ±0.04 256,31 0.614 0.203 4.58 no 

HD209458 6118 ±25 4.50 ±0.04 1.21 ±0.03 0.03 ±0.02 256,34 1.147 1.540 4.41 yes 

HD209742 5137 ±49 4.49 ±0.08 0.79 ±0.10 -0.16 ±0.03 252,34 0.733 0.375 4.53 no 

HD210277 5505 ±27 4.30 ±0.04 0.86 ±0.04 0.18 ±0.02 254,35 0.905 0.967 4.33 yes 

HD210752 5923 ±23 4.47 ±0.03 1.04 ±0.04 -0.57 ±0.01 236,34 0.837 1.224 4.32 no 

HD210918 5755 ± 12 4.35 ±0.02 0.99 ±0.01 -0.09 ±0.01 254,35 0.933 1.323 4.28 no 

HD210975 4749 ±41 4.37 ±0.16 0.05 ± 1.45 -0.43 ±0.02 252,29 0.693 0.159 4.74 no 

HD211038 4989 ±27 3.68 ±0.05 0.79 ±0.04 -0.25 ±0.02 254,33 0.663 3.554 3.46 no 

HD211369 4984 ±63 4.44 ±0.12 0.67 ±0.19 0.04 ±0.03 257,35 0.805 0.287 4.63 no 

HD211415 5850 ± 14 4.39 ±0.04 0.99 ±0.02 -0.21 ±0.01 253,35 0.932 1.098 4.39 no 

HD212301 6271 ±26 4.55 ±0.03 1.29 ±0.03 0.18 ±0.02 248,35 1.276 1.718 4.45 yes 

HD212563 5018 ±53 4.52 ±0.10 0.89 ±0.13 -0.02 ±0.04 256,34 0.823 0.287 4.65 no 

HD212580 5155 ±40 4.44 ±0.07 0.85 ±0.09 -0.11 ±0.02 255,34 0.822 0.349 4.61 no 

HD212708 5681 ±27 4.35 ±0.04 0.99 ±0.03 0.27 ± 0.02 256,35 1.003 1.112 4.36 no 

HD213042 4831 ±129 4.38 ±0.28 0.82 ±0.38 0.08 ±0.09 256,34 0.788 0.230 4.66 no 
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Star ID Teff loggspec f. [Fc/H] N(Fc i,Fe II) Mass log ghlpp Lum. planet 
[K] [cm s~2] [kms'1] [ M Q ] [cms -2] [LQ] host? 

HD213240 5982 ± 17 4.27 ±0.03 1.25 ±0.02 0.14 ±0.01 250,35 1.211 2.542 4.18 yes 
HD213575 5671 ± 13 4.18 ±0.02 1.02 ±0.01 -0.15 ±0.01 255,35 0.903 1.829 4.10 no 
HD213628 5555 ±20 4.44 ±0.03 0.82 ±0.03 0.01 ±0.01 254,35 0.922 0.677 4.51 no 
HD213941 5532 ± 18 4.41 ±0.03 0.72 ±0.03 -0.46 ±0.01 255,33 0.730 0.848 4.30 no 
HD214385 5654 ± 15 4.43 ±0.02 0.81 ±0.02 -0.34 ±0.01 254,33 0.806 0.938 4.34 no 
HD214759 5461 ±36 4.37 ±0.08 0.85 ±0.06 0.18 ±0.03 251,35 0.905 0.689 4.46 no 
HD215152 4935 ±76 4.40 ±0.14 0.68 ±0.21 -0.10 ±0.04 253,33 0.700 0.277 4.57 no 
HD215456 5789 ± 15 4.10 ±0.03 1.19 ±0.02 -0.09 ±0.01 259,35 1.005 2.775 4.00 no 
HD216435 6008 ±36 4.20 ±0.05 1.34 ±0.03 0.24 ± 0.03 252,35 1.332 3.468 4.09 yes 
HD216770 5424 ±51 4.38 ±0.07 0.91 ±0.09 0.24 ±0.04 260,35 0.891 0.735 4.41 yes 
HD216777 5623 ± 13 4.51 ±0.02 0.81 ±0.02 -0.38 ±0.01 252,33 0.808 0.651 4.49 no 
HD218249 5009 ±53 4.52 ±0.08 0.46 ±0.18 -0.40 ±0.03 251,33 0.731 0.241 4.67 no 
HD218511 4556 ±98 4.31 ±0.28 0.41 ± 1.05 -0.10 ±0.11 255,29 0.708 0.143 4.72 no 
HD218572 4785 ±50 4.54 ±0.13 0.50 ± 0.26 -0.56 ±0.03 255,28 0.680 0.163 4.73 no 
HD219077 5362 ± 18 4.00 ±0.03 0.92 ±0.02 -0.13 ±0.01 258,34 0.812 2.772 3.78 no 
HD219249 5482 ± 13 4.50 ±0.03 0.74 ±0.02 -0.40 ±0.01 251,33 0.762 0.539 4.50 no 
HD220256 5144 ±48 4.41 ±0.07 0.47 ±0.13 -0.10 ±0.03 256,33 0.703 0.506 4.38 no 
HD220339 5029 ±52 4.55 ±0.10 0.76 ±0.13 -0.35 ±0.03 256,33 0.666 0.292 4.56 no 
HD220367 6128 ±25 4.37 ±0.04 1.34 ±0.03 -0.21 ±0.02 255,34 1.082 2.478 4.18 no 
HD220507 5698 ± 17 4.29 ± 0.03 1.01 ±0.02 0.01 ±0.01 259,35 0.956 1.473 4.23 no 
HD221146 5876 ±24 4.27 ±0.04 1.09 ±0.03 0.08 ±0.02 252,34 1.165 2.270 4.18 no 
HD221287 6374 ±29 4.62 ±0.03 1.29 ±0.03 0.04 ± 0.02 250,35 1.296 1.622 4.51 yes 
HD221356 6112 ±37 4.53 ±0.04 1.12 ±0.05 -0.20 ±0.03 248,33 1.052 1.381 4.42 no 
HD221420 5847 ±22 4.03 ±0.03 1.28 ±0.02 0.33 ±0.02 257,35 1.393 3.916 4.00 no 
HD222237 4780 ±64 4.37 ±0.14 0.05 ±0.61 -0.38 ±0.04 222,25 0.479 0.216 4.46 no 
HD222335 5271 ±34 4.49 ±0.05 0.83 ±0.06 -0.20 ±0.02 257,33 0.766 0.439 4.52 no 
HD222422 5475 ± 18 4.46 ±0.03 0.73 ±0.03 -0.12 ±0.01 253,34 0.866 0.562 4.53 no 
HD222582 5779 ± 16 4.37 ± 0.03 1.00 ±0.02 -0.01 ±0.01 257,35 0.968 1.245 4.33 yes 
HD222595 5648 ± 16 4.46 ± 0.03 0.88 ±0.02 0.01 ±0.01 252,35 1.046 0.652 4.61 no 
HD222669 5894 ± 17 4.46 ±0.02 1.01 ±0.02 0.05 ±0.01 252,34 1.057 1.097 4.46 no 
HD223121 5077 ±81 4.34 ±0.16 0.74 ±0.17 0.05 ±0.04 254,36 0.883 0.303 4.68 no 
HD223171 5841 ± 18 4.20 ±0.02 1.12 ±0.02 0.12 ±0.01 258,34 1.191 2.475 4.14 no 
HD223282 5328 ± 19 4.49 ±0.03 0.60 ± 0.05 -0.41 ±0.01 253,34 0.698 0.472 4.47 no 
HD224393 5774 ± 17 4.54 ±0.04 0.84 ±0.03 -0.38 ±0.01 250,33 0.895 0.686 4.55 no 
HD224619 5436 ± 16 4.39 ±0.03 0.79 ±0.03 -0.20 ±0.01 254,33 0.790 0.613 4.44 no 
HD224789 5185 ±38 4.44 ±0.07 1.05 ±0.07 -0.03 ±0.02 253,34 0.783 0.412 4.53 no 
HD330075 5025 ±73 4.32 ±0.15 0.63 ±0.18 0.03 ±0.05 253,35 0.685 0.463 4.37 yes 
HIP21539 4578 ±83 4.33 ±0.21 0.25 ±0.89 -0.33 ±0.09 235,29 0.672 0.134 4.74 no 
HIP22059 4741 ±76 4.40 ±0.18 0.79 ± 0.23 -0.32 ±0.03 255,33 0.711 0.165 4.73 no 
HIP26542 4750 ± 62 4.48 ±0.15 0.65 ±0.23 -0.54 ±0.03 251,29 0.679 0.148 4.76 no 
HIP98764 4912 ±66 4.44 ±0.14 | 0.38 ±0.28 -0.28 ±0.04 255,32 0.762 0.207 4.72 no 
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Appendix B 

Atomic parameters for the large line list 

Table B. 1 : Atomic parameters and measured solar equivalent widths for Fe n and Fe i lines. 
This table is electronically available on CDS and also at the author wcbpage. 

-1(A) XI logg/ Ele. EW 0 (mA) 
4508.28 2.86 -2.403 Fell 87.3 
4520.22 2.81 -2.563 Fell 81.9 
4523.40 3.65 -1.871 Fel 44.2 
4531.62 3.21 -1.801 Fel 66.4 
4534.17 2.86 -3.203 Fell 53.7 
4537.67 3.27 -2.870 Fel 17.4 
4541.52 2.86 -2.762 Fell 71.5 
4551.65 3.94 -1.928 Fcl 29.1 
4554.46 2.87 -2.752 Fel 37.4 
4556.93 3.25 -2.644 Fel 26.3 
4561.41 2.76 -2.879 Fel 36.5 
4566.52 3.30 -2.156 Fel 46.2 
4574.22 3.21 -2.353 Fel 41.0 
4574.72 2.28 -2.823 Fel 59.6 
4576.34 2.84 -2.947 Fell 64.9 
4579.33 2.83 -3.024 Fel 27.3 
4582.84 2.84 -3.076 Fell 59.7 
4593.53 3.94 -1.921 Fel 29.5 
4596.41 3.65 -2.090 Fel 34.1 
4602.00 1.61 -3.163 Fel 72.2 
4602.95 1.49 -2.291 Fel 123.9 
4607.65 3.98 -0.754 Fel 90.0 
4620.51 2.83 -3.234 Fell 53.9 
4625.05 3.24 -1.222 Fel 96.7 
4629.34 2.81 -2.262 Fell 97.9 
4630.12 2.28 -2.488 Fel 74.3 
4631.49 4.55 -1.890 Fel 11.6 
4635.85 2.85 -2.384 Fel 55.5 
4656.98 2.89 -3.676 Fell 33.8 
4661.54 4.56 -1.186 Fel 38.5 
4670.17 2.58 -4.011 Fell 32.0 
4690.14 3.69 -1.550 Fel 58.8 
4741.53 2.83 -2.027 Fel 73.1 
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A (A) XI logg/ Ele. E W Q (mÂ) 
4749.95 4.56 -1.236 Fel 36.0 
4757.58 3.27 -1.988 Fel 56.3 
4772.82 1.56 -2.752 Fel 94.0 
4779.44 3.42 -2.162 Fel 41.4 
4780.81 3.25 -3.236 Fel 9.2 
4787.83 3.00 -2.532 Fel 42.8 
4788.76 3.24 -1-.791 Fel 67.0 
4789.65 3.55 -1.171 Fel 85.5 
4793.97 3.05 -3.464 Fel 8.6 
4794.36 2.42 -3.892 Fel 12.4 
4799.41 3.64 -2.073 Fel 35.9 
4802.52 4.61 -1.714 Fel 14.9 
4802.88 3.69 -1.527 Fel 60.4 
4808.15 3.25 -2.630 Fel 27.7 
4809.94 3.57 -2.542 Fel 19.4 
4811.05 3.07 -3.182 Fel 14.5 
4885.43 3.88 -1.136 Fel 72.5 
4905.14 3.93 -1.818 Fel 35.5 
4923.93 2.89 -1.541 Fell 154.3 
4924.77 2.28 -2.058 Fel 97.9 
4946.39 3.37 -1.049 Fel 103.7 
4952.65 4.21 -1.184 Fel 55.1 
4961.92 3.63 -2.301 Fel 26.7 
4962.58 4.18 -1.209 Fel 55.1 
4967.90 4.19 -0.720 Fel 82.9 
4993.70 4.21 -1.138 Fel 57.6 
4994.14 0.92 -3.171 Fel 105.3 
5044.22 2.85 -2.038 Fel 73.6 
5049.82 2.28 -1.432 Fel 149.3 
5054.65 3.64 -1.992 Fel 40.6 
5067.15 4.22 -0.860 Fel 73.0 
5068.77 2.94 -1.074 Fel 131.1 
5072.68 4.22 -0.983 Fel 65.9 
5074.76 4.22 -0.229 Fel 120.4 
5083.34 0.96 -3.047 Fel 111.3 
5088.15 4.15 -1.554 Fel 38.9 
5090.78 4.26 -0.514 Fel 93.8 
5107.45 0.99 -3.151 Fel 104.3 
5107.65 1.56 -2.600 Fel 105.7 
5109.65 4.30 -0.736 Fel 76.8 
5127.36 0.92 -3.317 Fel 99.4 
5129.63 3.94 -1.469 Fel 53.1 
5132.67 2.81 -4.008 Fell 24.6 
5141.74 2.42 -2.125 Fel 89.3 
5143.73 2.20 -3.811 Fel 22.3 
5151.91 1.01 -3.155 Fel 103.6 
5159.06 4.28 -0.846 Fel 71.2 

5180.06 4.47 -1.105 Fel 47.6 
5187.91 4.14 -1.202 Fel 57.9 
5194.95 1.56 -2.333 Fel 124.4 
5195.48 4.22 -0.441 Fel 101.8 

5196.06 4.26 -0.827 Fel 73.4 
5197.57 3.23 -2.293 Fell 80.1 
5197.94 4.30 -1.491 Fel 35.5 
5198.72 2.22 -2.164 Fel 97.4 
5217.40 3.21 -1.082 Fel 112.9 
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A (A) XI log gf Ele. EWQ (mA) 
5223.19 3.63 -2.252 Fel 29.4 
5225.53 0.11 -4.773 Fel 72.2 
5228.38 4.22 -1.095 Fel 60.0 
5229.86 3.28 -0.935 Fel 120.4 
5234.63 3.22 -2.235 Fell 83.5 
5242.50 3.63 -1.124 Fel 86.7 
5243.78 4.26 -1.022 Fel 62.2 
5247.06 0.09 -4.941 Fel 66.4 
5250.21 0.12 -4.870 Fel 68.0 
5253.02 2.28 -3.855 Fel 18.3 
5253.47 3.28 -1.591 Fel 77.6 
5256.94 2.89 -4.019 Fell 21.7 
5263.31 3.27 -0.864 Fel 127.9 
5264.81 3.23 -3.091 Fell 45.6 
5284.11 2.89 -3.132 Fell 57.6 
5288.53 3.69 -1.612 Fel 57.8 
5293.96 4.14 -1.747 Fel 30.6 
5294.55 3.64 -2.627 Fel 15.5 
5295.32 4.42 -1.518 Fel 29.3 
5361.62 4.42 -1.205 Fel 44.9 
5373.71 4.47 -0.841 Fel 62.8 
5376.83 4.29 -2.040 Fel 14.7 
5379.58 3.69 -1.552 Fel 61.2 
5386.34 4.15 -1.709 Fel 32.1 
5389.48 4.42 -0.534 Fel 84.6 
5395.22 4.45 -1.724 Fel 20.0 
5398.28 4.45 -0.684 Fel 73.3 
5401.27 4.32 -1.712 Fel 25.1 
5406.78 4.37 -1.429 Fel 35.8 
5409.14 4.37 -1.051 Fel 55.7 
5414.07 3.22 -3.568 Fell 26.9 
5417.04 4.42 -1.404 Fel 34.8 
5425.25 3.20 -3.234 Fell 41.1 
5427.81 6.72 -1.481 Fell 4.4 
5432.95 4.45 -0.729 Fel 70.6 
5436.30 4.39 -1.319 Fel 40.5 
5436.59 2.28 -3.267 Fel 43.7 
5441.34 4.31 -1.558 Fel 32.4 
5461.55 4.45 -1.570 Fel 26.1 
5464.28 4.14 -1.595 Fel 38.2 
5466.99 3.65 -2.141 Fel 34.2 
5473.17 4.19 -1.986 Fel 19.5 
5481.25 4.10 -1.203 Fel 60.5 
5491.83 4.19 -2.195 Fel 13.3 
5522.45 4.21 -1.419 Fel 44.0 
5525.12 3.27 -4.000 Fell 12.4 
5534.66 4.15 -2.391 Fel 9.7 
5534.85 3.25 -2.792 Fell 58.1 
5538.52 3.63 -2.090 Fel 37.7 
5543.94 4.22 -1.070 Fel 62.2 
5546.51 4.37 -1.124 Fel 52.0 
5547.00 4.22 -1.741 Fel 28.1 
5553.58 4.43 -1.321 Fel 38.8 
5560.22 4.43 -1.064 Fel 52.4 
5567.40 2.61 -2.594 Fel 60.8 
5577.03 5.03 -1.485 Fel 11.5 
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-1(A) XI logs/ Ele. EWQ (mÀ) 
5584.77 3.57 -2.189 Fel 35.8 
5587.58 4.14 -1.656 Fel 35.5 
5594.66 4.55 -0.858 Fel 58.3 
5618.64 4.21 -1.298 Fel 50.5 
5619.60 4.39 -1.435 Fel 35.0 
5633.95 4.99 -0.385 Fel 66.5 
5635.83 4.26 -1.556 Fel 35.1 
5636.70 3.64 -2.511 Fel 19.8 
5638.27 4.22 -0.809 Fel 77.6 
5641.44 4.26 -0.969 Fel 66.2 
5649.99 5.10 -0.785 Fel 36.2 
5651.47 4.47 -1.763 Fel 18.4 
5652.32 4.26 -1.751 Fel 26.3 
5653.87 4.39 -1.402 Fel 36.7 
5661.35 4.28 -1.828 Fel 22.5 
5662.52 4.18 -0.601 Fel 93.4 
5667.52 4.18 -1.292 Fel 52.4 
5679.03 4.65 -0.756 Fel 59.5 
5680.24 4.19 -2.330 Fel 10.3 
5701.55 2.56 -2.162 Fel 84.5 
5715.09 4.28 -0.847 Fel 72.5 
5720.90 4.55 -1.805 Fel 14.9 
5731.77 4.26 -1.124 Fel 57.8 
5738.24 4.22 -2.164 Fel 13.6 
5741.85 4.26 -1.626 Fel 32.0 
5752.04 4.55 -0.917 Fel 55.2 
5775.08 4.22 -1.124 Fel 59.8 
5778.46 4.15 -1.967 Fel 22.0 
5793.92 4.22 -1.622 Fel 34.0 
5806.73 4.61 -0.877 Fel 54.6 
5809.22 3.88 -1.614 Fel 50.4 
5811.92 4.14 -2.333 Fel 11.4 
5814.81 4.28 -1.820 Fel 23.0 
5815.22 4.15 -2.364 Fel 10.5 
5827.88 3.28 -3.147 Fel 11.7 
5852.22 4.55 -1.190 Fel 40.5 
5853.15 1.49 -5.130 Fel 7.5 
5855.08 4.61 -1.531 Fel 22.3 
5856.09 4.29 -1.572 Fel 33.4 
5862.36 4.55 -0.404 Fel 87.6 
5902.48 4.59 -1.797 Fel 14.2 
5905.68 4.65 -0.775 Fel 58.7 
5916.26 2.45 -2.920 Fel 54.2 
5927.79 4.65 -1.057 Fel 42.9 
5929.68 4.55 -1.211 Fel 39.5 
5930.19 4.65 -0.326 Fel 87.9 
5934.66 3.93 -1.091 Fel 76.4 
5956.70 0.86 -4.526 Fel 53.7 
5983.69 4.55 -0.719 Fel 67.2 
5984.82 4.73 -0.335 Fel 83.0 
5987.07 4.79 -0.478 Fel 70.2 
5991.38 3.15 -3.539 Fell 31.2 
6005.55 2.59 -3.479 Fel 22.4 
6024.06 4.55 -0.124 Fel 110.5 
6027.06 4.08 -1.178 Fel 64.4 
6034.04 4.31 -2.306 Fel 8.8 
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^(Â) XI log gf Ele. EWQ (mÂ) 
6035.34 4.29 -2.476 Fel 6.5 
6054.08 4.37 -2.237 Fel 9.1 
6056.01 4.73 -0.489 Fel 72.6 
6065.49 2.61 -1.616 Fel 117.9 
6078.49 4.79 -0.364 Fel 77.9 
6079.01 4.65 -1.008 Fel 45.8 
6082.72 2.22 -3.566 Fel 34.5 
6084.11 3.20 -3.774 Fell 20.9 
6089.57 4.58 -1.273 Fel 35.3 
6094.38 4.65 -1.566 Fel 19.9 
6096.67 3.98 -1.776 Fel 38.2 
6098.25 4.56 -1.755 Fel 16.5 
6113.32 3.22 -4.108 Fell 11.3 
6120.25 0.92 -5.894 Fel 5.2 
6127.91 4.14 -1.417 Fel 48.9 
6149.25 3.89 -2.719 Fell 36.2 
6151.62 2.18 -3.298 Fel 49.7 
6157.73 4.08 -1.238 Fel 61.5 
6159.38 4.61 -1.878 Fel 11.9 
6165.36 4.14 -1.502 Fel 44.5 
6173.34 2.22 -2.877 Fel 68.0 
6180.21 2.73 -2.632 Fel 55.8 
6187.99 3.94 -1.620 Fel 48.2 
6200.32 2.61 -2.397 Fel 73.0 
6213.44 2.22 -2.580 Fel 82.6 
6219.29 2.20 -2.463 Fel 89.6 
6220.79 3.88 -2.330 Fel 19.0 
6226.74 3.88 -2.069 Fel 29.2 
6229.24 2.85 -2.866 Fel 38.6 
6232.65 3.65 -1.240 Fel 83.3 
6238.39 3.89 -2.526 Fell 44.4 
6239.94 3.89 -3.448 Fell 12.2 
6240.65 2.22 -3.292 Fel 48.3 
6247.56 3.89 -2.347 Fell 52.2 
6265.14 2.18 -2.559 Fel 86.0 
6270.23 2.86 -2.573 Fel 52.8 
6290.98 4.73 -0.576 Fel 67.5 
6297.80 2.22 -2.777 Fel 73.5 
6303.46 4.32 -2.492 Fel 6.0 
6315.81 4.08 -1.645 Fel 40.5 
6322.69 2.59 -2.368 Fel 76.0 
6335.34 2.20 -2.339 Fel 97.2 
6336.83 3.69 -0.858 Fel 107.0 
6358.68 0.86 -3.907 Fel 84.4 
6369.46 2.89 -4.131 Fell 19.1 
6380.75 4.19 -1.322 Fel 52.2 
6385.72 4.73 -1.828 Fel 10.7 
6392.54 2.28 -3.942 Fel 17.8 
6407.29 3.89 -2.899 Fell 29.4 
6416.93 3.89 -2.625 Fell 40.5 
6430.85 2.18 -2.127 Fel 112.1 
6432.69 2.89 -3.572 Fell 41.0 
6442.97 5.55 -2.399 Fell 5.1 
6456.39 3.90 -2.110 Fell 63.0 
6481.88 2.28 -2.929 Fel 64.1 
6498.94 0.96 -4.627 Fel 1 46.1 
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«ATMÂTMà APURA* 
fACUlDÀDSt DS CltNCIAS 
'•mprnmioAog DO pos té 

-1(A) XI logg/ Ele. EWQ (mA) 
6516.09 2.89 -3.279 Fell 54.2 
6581.21 1.49 -4.706 Fel 19.0 
6593.88 2.43 -2.384 Fel 84.6 
6608.03 2.28 -3.967 Fel 17.4 
6609.12 2.56 -2.632 Fel 65.7 
6625.02 1.01 -5.284 Fel 16.1 
6627.55 4.55 -1.475 Fel 28.2 
6646.94 2.61 -3.915 Fel 10.3 
6653.86 4.15 -2.407 Fel 10.4 
6699.15 4.59 -2.106 Fel 8.2 
6703.57 2.76 -3.022 Fel 36.9 
6705.11 4.61 -1.057 Fel 46.5 
6710.32 1.49 -4.810 Fel 15.9 
6713.05 4.61 -1.514 Fel 24.3 
6713.20 4.14 -2.438 Fcl 10.0 
6713.74 4.79 -1.425 Fel 21.2 
6725.36 4.10 -2.187 Fel 17.6 
6726.67 4.61 -1.045 Fel 47.2 
6732.07 4.58 -2.144 Fel 7.7 
6733.15 4.64 -1.429 Fel 26.7 
6739.52 1.56 -4.902 Fel 11.7 
6745.11 4.58 -2.094 Fel 8.6 
6745.97 4.08 -2.657 Fel 7.2 
6750.16 2.42 -2.615 Fel 74.0 
6752.71 4.64 -1.234 Fel 35.8 
6786.86 4.19 -1.886 Fcl 25.5 
6793.26 4.58 -1.901 Fel 12.7 
6806.85 2.73 -3.103 Fel 34.7 
6810.27 4.61 -0.995 Fel 50.2 
6820.37 4.64 -1.134 Fcl 41.1 
6828.60 3.57 -1.871 Fel 55.5 
6833.23 4.64 -1.975 Fel 9.8 
6837.01 4.59 -1.732 Fel 17.3 
6839.84 2.56 -3.377 Fcl 29.9 
6842.69 4.64 -1.169 Fcl 39.3 
6843.66 4.55 -0.867 Fel 60.7 
6855.72 4.61 -1.674 Fcl 18.6 
6857.25 4.08 -2.075 Fel 22.4 
6858.15 4.61 -0.972 Fcl 51.6 
6861.94 2.42 -3.795 Fel 18.9 
6862.50 4.56 -1.437 Fel 29.9 
6864.32 4.56 -2.229 Fcl 6.8 
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